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Photometric Variability and Rotation in
Magnetic White Dwarfs

Katherine Anne Lawrie

ABSTRACT

This thesis explores the photometric variability in isolated magnetic white dwarfs (MWDs)
to search for spin periods. Approximately 40% of MWDs exhibit photometric modula-
tions as the star rotates due to the effects from a strong magnetic field or star spots. A
sample of 77 MWDs is studied to discover periods on timescales of minutes to one week.
Well-defined periods are determined in 12 MWDs, with periodsof roughly an hour to a
few days, and variability with poorly constrained periods is found in a further 13 stars.
MWD spin periods can provide important constraints for their post main-sequence evo-
lution and formation, and in particular, potential information on the influence magnetism
plays on the mass and angular momentum loss of the evolving star. A correlation has
emerged between the spin period and magnetic field strength and temperature, suggesting
hotter MWDs spin faster and have higher field strengths, characteristics possibly associ-
ated with MWDs that might have formed in binary mergers.

A similar investigation is carried out on longer timescales(months – years) for ten single
MWDs, which are stable on short timescales but were previously found to display modu-
lations between observing seasons. However, no significantvariability is detected in the
sample, although G 240-72 may display variations over months.

Finally, the spin period evolution over∼ 20 years is studied in the hot, massive, highly
magnetic, rapidly rotating MWD, RE J0317-853. A rate of period change is measured
asṖ = (9.6 ± 1.4) × 10−14 s/s which is most likely due to the orbital motion of the wide
binary pair of RE J0317-853 and LB 9802. Spin-down from magnetic dipole radiation
is ruled out as a possible mechanism. Periodic variations inthe expected arrival times
of maximum flux tentatively suggest a low-mass planetary companion may be orbiting
RE J0317-853.
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1
Introduction

This thesis investigates the photometric variability of isolated magnetic white dwarfs and

their rotation periods. In this chapter, I introduce the topic of white dwarfs and their basic

structure, how they form and evolve, and how they are classified. In addition, I discuss

the origin of magnetism in white dwarfs, how their field strengths can be measured and

some of their unique characteristics, such as their apparent higher than average masses

and their photometric variability, that can be used for determining rotation periods. Spin

periods of magnetic and non-magnetic white dwarfs can provide important constraints for

their post main-sequence evolution and formation, and morespecifically probe the influ-

ence that magnetism has on the stars’ mass and angular momentum loss. Furthermore,

the rotation and physical properties of magnetic white dwarfs can give insight into the

understanding of the origin of the magnetic fields in white dwarfs, linking with the for-

mation of cataclysmic variables and the double-degenerateprogenitor channel for Type

Ia supernovae.

1
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1.1 White Dwarfs

White dwarfs are essentially dying stars: the end point of stellar evolution for stars with

initial masses less than 8 solar masses (M⊙). They are the most common stellar remnant,

with approximately 98% (Wood 1992) of all stars ending theirlives as white dwarfs. They

typically have radii similar to the Earth’s, with masses around 0.6M⊙, which range from

as low as≈ 0.17M⊙ (Kilic et al. 2007; Kawka & Vennes 2009; Hermes et al. 2012) up

to a maximum mass of≈ 1.4M⊙, the Chandrasekhar limit. These properties make white

dwarfs very dense objects∼109 kg/m3 (in contrast the density at the core of the Sun is

∼1.5× 105 kg/m3).

The Discovery of White Dwarfs

The first white dwarf was discovered in 1783 by Friedrich W. Herschel orbiting the bright

main-sequence star 40 Eridani, along with another companion in a triple system, although

it was not recognised as a white dwarf at the time. A spectrum of the faint companion 40

Eri B, taken by Henry N. Russell, Edward C. Pickering and Williamina Fleming in 1910,

later revealed it to have a spectral type expected for an A-type star. Similarly, Adams

(1915) was most surprised when a spectrum of Sirius B indicated it was also a hot, blue-

white star, nearly three times hotter and almost 1,000 timesfainter than its host star Sirius

A. Both stars, with low luminosities and high temperatures,are located in the lower left

corner of the Hertzsprung-Russell diagram, which had previously been unoccupied. This

was an unexpected result as hot stars were supposed to have a higher luminosity than

cooler stars of the same size, and therefore 40 Eri B and Sirius B would have to be 100

times smaller than the Sun, implying they have enormous densities.

The first isolated white dwarf was later discovered by Adriaan Van Maanen in 1917. By

the 1950s, more than one hundred white dwarfs had been confirmed (Luyten 1950), and

thanks to surveys, such as the Sloan Digital Sky Survey (SDSS), the latest white dwarf

catalogue based on the SDSS data release 7 has identified nearly 20,000 white dwarfs

(Kleinman et al. 2013).
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The Basic Structure of White Dwarfs

A white dwarf has an electron degenerate core, which accounts for 99.99% of its mass and

is surrounded by a thin non-degenerate atmosphere, usuallyof hydrogen or helium. The

core is a plasma of degenerate electrons, and carbon and oxygen ions, leftover from the

progenitor star’s helium burning phase. White dwarfs cool at a roughly constant radius

throughout their lifetime, since the electron degeneracy pressure is only weakly dependent

on temperature. From the Pauli Exclusion Principle, no two electrons can share the same

energy state. Therefore, as the electron density increaseswith the contracting star, the

electrons must occupy higher available energy states. Onceall the states are filled and

the electrons can no longer be compressed together, a pressure is created, known as the

electron degeneracy pressure. Fowler (1926) demonstratedthat this degenerate pressure

could maintain hydrostatic equilibrium in white dwarfs against gravitational collapse. The

structure and unique characteristics of white dwarfs are dictated by its electron degenerate

matter.

Chandrasekhar (1931) determined that degenerate objects,such as white dwarfs, have an

inverse mass-radius relationshipR ∝ M−1/3, from equating the gravitational potential en-

ergy to the energy from electron degeneracy pressure. This implies that the more massive

the degenerate object, the smaller its radius will become. However, this degeneracy pres-

sure will only prevent the star from collapsing under its owngravitational force for white

dwarfs with masses below a certain limit. He determined the maximum mass for a non-

rotating body that can be supported by electron degeneracy pressure from gravitational

collapse, as≈ 1.4M⊙, known as the Chandrasekhar limit. Stars more massive than this

limit can no longer support themselves against gravity and will collapse to neutron stars

or black holes.
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1.1.1 White Dwarf Formation

Low to intermediate mass stars with initial masses≤ 8M⊙ will evolve into white dwarf

stars at the end of their lives (Weidemann & Koester 1983). A star, such as our Sun,

spends the majority of its lifetime on the main-sequence where it burns hydrogen into

helium in its core by nuclear fusion, producing energy. Thisprocess produces sufficient

pressure to keep the star in hydrostatic equilibrium, maintaining a roughly constant radius,

and preventing the star from collapsing under its gravitational force. A more massive star

will have a higher gravity and thus will burn its hydrogen fuel faster, illustrating that more

massive stars will have shorter lives on the main-sequence than less massive stars. For

example, a star like our Sun (with a mass of 1M⊙) will be on the main sequence for∼10

billion years, while a star ten times more massive (10M⊙) will spend only 30 million years

on the main sequence. Eventually, all main-sequence stars exhaust their hydrogen supply

in the core, leaving behind a helium core, at which point hydrogen burning in the core

ceases. Since the equilibrium is no longer being maintained, the helium core starts to

cool, causing the pressure to fall and consequently the stellar core to collapse (Schönberg

& Chandrasekhar 1942).

The typical evolutionary path for stars with an initial massbetween∼ 0.8−8M⊙ is shown

in Figure 1.1 on a Hertzsprung-Russell (H-R) diagram. Hydrogen burning continues in the

shell around the core, while the contracting stellar core converts the gravitational energy

into thermal energy, causing the temperature in the core to increase and thus increasing

the temperature of the surrounding material. The additional heat source accelerates the

hydrogen burning in the shell and the helium from the inner shell falls inward to the

core, causing the luminosity of the star to increase massively (∼100 times its previous

luminosity). The mass of the core increases, causing further contraction and increasing

the temperature. The outer envelope is then forced to expand, to compensate for the

increased heat in the core, where the star then becomes cooler and less dense. The drop in

temperature causes a convection zone to develop in the envelope, allowing more hydrogen
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to move up to the burning shell. At this point, the star is known as a “red giant” and is

located on the Red Giant Branch (RGB), as indicated in Figure1.1.

As the shell continues to burn hydrogen, the amount of heliumin the core increases,

causing it to contract further until the temperature and density are high enough to ignite

helium burning in the core. Helium begins fusing, producingcarbon and oxygen, via the

triple-α process. With the onset of helium burning, the core contraction ceases. The core

then expands and the rate of burning in the helium core and hydrogen shell slows down,

resulting in the atmosphere shrinking quickly. The star is now located on the Horizontal

Branch, where it is known as a “sub-giant”.

Once the helium in the centre is exhausted, the core contracts again until it is halted by

electron degeneracy pressure. The layers surrounding the core get hotter, due to the core

contracting, allowing helium burning to start in the shell.Again, the release of energy

from the helium shell burning is enormous (like the earlier hydrogen shell burning) and

the star’s atmosphere expands, where the star enters a second red giant phase, known as

the Asymptotic Giant Branch (AGB). At this point, the star comprises a carbon-oxygen

core, helium and hydrogen burning shells, all surrounded bya hydrogen envelope. The

expansion of the star causes the outer hydrogen-burning shell to cool, becoming inactive

for the meantime. As the star evolves along the AGB phase and the helium becomes

exhausted in the helium burning shell, the outer layers collapse, re-igniting the hydrogen

shell. This shell burning causes further helium to fall ontothe depleted helium burning

shell underneath, resulting in a series of “helium-shell flashes” and thermal pulses. The

outer stellar atmosphere is then later ejected as a Planetary Nebula. During this time, the

star moves horizontally from right to left on the H-R diagram, as the core contracts at

a constant luminosity until it is prevented from further collapse by electron degeneracy

pressure. The temperature increases from 5,000 K to>100,000 K and its surface gravity

increases. The lifetime of the Planetary Nebula is short, and within ∼100,000 years it

dissipates and is no longer visible. The remaining core, known as a “white dwarf”, is then

left to cool and fade.
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Figure 1.1: The evolutionary path for an intermediate mass star from the main-sequence
to the white dwarf cooling sequence on the Hertzsprung-Russell diagram (from Marsh
1995).

Low mass stars that reach the Horizontal Branch, and which are capable of burning helium

in their cores but do not have sufficient mass in the envelope to support helium burning

in the shell, are unable to ascend the AGB. Instead, these stars move along the Extended

Horizontal Branch (EHB), contracting at a constant luminosity until degeneracy pressure

dominates, halting their collapse. Here, the degenerate stars are known as “subdwarfs”.

For very low mass stars (< 0.5M⊙), the core does not have sufficient energy to ignite

helium burning and therefore the white dwarf remnant will have a core mainly composed

of helium. However, the evolutionary timescale for this to occur by single star evolution

is longer than the age of the Universe (Laughlin et al. 1997);therefore the helium white
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dwarfs that do exist must have been created from a binary masstransfer (Liebert et al.

2004). In this case, most of the progenitor star’s mass is stripped by its binary companion

before helium burning can start in the core.

At the other end of the spectrum, massive main-sequence stars with initial masses up to

10.5M⊙ (Iben et al. 1997) may be able to ignite carbon burning in the core once helium

burning ceases, resulting in oxygen-neon-magnesium core white dwarfs, although there

is considerable uncertainty where this occurs in the mass range. Furthermore, for stars

with high initial masses, the carbon burning in the core may be the beginning of succes-

sive nuclear reactions (that are highly dependent on the mass of the star), leading to the

evolutionary paths for creating neutron stars or black holes.

1.1.2 White Dwarf Classification

The core of a white dwarf is typically composed of carbon and oxygen, surrounded by a

thin helium envelope and then a thin outer layer of hydrogen.Heavy elements in the at-

mosphere quickly sink downwards due to the white dwarfs’ high surface gravity, leaving

behind atmospheres dominated by the lightest elements, hydrogen or helium (Schatzman

1958; Fontaine & Michaud 1979). The presence and strength ofabsorption lines in the

spectra of white dwarfs are used to classify the stars. The system currently used for clas-

sification was first introduced by Sion et al. (1983) and is shown in Table 1.1 (with a

few modifications). The uppercase “D”, at the start, stands for the degenerate nature of

white dwarfs, followed by the second letter corresponding to the primary spectroscopic

features in the optical spectrum. Subsequent letters can beincluded to denote secondary

spectral features, which appear in order of dominance. Finally, a temperature index (from

0 to 9) is calculated by dividing 50,400 K by the effective temperature of the white dwarf

(although it is not normally used when referring to the classof a white dwarf). For ex-

ample, a hydrogen dominated white dwarf showing Zeeman split hydrogen lines due to

a magnetic field, with an effective temperature of 10,000 K, can be denoted as DAH5
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(where the “H” indicates it is magnetic without a detected polarisation, see Table 1.1).

Approximately 80% of white dwarfs are hydrogen-rich atmosphere DAs and∼18% are

helium-rich atmosphere DBs, with the remainder making up the more exotic types, such

as those with carbon-dominated atmospheres (DQs) or those with metal polluted atmo-

spheres (DAZ/DZs).

Table 1.1: White dwarf spectral classifications.

Class Approximate Temperature Spectral Characteristics
Range (K)

H-rich
DA 6,000–100,000 Balmer lines only, no He or metal features

DAO >45,000 Balmer lines and weak HeII features

He-rich
DO 45,000–100,000 Strong HeII lines, some HeI or H present
DB 12,000–30,000∗ HeI lines, no H or metal features

DBA 12,000–30,000 HeI lines, weak Balmer lines present

C-rich Carbon features (atomic or molecular)
Hot DQ 18,000–24,000 Atomic CII lines

Warm DQ 12,000–18,000∗∗ Atomic CI lines, sometimes with Swan bands
DQ 6,000–12,000 C2 Swan bands

Cool WDs
DZ <6,000†; 10,000‡ Metal lines only, no H or He
DC <6,000†; 10,000‡ Continuous spectrum, no lines deeper than 5%

Additional Secondary Feature
P Magnetic with detectable polarisation
H Magnetic without detectable polarisation
V Variable
E Emission lines present
d Debris Disc

∗ Some “hot” DB white dwarfs have been discovered in the “DB gap” with 30,000 K<
Teff < 45,000 K (Kleinman et al. 2004; Eisenstein et al. 2006).
∗∗ Recently discovered by Dufour et al. (2013) in the SDSS DR7 catalogue.
† For a hydrogen-rich atmosphere.
‡ For a helium-rich atmosphere.
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1.1.3 White Dwarf Evolution

As white dwarfs age, cool and dim, their evolution follows a relatively simple cooling

track on a timescale on the order of 109 years. However, as Table 1.1 shows, there is a va-

riety of WD spectral types, some of which occur at different stages along the evolutionary

sequence. Standard stellar evolution predicts∼80% of white dwarfs form carbon-oxygen

cores with hydrogen envelopes, while the remainder have helium envelopes.

The evolution of hydrogen-dominated atmosphere DA white dwarfs appears straightfor-

ward. White dwarfs maintain pure hydrogen atmospheres as they cool until the tempera-

ture becomes low enough that convection zones develop (Teff ∼ 14,000 K, Bergeron et al.

1995). In most cases, the convection zone is too shallow to cause significant amounts of

helium and carbon to be dredged up to pollute the photosphere.

The evolution of helium-dominated atmosphere white dwarfsis, however, more com-

plex. These stars are thought to undergo a late helium flash atthe end of the AGB phase,

burning the remaining hydrogen in the envelope and mixing the core materials and the

helium layer. The star then begins to cool and the carbon and oxygen precipitate below

the photosphere due to the high surface gravity, leaving behind a hot, helium-dominated

atmosphere DO white dwarf. As the star cools further, any remaining traces of hydrogen

in the atmosphere move to the surface, resulting in the star appearing as a DA white dwarf

with a thin hydrogen atmosphere layer. This transition accounts for the apparent absence

of helium atmosphere DO or DB white dwarfs with effective temperatures in the range of

30, 000−45, 000 K (referred to as the “DB gap”, Liebert et al. 1986). However, Kleinman

et al. (2004) reported tentative detections for hot DBs in the “DB gap”. These were later

followed up and confirmed by Eisenstein et al. (2006), who also compared the ratio of

DA stars to DBs over a range of temperatures, and indeed foundthe “DB gap” is defi-

cient in helium atmosphere stars. With further cooling (Teff < 30, 000 K), the developing

convection zone mixes the massive helium layer underneath,bringing it to the surface,

where the star is, once again, observed as a helium-dominated DB or DBA white dwarf.
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Then, at effective temperatures of∼12,000 K, carbon from the core is brought upward to

the photosphere by deep convection zones, creating a cool, carbon-rich DQ white dwarf

(Pelletier et al. 1986; Dufour et al. 2005).

The carbon-dominated hot DQ white dwarfs are thought to havea similar evolutionary

track as the helium-dominated white dwarfs (Dufour et al. 2008b) but instead experience

a more violent late helium flash, burning both the hydrogen and helium layers, leaving

behind an atmosphere composite mixture of carbon and oxygen. The white dwarf then

re-appears as a hot DQ along the sequence atTeff ∼ 24,000 K, when the carbon convection

zone dilutes the thin helium layer. This is outlined in more detail in Chapter 3.

Ultimately, all white dwarfs cool to a point where no spectral features can be identified

at optical wavelengths, where they become known as DC white dwarfs. Overall, this is a

simplified version of white dwarf evolution, does not account for all the specific spectral

types and assumes no binary interaction has occurred.

1.2 Magnetic White Dwarfs

The possibility that white dwarfs could possess large magnetic fields was first suggested

by Blackett (1947), following the discovering of a magneticfield of ∼1500 G in an Ap

main-sequence star (78 Vir, Babcock 1947), assuming the magnetic flux could be con-

served during stellar evolution. However, magnetism in an isolated white dwarf was not

detected until the 1970s when Kemp et al. (1970) first detected strong circular polarisa-

tion at a level of 1–3% for the white dwarf, Grw+70◦8247. Subsequent discoveries soon

followed of the highly magnetic white dwarfs G 195-19 (Angel& Landstreet 1971) and

GD 229 (Swedlund et al. 1974), with large polarisation measurements of∼1% and 1−4%

respectively. For comparison, the Sun has an average magnetic field strength of∼1 G (or

10−4 Tesla, T).
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Since then, observations and surveys, including the SDSS, have detected several hundred

(>500) isolated white dwarfs with magnetic field strengths ranging from a few kG up to

1000 MG (Kleinman et al. 2013; Kepler et al. 2013; Külebi et al. 2009; Kawka et al. 2007;

Vanlandingham et al. 2005; Gänsicke et al. 2002; Wickramasinghe & Ferrario 2000).

Kleinman et al. (2013) recently found that∼3% of the white dwarfs in the SDSS DR7

catalogue have magnetic fields&2 MG, although this fraction is expected to be higher

when white dwarfs with weaker field strengths are included. Using spectropolarimetry

of 10 white dwarfs together with previous investigations (Aznar Cuadrado et al. 2004),

Jordan et al. (2007) estimated 11− 15% of white dwarfs have kilo-Gauss field strengths,

while Kawka & Vennes (2012), in contrast, found 5± 2% of white dwarfs have field

strengths.100 kG. In the Solar neighbourhood (within 13 pc of the Sun), Kawka et al.

(2007) estimate the incidence of magnetism is as high as 21±8%, while Liebert, Bergeron

& Holberg (2003) and Giammichele et al. (2012) found that≈10% of white dwarfs within

20 pc of the Sun have magnetic fields.

1.2.1 Methods for Measuring Magnetism in White Dwarfs

There are four main techniques for determining the magneticfield strength in white

dwarfs. These are briefly summarised in the following section but are beyond the scope

of this work. A more detailed review of these methods can be found in Wickramasinghe

& Ferrario (2000).

Zeeman Spectroscopy

The presence of a magnetic field affects the electron energy levels in atoms and causes

each spectral absorption feature to split into a distinctive triplet. The magnetic field has

no influence on the wavelength of the centralπ component of the Zeeman triplet, but the

two wing σ components are shifted, with one shifted to a longer wavelength (σ−) and

the other shifted to a shorter wavelength (σ+). The strength of the magnetic field can be

determined from the degree of separation between the central component and the wings
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Figure 1.2: Example SDSS spectra of three magnetic white dwarfs taken from Külebi
et al. (2009) of comparable effective temperatures (T ∼ 10, 000 K) with three different
magnetic field strengths. The red line is the best-fitting dipole model. For the weakest
field strength (B = 3 MG, lower panel), the Zeeman splitting is concentrated to the core
of the spectral lines, whereas for the intermediate field strength (B = 22 MG, middle
panel), the Zeeman splitting of the spectral lines covers a much broader wavelength. For
the strongest magnetic field (B = 761 MG, top panel), no Zeeman splitting is detectable
and the hydrogen lines are almost unrecognisable in comparison to the spectra at weaker
field strengths.

(π − σ). Zeeman splitting should be detectable for white dwarfs with fields&1 MG. This

method was first successfully utilised by Angel et al. (1974), who discovered resolvable

Zeeman splitting of the hydrogen lines in the white dwarf GD90, with a magnetic field of

9 MG. Figure 1.2 shows three example spectra of magnetic white dwarfs covering a range

of magnetic field strengths at 3 MG, 22 MG and 760 MG, illustrating the how the Zeeman

splitting of the lines changes for different field strengths.
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Zeeman Spectropolarimetry

An electron in an atom can be modelled as a linear harmonic oscillator. In the presence

of a magnetic field, the electron precesses about the field andcan be described as a com-

bination of a linear oscillator along the field (π component), a circular oscillator rotating

in the same manner as a free electron in the magnetic field (σ+ component) and another

circular oscillator rotating in the opposite direction (σ− component). The polarisation and

intensity of these three components can be used to determinenot only the magnetic field

strength, but also the direction of the field in the star. Theσ components will be circu-

larly polarised when observed along the direction of the magnetic field, linearly polarised

when viewed perpendicular to the field and elliptically polarised when viewed at all other

angles. Theπ component will be observed as linearly polarised at all viewing angles,

apart from when it is viewed along the field, where no intensity will be detected. Spec-

tropolarimetry is crucial for detecting low field strengths(.1 MG), where the spectral

resolution of the spectrum is insufficient to resolve the individual Zeeman components,

as the opposite circular polarisations can be measured for theσ+ andσ− components in

the wings of the triplet. This method has been used to measurefield strengths as small as

a few kilo-Gauss (e.g. Aznar Cuadrado et al. 2004; Jordan et al. 2007; Kawka & Vennes

2012).

Magnetic Field Broadening

The positions, strengths and polarisations of the Zeeman split line components are strongly

dependent on the magnetic field strength and its direction, which are expected to vary over

the stellar surface of a white dwarf. The field spread over thevisible surface can cause

broadening of the spectral lines, known as “magnetic field broadening”. The width of

the component due to the spread in the field can then be used to estimate the magnetic

field strength. An additional line broadening effect occursin the presence of an electric

field, referred to as “Stark broadening”, caused by the splitting of the spectral lines. For

weak magnetic field strengths (.1 MG), the Stark broadening of the spectral features is

the dominant effect, making the Zeeman splitting undetectable (Moran et al. 1998).
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Continuum Polarisation

A magnetic field influences the absorption and scattering processes in the stellar contin-

uum and consequently leads to atmospheric opacities dependent on the magnetic field

and its polarisation (known as magnetic dichroism). Therefore, the presence of a mag-

netic field can be determined from the degree of polarisationof the observed light from

the white dwarf, while the field strength can be estimated from the ratio of linear to cir-

cular polarisation. For example, the polarisation is mostly linear for frequencies below

the cyclotron resonance frequency (forB & 200 MG for optical wavelengths), and mainly

circular for frequencies above the cyclotron resonance frequency (forB . 200 MG for

optical wavelengths, Martin & Wickramasinghe 1982). This method of detecting and

characterising the magnetic field is particularly useful for white dwarfs with the highest

field strengths, where the spectral features have been washed out and cannot be identified.

Variations in the continuum brightness with changing field strength and direction can also

be utilised to measure the spin periods of single magnetic white dwarfs (see Chapter 2

and Brinkworth et al. 2013).

1.2.2 The Origin of the Magnetic Fields

Magnetism in white dwarfs could have formed from two possible channels: either a single

star evolution or from a binary merger. The magnetic fields may be fossil remnant fields

from their main-sequence progenitor stars or may be generated through a dynamo process

in the common envelope phase of the post main-sequence evolution during the merger of

a binary. The population of magnetic white dwarfs is most likely a mixture from the two

formation mechanisms.

Single Star Evolution

Early detections of magnetism in white dwarfs (e.g. Angel etal. 1981) led to the natural

conclusion that the magnetic field was a fossil remnant from the white dwarf’s progenitor

main-sequence star. Since the chemically peculiar main-sequence Ap and Bp stars are
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the only main-sequence stars with significant field strengths, ranging from∼ 102 − 104 G,

they were generally assumed to be the progenitors of magnetic white dwarfs. Zeeman

spectropolarimetry observations of these stars has shown that all Ap and Bp stars appear

to be magnetic (Aurière et al. 2007). Assuming the magneticflux is conserved during

the star’s contraction in the post main-sequence evolution(R2
i Bi = R2

WDBWD), weak and

undetectable main-sequence magnetic fields could become observable at the white dwarf

stage. The field strengths of Ap/Bp stars scale appropriately to the field strengths ob-

served for the high-field magnetic white dwarfs, with fields of ∼1 to 1000 MG, and con-

sequently, provided a natural progenitor link to the high-field magnetic white dwarfs. This

hypothesis was supported when only∼5% of white dwarfs were thought to be magnetic;

Angel et al. (1981) claimed that the observed space density of the high-field magnetic

white dwarfs was consistent with the space densities of the Ap/Bp stars as their progen-

itors. However, with the increasing numbers of spectropolarimetric and spectroscopic

surveys, Kawka et al. (2007) found the incidence of magnetism among the stellar popu-

lation, within 13 pc of the Sun, to be 21±8%, therefore illustrating that the Ap/Bp stars

were unlikely to be the only progenitor stars of the high-field magnetic white dwarfs. Ad-

ditionally, if the low-field magnetic white dwarfs are considered (Aznar Cuadrado et al.

2004; Jordan et al. 2007; Kawka & Vennes 2012), the possibility of the Ap/Bp stars

being the sole progenitors becomes increasingly remote. Wickramasinghe & Ferrario

(2005) thus explored other scenarios to explain the observed mass and field distributions

of the high-field magnetic white dwarfs, where the progenitors are not limited to groups

of main-sequence stars that are currently labelled as magnetic. They suggested that if

∼40% of main-sequence stars that are more massive than∼4.5M⊙ have magnetic fields

of 10−100 G, which is below the current detection level for most stars, then the mass dis-

tribution and observed percentage of high-field magnetic white dwarfs could be naturally

explained (Wickramasinghe & Ferrario 2005). To account forthe incidence of low-field

magnetic white dwarfs, Wickramasinghe & Ferrario (2005) suggest that their progeni-

tors may mainly be F stars; a different progenitor than for the high-field magnetic white

dwarfs. However, a model for the origin of magnetic fields in white dwarfs also needs
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to account for the occurrence of the observed higher-than-average mass in the high-field

magnetic white dwarfs (Wickramasinghe & Ferrario 2005).

Findings from Dobbie et al. (2013) regarding double-degenerate systems (consisting of a

high-field magnetic white dwarf) are compatible with the “fossil field” hypothesis. Dob-

bie et al. (2013) observed newly resolved components of two hot, double-degenerate sys-

tems, where each system consists of a hydrogen-rich, non-magnetic white dwarf and a

hydrogen-rich high-field magnetic white dwarf at wide separations (>100 AU). The pa-

rameters derived for the magnetic white dwarfs suggest their progenitors were perhaps

early-type stars ofMinit > 2M⊙, indicating a late B spectral type, where the incidence of

magnetism is at its highest along the main sequence (Ferrario & Wickramasinghe 2005).

They note, however, that the formation of high-field magnetic white dwarfs from close

binary interactions cannot be ruled out.

If the magnetism in white dwarfs originates from the evolution of single magnetic main-

sequence stars, then the same fraction of magnetic white dwarfs in detached binary sys-

tems might be expected. However, in the SDSS observations upto DR3, Liebert et al.

(2005) noticed that no magnetic white dwarf was found in a detached binary with a main-

sequence star. More recently, Rebassa-Mansergas et al. (2012) also found no magnetic

white dwarfs in detached binary systems with main-sequencestars amongst a sample of

2248 such binaries. This contrasts with the high proportion(∼25%, Wickramasinghe

& Ferrario 2000) of magnetic white dwarf primaries in close interacting accreting sys-

tems (magnetic cataclysmic variables, CVs). The absence ofmagnetic white dwarfs in

detached binary systems, combined with their much higher occurrence (∼25%) in close

interacting binaries, perhaps indicates that the origin ofstrong magnetic fields may be a

product of some part of the binary evolution and has a close link with the formation of

CVs.

Merger Evolution

Consequently, this led Tout et al. (2008) to propose that theprogenitors of single high-field
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magnetic white dwarfs have a binary star origin where the stellar cores merge in a common

envelope. As the giant star fills its Roche lobe, the unstablemass transfer between the

two cores leads to a envelope surrounding both the degenerate core and its companion

(most likely an unevolved, lower mass main-sequence star).Within the common envelope

the cores spin inwards, and energy and angular momentum are transferred outwards to

the envelope. Differential rotation occurs in the common envelope as the cores move

closer together and their orbital period decreases. In the presence of differential rotation

and convection in the common envelope a stellar magnetic dynamo is generated. The

magnetic field can penetrate the surface of the core and as it later cools and contracts, the

field becomes frozen in the core. If the cores are closer at theend of the common envelope

evolution, the differential rotation in the common envelope is greater, and therefore a

stronger magnetic field is expected (Tout et al. 2008). As a result, the stars that merge

will appear from the common envelope phase with the strongest magnetic fields, while

magnetic CVs will be the result of those systems that almost merged in the common

envelope. This hypothesis assumes that any fossil magneticfield present in the binary

system will either be destroyed in the common envelope phaseor act as a seed field for

the magnetic dynamo.

As the star emerges from the common envelope phase it should rotate rapidly, but then

spin down quickly due to magnetic braking within 104−105 years (Tout & Pringle 1992).

Furthermore, once the giant envelope dissipates the high-field magnetic white dwarf is

no longer expected to rotate quickly. As a result, this mechanism accounts for the “slow

rotator” magnetic white dwarfs with suspected periods of&100 years, but not for the stars

with rapid rotation periods (e.g. SDSS J2257+0755 withP ≈ 1354 s, Chapter 2).

However, simulations have since shown that while strong field strengths may be trans-

ferred to the degenerate core, once the common envelope is ejected, the magnetic field

decays rapidly and is quickly lost (Potter & Tout 2010). Therefore, this mechanism could

produce weaker magnetic fields, but far more energy than the system could yield would

be required to generate the strongest white dwarf field strengths. As an exception to this,
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Potter & Tout (2010) also noted that some particular orientations of the magnetic dynamo

could produce stronger magnetic fields.

Similarly, Garcı́a-Berro et al. (2012) show that high-fieldmagnetic white dwarfs can be

created from the merger of two degenerate cores. Their simulations indicate that magnetic

fields on the order of 107 G, comparable to field strengths for high-field magnetic white

dwarfs, can be produced by a stellar dynamo in a hot, convective, and differentially rotat-

ing corona in the outer layers of the remnant, following the merging of double-degenerate

cores. Simulations by Lorén-Aguilar et al. (2009) yield high field strengths of∼ 1010 G,

demonstrating that the energy available in the convective corona is sufficiently large to

produce strong magnetic fields. Even if the efficiency of converting the total energy in

the convective shell to magnetic energy is as low as 0.1%, thefield strengths are still

comparable to those of typical high-field magnetic white dwarfs (∼ 107 G). Furthermore,

Garcı́a-Berro et al. (2012) claim their model also accountsfor the wide variety of spin

periods observed for high-field magnetic white dwarfs (i.e.both slow and fast rotators),

from the angle between the magnetic axis and rotation axis. For example, a magnetic

white dwarf will rapidly spin-down (becoming a slow rotator) on short timescales by

magnetic dipole radiation if the rotation and magnetic axesare not aligned, while the

magnetic white dwarf will remain a fast rotator if the axes are near alignment.

The merger hypothesis may explain the deficiency of high-field magnetic white dwarfs

in detached binary systems with late-type main-sequence stars, and their abundance in

interacting CVs.

1.2.3 Mass Distribution

In general, magnetic white dwarfs are thought to have highermasses than the average

mass of their non-magnetic counterparts. This could indicate that magnetic white dwarfs

either evolve from more massive main-sequence progenitor stars, or that they are more
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massive due to a binary merger (or both). High-field magneticwhite dwarfs form the

majority of the known magnetic white dwarfs and, as a group, have a higher mean mass

of ∼ 0.93M⊙ (Liebert et al. 2003) than their non-magnetic counterparts, which have a

mean mass of∼ 0.58M⊙ (Bergeron et al. 1992). To account for the higher mean mass,

high-field magnetic white dwarfs could have more massive progenitors on average than

the non-magnetic white dwarfs.

The distribution of magnetic white dwarfs shown in Figure 1.3 (created using the magnetic

white dwarf catalogue listed in Table A.1) peaks at masses of0.5 − 0.6M⊙, comparable

to the mean mass of non-magnetic white dwarfs at∼ 0.6M⊙ (e.g. Bergeron et al. 1992;

Liebert, Bergeron & Holberg 2005; Kepler et al. 2007). However, a considerable fraction

of the magnetic white dwarf population also appears to have masses of∼ 0.9M⊙. This

bimodal distribution may be indicative of the field strengths of the magnetic white dwarfs,

where the low-field stars have masses in the range from 0.5 to 0.6M⊙ (Jordan et al. 2007)

and formed from single star evolution, similar to their non-magnetic counterparts, while

the high-field stars have higher masses of 0.8 − 1.0M⊙ and evolved either from single

or binary star evolution. The high-field magnetic white dwarfs could have evolved from

different, more massive progenitor stars, in comparison tothe progenitors of the weaker

field white dwarfs: Wickramasinghe & Ferrario (2005) proposed that the progenitors of

the low-field magnetic white dwarfs may be F stars, whereas the progenitors of high-field

magnetic white dwarfs could be larger A/B stars. Therefore,a relationship between the

magnetic field strength and white dwarf mass may be expected,and may provide useful

insight into the progenitors of magnetic white dwarfs (explored in further detail in Chap-

ter 2). Alternatively, the magnetic field may inhibit the mass and angular momentum

loss during the post main-sequence evolution, hence leaving behind a higher mass white

dwarf, perhaps also meaning that magnetic stars have a different initial-final mass rela-

tion. Observations of white dwarfs in clusters provide a unique opportunity to test this

relationship and the influence of magnetism. So far, only onemagnetic white dwarf has

been discovered in a cluster, which is WD 0836+2011 (EG59) in the Praesepe cluster. The

1Casewell et al. (2009) warns this star has been mislabelled in previous work (e.g. Claver et al. 2001;
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magnetic white dwarf has an estimated mass of 0.82±0.05M⊙ (Külebi et al. 2009), while

the non-magnetic white dwarfs in the cluster have an averagemass of 0.77M⊙ (calculated

from the masses listed in Casewell et al. 2009). The magneticwhite dwarf lies slightly

above the rest of the Praesepe white dwarfs in the initial mass – final mass plot for the

cluster (see Fig. 7 in Casewell et al. 2009).

Finally, the magnetic white dwarfs in the high-mass tail of the distribution (> 1.2M⊙)

may be merger products, of which some may have resulted from adouble-degenerate

merger. These stars could potentially provide important model constraints for the pro-

genitor masses required for the formation of some Type Ia supernovae via the double-

degenerate channel, while the numbers of high-field magnetic white dwarfs may help

resolve the discrepancy between predicted and observed Type Ia supernovae rates, and

bring them in closer agreement (Ruiter et al. 2009). The massdistribution for high-field

magnetic white dwarfs may also further the understanding ofthe circumstances for the

failed Type Ia supernovae, which produce white dwarfs. For example, if RE J0317-853

formed from a double-degenerate merger (M ∼ 1.35M⊙), it may have narrowly missed

becoming a Type Ia supernova.

Mass estimates have been made for few magnetic white dwarfs.For low-field stars, their

masses can be determined from spectral fitting of atmospheric models, where a zero mag-

netic field is assumed. However, this cannot be achieved accurately for high-field mag-

netic white dwarfs, where spectral features can be affectedby the presence of a magnetic

field, and thus modelled inappropriately. Parallax measurements fromGaia will be rev-

olutionary, allowing mass estimates to be determined for the entire sample of magnetic

white dwarfs. An accurate parallaxπ (in arcseconds) for white dwarfs fromGaia will

yield a measurement of the distance (in parsecs) to the star sinced = 1/π. The luminosity

of the star is determined using the distance to the white dwarf and its apparent magnitude.

The radius of the star can then be estimated using Stefan-Boltzmann’s law (assuming the

Dobbie et al. 2006) and should not be confused with WD 0837+199 (EG61).
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star emits black body radiation),

L = 4πR2σT4, (1.1)

whereL is the star’s luminosity,R is the radius of the star,σ is the Stefan-Boltzmann

constant andT is the effective temperature of the star. In combination with spectroscopic

observations, a comparison between an observed spectrum ofa white dwarf and model

atmospheres gives an estimate of the white dwarf’s surface gravity logg and effective

temperatureT. The width of the spectral lines depends on the density of thestar’s atmo-

sphere, and therefore the surface gravity. Assuming, the core is degenerate, the theoretical

mass-radius relation can be utilised to determine the mass of the white dwarf for a partic-

ular core composition (but this approach cannot be used to test the mass-radius relation).

Alternatively, the estimate for the surface gravity and radius can be used to calculate the

mass usingM = gR2/G, without requiring the mass-radius relation. Provencal etal.

(1998) outlined different methods for determining white dwarf masses usingHipparcos

parallaxes.

The ability to accurately determine masses of magnetic white dwarfs will be hugely signif-

icant in determining whether there are two distinct progenitor populations making up the

magnetic white dwarf sample, the influence of magnetism during the post main-sequence

evolution, and if there is a relationship between the mass and field strength.

1.2.4 Field Distribution & Structure

The field structure of magnetic white dwarfs is typically modelled with an offset dipole

structure, where the dipole is shifted from the centre alongthe dipole axis, rather than

with a centred dipole model. Evidence of Zeeman splitting inspectroscopic observations

suggests that magnetic white dwarfs have complex non-dipolar fields (Wickramasinghe &

Ferrario 2000). For example, Külebi et al. (2009) modelledspectra of 141 DAH magnetic
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Figure 1.3: Mass distribution of magnetic white dwarfs listed in the catalogue in Table
A.1 (black outline). The darker shaded region is the mass distribution of the low-field
magnetic white dwarfs (B < 1 MG) and the lighter shaded region is the mass distribution
of the high-field magnetic white dwarfs (B > 1 MG). The mass distribution of the high-
field stars covers a wider range of masses than the low-field magnetic white dwarfs. Note
– There is one magnetic white dwarf that is included in the overall distribution, but not in
the separate distributions with magnetic field, as it has an unknown field strength.

white dwarfs from the SDSS, and found that, in all cases, the offset dipole models yielded

significantly better fits than the centred dipole models. In addition, they found appropri-

ate model fits could not be obtained for the magnetic white dwarfs with the highest field

strengths, indicative of a more complicated field structure. Using flux and circular po-

larisation spectroscopy, Euchner et al. (2005) performed aZeeman tomographic analysis

and revealed that HE 1045-0908 has a complex field structure,dominated by a quadrupole

with additional dipole and octupole contributions.

The offset dipole model is not suitable in all cases, and for WD 1953-011 (Maxted et al.

2000) and PG 1031+234 (Latter et al. 1987), the spectra can bemodelled with a spot-like

field enhancement, where the spectra at some phases is fit witha centred dipole model but

at other phases requires a much stronger field strength.
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1.2.5 Rotation Periods & Variability

Conservation of angular momentum as the core contracts during the post main-sequence

evolution suggests white dwarfs should rotate rapidly, near their break-up value, similar

to neutron stars. Assuming a simple spherical rotating star, with a typical mass ofM =

0.6M⊙ and radius ofR= 0.009R⊙, the break-up velocity equates to≈ 3.5× 106 m/s and a

rotation period of 11 s. No spin periods of white dwarfs have ever been measured as fast as

their break-up value, indicating there must be significant angular momentum loss during

the post main-sequence evolution, with angular momentum efficiently transferred from

the core to the outer envelope (as proposed by Spruit 1998, 2002). Spruit (1998) suggested

that if the magnetic field locks the white dwarf to the envelope, the angular momentum

would be lost quickly, yielding slow rotators. Meanwhile, King et al. (2001) proposed

that double-degenerate mergers may cause white dwarfs to bespun up, producing rapid

rotators (P∼minutes). Magnetic white dwarfs may also rotate more slowlythan their

non-magnetic counterparts, as the magnetic field could cause magnetic braking as the star

evolves. Observations show that isolated non-magnetic andmagnetic white dwarfs are

both generally slow rotators. For example, Heber et al. (1997) estimated upper limits

for the projected rotational velocities of a sample of DA white dwarfs using the narrow

Hα line cores. They found that none of the projected velocitiesor upper limits exceeded

60 km/s, and were consistent with rotation periods greater than one hour. Although their

sample covered a broad range of masses with a mean of≈ 0.6M⊙, they concluded that

isolated DA white dwarfs are slow rotators, regardless of mass.

Non-Magnetic White Dwarfs

Rotation velocities can be estimated for non-magnetic white dwarfs using the spectral line

cores in high-resolution spectroscopic observations, andare found to have periods up to

∼1 day (e.g. Heber et al. 1997; Koester et al. 1998; Karl et al. 2005; Berger et al. 2005).

However, these measurements often only provide upper limits, as the spectral lines usually

suffer from considerable broadening due to the strong gravitational field. Pulsating white
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dwarfs also appear to consistently have rotation periods of∼1 day (Kawaler 2004), mea-

sured from rotational splittings in the pulsations, which typically have oscillation modes

of 140− 4000 s (Winget & Kepler 2008; Hermes et al. 2012).

Magnetic White Dwarfs

Rotation periods of magnetic white dwarfs can be measured through variability in spec-

troscopic, polarimetric and photometric observations. Rotation in a magnetic white dwarf

was first discovered by Angel & Landstreet (1971) in G 195-19,from measuring periodic

variations in its circular polarisation. Since their discovery, well-constrained spin periods

have been determined for 32 magnetic white dwarfs using the variations in their polar-

isation, spectra and photometry with time. Known rotation periods for magnetic white

dwarfs range from 725 s (for RE J0317-853, Barstow et al. 1995; Ferrario et al. 1997a)

up to 17.9 days (for KUV 813-14, Schmidt & Norsworthy 1991). There is a subset of five

highly magnetic white dwarfs thought to be very slow rotators with periods greater than

100 years (West 1989), as no variability has been detected intheir spectral or polarisa-

tion observations taken over decades; however, the absenceof variability could also be

due to a rotationally symmetric magnetic field geometry. Rotating magnetic white dwarfs

provide a unique opportunity to better understand the rotational behaviour of the whole

population of white dwarfs, and thus the mechanisms required for angular momentum

loss during post main-sequence evolution. Ferrario & Wickramasinghe (2005) suggested

that the rotation periods measured for magnetic white dwarfs appear to be divided into

three sub-groups: very slow, highly magnetised rotators with long periods of 100 years;

intermediate rotators with periods of approximately hoursto days; and strongly magne-

tised fast rotators. However, these divisions are only a result of observations and it is

unknown whether they are even real sub-groups, caused by different evolutionary paths

and underlying physical processes. Ferrario & Wickramasinghe (2005) revealed there

may be a relationship between the magnetic field strength andthe rotation period, where

the larger the magnetic field, the longer the spin period, forthe high-field magnetic white

dwarfs that formed by single star evolution (discussed further in Chapter 2). It is likely
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that the magnetic white dwarfs consist of two populations: those from a single star evolu-

tion and those resulting from a binary star merger, suggesting there may be a wide variety

of rotation periods exhibiting different characteristicsand relationships with their physical

parameters, depending on their evolutionary path.

Variability

Spectral variability can be observed from changes in the Zeeman split components, caused

by changes in the magnetic field strength. Approximately 40%of magnetic white dwarfs

show signs of photometric variability as the star rotates (Brinkworth et al. 2013, and

see Chapter 2). Photometric modulations can be exhibited inhigh-field magnetic white

dwarfs due to the effects of magnetic dichroism: the dependence of the continuum opacity

on the surface field strength (Ferrario et al. 1997a). For example, RE J0317-853 shows

photometric fluctuations of∼10% at optical wavelengths as it rotates, perhaps due to

the effects of magnetic dichroism (Ferrario et al. 1997a), where its field strength varies

between 180− 800 MG across the surface (Burleigh et al. 1999).

However, photometric variability has also been observed for the cool, low-field magnetic

white dwarfs (T < 12, 000 K), where the modulations have been attributed to star spots

on the surface of the white dwarf in a partially convective atmosphere, analogous to Sun

spots (Brinkworth et al. 2004, 2005). Star spots on the surface are caused by the suppres-

sion of convection in the stellar atmosphere due to the magnetic field. These star spots are

cooler and therefore darker than the surrounding atmosphere. As the star rotates and the

spot moves in and out of view, fluctuations are observed in thestar’s brightness. White

dwarfs become fully radiative at effective temperatures higher than 12, 000− 14, 000 K

for DA white dwarfs and 27, 000− 29, 000 K for DBs (e.g. Winget & Kepler 2008 and

references therein), and therefore magnetic white dwarfs below these temperature ranges

will have at least partially convective atmospheres, capable of forming star spots. This

effect is observed for WD 1953-011 (Teff ≈ 8000 K, B ≈ 70 kG), which exhibits sinu-

soidal variability of≈2% peak-to-peak amplitude with a period of 1.44 days, due to the

presence of a star spot covering∼10% of the surface (Maxted et al. 2000; Brinkworth
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et al. 2005). Photometric variability is not expected to be observed for magnetic white

dwarfs with high effective temperatures and low-field strengths, as they are too hot to

have a convective atmosphere in which star spots can form, and have field strengths too

weak for dichroism to have an effect. However, in Chapter 2, four magnetic white dwarfs

with these characteristics are found to display photometric modulations, showing there

must be another mechanism causing the variability that has not yet been explored. The

photometric fluctuations exhibited by some white dwarfs canalso be used as a method

for identifying previously undetected magnetic fields. Holberg & Howell (2011) found

unusual photometric variations of≈5% peak-to-peak amplitude, with a period of 6.1375 h

for a hot white dwarf in theKeplerfield. Later, high signal-to-noise spectra revealed the

presence of a magnetic field.

Photometric variability is also observed on short timescales by pulsating white dwarfs.

Pulsations are detected in instability strips along the white dwarf cooling track. Hydrogen-

rich DA white dwarfs pulsate in a temperature region between10, 850−12, 270K (referred

to as DAVs or ZZ Ceti stars), while the instability region forhelium-rich DB stars (the

DBVs or V 777 Her stars) is between 22, 000−29, 000 K. For hot pre-white dwarf PG 1159

stars, with mixtures of helium, carbon and oxygen in their atmospheres (the DOVs or

GW Vir stars), the region lies between 75, 000− 170, 000 K (see Winget & Kepler 2008,

and references therein, and Fontaine & Brassard 2008 for reviews). A fourth instabil-

ity strip lies around temperatures of 20,000 K for hot carbon-dominated atmosphere DQ

white dwarfs (Fontaine, Brassard & Dufour 2008; Dufour et al. 2008b, and see Chapter

3). The fluctuations in brightness arise at the temperature region where the atmosphere

evolves from being radiative to convective, i.e. between partial ionisation and recombina-

tion in the atmosphere, which excites low-order non-radialg-mode pulsations across the

instability strip.

In summary, white dwarfs appear to have rotation periods around a day, while periods

for magnetic white dwarfs seem to have a wider distribution.This may be indicative of

the influence of the magnetic field on the white dwarf, and the role it plays during the
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white dwarf formation and evolution. Precise measurementsof rotation periods for a

large sample of magnetic white dwarfs are required to test theories of mass and angular

momentum loss during the post main-sequence evolution, andto inform formation and

evolutionary scenarios that can explain their generally longer than expected spin periods.

1.3 Structure of Thesis

This thesis comprises six chapters. In the following chapter, I present optical time-series

observations of a sample of magnetic white dwarfs to obtain spin periods using their pho-

tometric variability. Chapter 3 discusses, in more detail,one of the interesting variable

magnetic white dwarfs (a hot, carbon-dominated atmospheremagnetic white dwarf) iden-

tified in Chapter 2, which shows modulations on a timescale ofdays. Observations from

a long term monitoring campaign of magnetic white dwarfs searching for rotation periods

on a timescale of months are shown in Chapter 4. In Chapter 5, Ipresent an “Observed

minus Calculated” analysis (O – C), using nearly 20 years of observations, of the excep-

tional magnetic white dwarf RE J0317−853, and explore the possible causes for a rate of

period change (̇P) in the O – C diagram. Finally, Chapter 6 contains concludingremarks

and outlines future projects on magnetic white dwarf research.



2
Photometric Variability and Rotation in

Magnetic White Dwarfs

In this chapter, I present results from a survey of 77 magnetic white dwarfs (MWDs) to

search for photometric variability and determine their rotation periods. The sample con-

sists of 24 bright (V< 16), isolated MWDs and 53 MWDs (r ′ < 18.5) discovered spectro-

scopically by the Sloan Digital Sky Survey (SDSS). The 2.5 m Isaac Newton Telescope in

La Palma is used to obtain photometric light curves for each target. Well-defined periods

of variability are determined in 12 isolated MWDs (16% of thesample), while variability

with poorly constrained periods is found in a further 13 stars (17%). A period of 7.72+0.58
−0.42

days is detected for LHS 5064, the second longest period measured for an isolated MWD.

Where periods of variability are determined, the magnetic field strength, temperature,

mass and cooling age are compared to search for correlationsbetween the parameters.

A relationship is detected between the spin period and field strength and temperature,

suggesting hotter MWDs spin faster and have higher magneticfields, characteristics as-

sociated with MWDs possibly forming in mergers. However, the sample is small and thus

conclusions on the correlations between parameters are limited.

28
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2.1 Background

Prior to this investigation, rotation periods had been measured for 23 MWDs (not includ-

ing the “slow rotators”), of which 10 were found through photometric variations, with

spin periods mostly of a few hours to days (e.g. Brinkworth etal. 2004, 2005, 2013; Hol-

berg & Howell 2011). As discussed in Chapter 1, the photometric variability is believed

to be caused by different mechanisms depending on the temperature and magnetic field

strength of the star. Generally, the modulations in brightness are thought to occur with the

rotation of the star, with the exception of some carbon-dominated hot DQ WDs, which

appear to exhibit non-radial pulsations on short timescales up to∼ 1000 s (explored in

Chapter 3).

A larger sample of well-determined spin periods for MWDs provides the opportunity to

search for correlations between intrinsic physical parameters of MWDs and their spin pe-

riods. If relationships exist between properties, there isthe potential to better understand

the evolution and formation of MWDs, the influence of magnetism on the post main-

sequence evolution, and how they compare with the non-magnetic white dwarf popula-

tion.

2.2 Observations

A sample of 77 MWDs was observed photometrically with the Isaac Newton Telescope

(INT) in six runs1 in 2-8 March 2009, 17-23 October 2009, 3-9 March 2010, 10-12 Febru-

ary 2011, 4-7 July 2011 and 27 March - 2 April 2012. One target was additionally

observed in May 2010. The sample consisted of 24 bright (V< 16), isolated MWDs

(selected from the 65 listed in Wickramasinghe & Ferrario 2000; see Table 2.1) and

53 MWDs (r ′ < 18.5) discovered spectroscopically in the SDSS (Table 2.2). The bright

1I was an observer for the March 2010 run, and the observer and principal investigator for runs in
February 2011, July 2011 and March 2012.
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MWDs were observed in the Harris V filter, apart from three targets, which were taken in

the SDSSr ′ filter (KUV 03292+0035, HE 0330-0002 and LHS 2229). The observations

of the SDSS MWDs were taken in the SDSSr ′ filter, except for SDSS J1250+1549 which

was taken in the SDSSz′ andi′ band. Exposure times ranged from 5 to 60 s for the bright

MWDs, depending on the magnitude of the target and the weather conditions. Exposure

times for the SDSS MWDs ranged from 30 to 180 s. The observing strategy was de-

veloped to search for both short term (minutes – hours) and long term (days) variability.

Each star was observed repeatedly for at least 30 minutes, then an hour later, three hours

later, a day later and 5− 7 days later. This also helped to break period aliases due to the

time sampling.

Isaac Newton Telescope (INT)

The 2.5 m INT is part of the Isaac Newton Group, located at the Roque de los Muchachos

Observatory in La Palma, Spain. The Wide Field Camera (WFC) was used on the INT

and mounted at prime focus. The WFC instrument offers the ability to achieve high-

resolution, deep wide-field optical imaging. For the purpose of this survey, it meant that a

sufficient number of stable comparison stars for the differential photometry analysis were

in the field-of-view. The INT WFC is a mosaic of four thinned 2k×4k pixel CCDs, with

a total field-of-view of 34×34 arcmin2 at 0.33 arcsec/pixel. The coordinates of the target

were positioned in the centre of CCD four.

The Sloan Digital Sky Survey (SDSS)

The SDSS is a redshift survey that uses multi-filter imaging and spectroscopy to observe,

primarily, galaxies and quasars. It began in 2000 and uses a dedicated a 2.5 m wide-angle

telescope at Apache Point Observatory in New Mexico and can image 1.5 square degrees

of the sky at a time. The SDSS telescope uses the drift scanning technique for observa-

tions, where the telescope is kept stationary and stars are imaged in small strips on the sky,

as they move across the focal plane of the CCD, as the Earth rotates. In this configura-

tion, the telescope shutter stays open and reads out continuously. This method maintains

consistent astrometry over the widest possible field and theprecision is unaffected by
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telescope tracking errors. Even though the main science objectives of the SDSS have not

been stellar astronomy, it has been vital to the developmentand progression of the field of

white dwarfs. Prior to the SDSS, just 65 isolated MWDs were known (Wickramasinghe

& Ferrario 2000). Since the SDSS started, more than 200 isolated MWDs have been cata-

logued (see Table A.1), with field strengths ranging from 10 kG up to 1000 MG (Gänsicke

et al. 2002; Schmidt et al. 2003; Vanlandingham et al. 2005; Külebi et al. 2009), and the

latest WD SDSS DR7 catalogue has identified more than 500 possible isolated MWDs

(Kepler et al. 2013).

The Catalina Sky Survey (CSS)

The Catalina Sky Survey (CSS) started in 1998, with the aim ofsearching for near-

Earth objects (NEOs) and, in particular, potentially hazardous asteroids. In addition, the

Catalina Real-time Transient Survey (CRTS) searches for optical transients in the data

(e.g. Drake et al. 2009). CSS utilises three telescopes: a 1.5 m and a 0.68 m located in

the Catalina Mountains in Arizona and a 0.5 m telescope at Siding Spring Observatory in

Australia. All telescopes are mounted with the same CCD technology, which has a field-

of-view of 8 square degrees. On a clear night, the main 1.5 m Catalina telescope covers

up to∼1200 square degrees of sky. Observations of a specific field are repeated four times

at regular intervals over∼30 minutes, with exposures of 30 s, allowing for variations on

timescales of minutes to years to be investigated. Each of the stars in the sample (listed in

Tables 2.1 and 2.2) were checked for possible observations by the Catalina Sky Survey.
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Table 2.2: List of 53 SDSS MWDs observed with the INT between October 2009 and March 2012.
N is the total number of observations taken for that target.

SDSS Target WD Epoch r′ N Bp Teff CSS Ref
(mag) (MG) (K) data?

SDSS J000555.91−100213.4 0003−103 Oct 2009 18.11 27 1.47 19420 yes 1,2,3
SDSS J001742.44+004137.4 0015+004 Oct 2009 17.21 40 8.3 15000 no 1
SDSS J002129.00+150223.7 0018+147 Oct 2009 17.97 30 530 7000 no 4,5
SDSS J014245.37+131546.4 0140+130 Oct 2009 17.99 30 4 15000 yes 1
SDSS J021116.34+003128.5 0208+002 Oct 2009 18.52 30 341 9000 yes 4,1
SDSS J021148.22+211548.2 0209+210 Oct 2009 17.21 43 166 12000 no 4,5
SDSS J030407.40−002541.7 0301−006 Oct 2009 17.95 27 11 15000 yes 4,6
SDSS J031824.20+422650.9 0315+422 Oct 2009 18.32 31 10.12 10500 no 4
SDSS J034511.11+003444.3 0342+004 Oct 2009 18.52 29 1.96 8000 yes 4,6
SDSS J080359.93+122943.9 0801+124 Mar 2010 17.53 15 40.7 9000 no 4
SDSS J085106.12+120157.8 0848+121 Mar 2010 17.14 15 2.03 11000 no 4
SDSS J085830.85+412635.1 0855+416 Mar 2010 16.89 15 3.38 7000 yes 4,1
SDSS J091005.44+081512.2 0907+083 Mar 2012 17.96 38 1.01 25000 no 4
SDSS J091437.40+054453.3 0911+059 Mar 2010 17.64 15 9.2 17000 no 4,5
SDSS J100356.32+053825.6 1001+058 Mar 2010 18.48 23 672 23000 no 4,5
SDSS J100759.80+162349.6 1005+163 Mar 2012 17.80 39 19 11000 no 4
SDSS J101529.62+090703.8 1012+093 Mar 2012 18.41 31 4.09 7200 no 4,5
SDSS J103532.53+212603.5 1032+214 Mar 2012 17.23 41 2.96 7000 no 4
SDSS J105709.81+041130.3 1054+042 Mar 2012 17.58 23 2.03 8000 no 4
SDSS J111341.33+014641.7 1111+020 Mar 2012 18.47 31 ? ? yes 1
SDSS J113357.66+515204.8 1131+521 Feb 2011 17.71 21 8.64 22000 yes 4,1
SDSS J113756.50+574022.4 1135+579 Mar 2012 16.75 28 5 7800 no 4,5
SDSS J113839.51−014902.9 1136−015 Mar 2012 17.73 27 22.7 10500 yes 4,1,7
SDSS J121456.39−023402.8 1212−022 Mar 2012 17.74 33 1.92 6000 yes 8,1
SDSS J123414.11+124829.6 1231+130 Mar 2012 17.32 58 4.32 8200 yes 4,5
SDSS J124806.38+410427.2 1245+413 Mar 2012 17.71 36 7 7000 no 4,5
SDSS J125044.42+154957.4 1248+161 Mar 2010 & 18.32 99 21 10000 yes 4,5

May 2010
SDSS J125715.54+341439.3 1254+345 Feb 2011 16.81 26 11 8500 yes 4
SDSS J132858.20+590851.0 1327+594 Mar 2012 18.25 29 18 25000 yes 5
SDSS J133340.34+640627.4 1332+643 Mar 2012 18.10 27 11 13500 yes 4,1
SDSS J133359.86+001654.8 1331+005 Mar 2012 18.33 23 ? ? yes 1
SDSS J134820.79+381017.2 1346+383 Mar 2012 18.04 32 13.7 35000 no 4
SDSS J141906.19+254356.5 1416+256 Mar 2012 17.46 27 2 9000 no 4
SDSS J142703.35+372110.5 1425+375 Feb 2011 17.91 29 27 19000 no 4,5
SDSS J143019.05+281100.8 1428+282 Mar 2012 17.68 39 9 9000 no 4
SDSS J150746.80+520958.0 1506+522 Jul 2011 17.27 50 65.2 18000 no 9
SDSS J150813.24+394504.9 1506+399 Mar 2012 17.75 15 13 17000 yes 4,5
SDSS J151130.17+422023.0 1509+425 Mar 2012 18.01 33 22 9750 no 4,5
SDSS J152401.59+185659.2 1521+191 Jul 2011 18.34 22 12 13500 no 5
SDSS J153843.10+084238.2 1536+085 Mar 2012 17.94 30 13 9500 no 5
SDSS J160437.36+490809.2 1603+492 Mar 2012 17.91 33 60 9000 yes 4,1
SDSS J164703.24+370910.3 1645+372 Jul 2011 17.92 38 2 16250 no 4,5
SDSS J204626.15−071037.0 2043−073 Jul 2011 17.90 46 2 8000 yes 4,1
SDSS J214930.74−072812.0 2146−077 Oct 2009 17.80 27 45 22000 yes 4,1
SDSS J215135.00+003140.5 2149+002 Oct 2009 17.84 32 ∼300 9000 no 1
SDSS J215148.31+125525.5 2149+126 Oct 2009 18.32 27 21 14000 no 4,1
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Table 2.2:continued

SDSS Target WD Epoch r′ N Bp Teff CSS Ref
(mag) (MG) (K) data?

SDSS J221828.59−000012.2 2215−002 Oct 2009 & 18.35 72 258 15500 no 4,1
Jul 2011

SDSS J224741.46+145638.8 2245+146 Oct 2009 17.62 35 42 18000 yes 4,1
SDSS J225726.05+075541.7 2254+076 Oct 2009 & 17.31 104 16.17 40000 yes 4

Jul 2011
SDSS J231951.73+010909.3 2317+008 Jul 2011 18.44 46 9 8300 no 4,5
SDSS J232337.55−004628.2 2321−010 Oct 2009 & 18.31 45 4.8 15000 yes 1

Jul 2011
SDSS J234605.44+385337.7 2343+386 Oct 2009 19.28 21 798 26000 no 4,5
SDSS J234623.69−102357.0 2343−106 Oct 2009 18.40 27 9.2 8500 no 4,5

REFERENCES.— (1) Schmidt et al. 2003; (2) Liebert et al. 2003; (3) Dufouret al. 2008b; (4) Külebi
et al. 2009; (5) Vanlandingham et al. 2005; (6) Gänsicke et al. 2002; (7) Foltz et al. 1989; (8) Reid,
Liebert & Schmidt 2001; (9) Dobbie et al. 2012.

2.3 Data Reduction

The data reduction was carried out using the INT Wide Field Survey pipeline (Irwin &

Lewis 2001), developed by the Cambridge Astronomical Survey Unit (CASU). A detailed

description of the process can be found in Irwin & Lewis (2001) and Irwin et al. (2007).

The pipeline performed a standard CCD reduction of bias correction, trimming of the

frames, a non-linearity correction, flat-fielding and gain correction. A master flat field

frame was constructed for each waveband by combining all theflats taken during the

observing run (usually from a few nights), for that given filter between 10,000 and 30,000

counts, and normalising by the median. Data taken at long wavelengths, i.e. ini′ and

z′ filters, with exposure times longer than 100 s were defringed. Fringe patterns were

caused by interference effects in the detector. A master fringe frame was constructed by

stacking a selection of unique pointings taken in the same filter with exposures longer

than 100 s, for which the best scale factor was determined to make the overall pattern

undetectable. To remove these fringe effects, the scaled fringe frame was then subtracted

from the science frames. An example of a defringed science frame and a master fringe

frame is given in Figure 2.1.
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Figure 2.1: Left: A close-up of a frame of SDSS J1250+1549 taken in thez′-band in
March 2010 corrected for fringe effects.Right: The masterz′ fringe frame for the same
region of the CCD.

This was followed by an astrometric calibration of each frame, where the point source

catalogue (PSC) from the Two-Micron All-Sky Survey (2MASS)was used as a reference

astrometric catalogue. To get optimal positions for the stars, and thus reduce the posi-

tioning error, the aperture positions were determined by accurately finding the relative

centroid positions of all stars in the frame. This was carried out by stacking ten frames

for each target field (taken in the best seeing and sky conditions) to create a master frame,

giving a master catalogue listing all of the sources and coordinates in the image with typ-

ical root-mean-square (rms) residuals of< 0.2 arcseconds. The master frame was then

used to determine the respective positions in the individual frames in the time series.

The background level was determined by dividing the image into a coarse grid and es-

timating the clipped median of the counts for each bin (bad pixels were rejected using

confidence maps). For a given pixel in the image, the background level was then cal-

culated using bilinear interpolation over the background grid. This technique has been

discussed in more detail in Irwin (1985).

For the aperture photometry, the flux and light curve for eachstar was initially calculated

for a range of increasing aperture radii (rcore/2, rcore,
√

2 rcore, 2rcore and 2
√

2 rcore, where

rcore was set to the typical FWHM and kept fixed for all of the data), where the rms

scatter was calculated for each aperture size. The aperturethat yielded the smallest rms
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for that star was chosen. Aperture corrections were then used to account for the different

amounts of flux due to the differently-sized apertures, allowing for the same zero-point

system to be used for all of the stars. The aperture corrections were calculated using

non-variable stars as ratios of the flux from the differently-sized apertures. To produce

light curves for each of the stars, differential photometrywas performed by normalising

the flux of each star with a combined flux from stable stars of comparable brightness in

the field-of-view. The flux measurements were then convertedto magnitudes using the

zero-point estimate. Fluctuations in the photometry due toatmospheric effects, such as

variations in transparency and extinction, were removed byfitting a 2D polynomial to

the magnitude residuals of each non-variable star in the field to determine a zero-point

correction. The photometric errors were calculated as the quadrature sum of the Poisson

noise in the object’s counts, Poisson noise in the sky, rms ofthe sky background fit and a

constant value of∼1.5 mmag to account for systematic errors. Irwin et al. (2007) discuss

the photometry and light curve production in more detail.

2.4 Analysis

2.4.1 Floating-mean Periodogram

A “floating-mean” periodogram (Cumming, Marcy & Butler 1999), also known as a gen-

eralised Lomb-Scargle periodogram, is used to search for periodicity in the light curves.

This technique involves fitting a sine wave plus a constant,

f j = A+ Bsin[ω(t j − t0)], (2.1)

to the data by minimisingχ2, for a given set of observation timest j, magnitude measure-

mentsyj and uncertaintiesσ2
j at trial frequencies, whereω = 2π f . The floating-mean

periodogram script is calledPGRAM, part of theRVANAL package written by Tom Marsh.
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The floating-mean periodogram allows the constant termA to vary with the fit and there-

fore treatsA as an additional free parameter, rather than fixing the zero-point and fitting

the sinusoid (i.e. whereA = 0 in Eq. 2.1). As discussed by Cumming et al. (1999),

this has the advantage over the Lomb-Scargle periodogram (Lomb 1976; Scargle 1982)

of remaining robust when the number of observations is small, the sampling is uneven or

if the period is comparable to, or longer than, the length of the observations. The resultant

periodogram is an inverted plot of theχ2 of the sinusoidal fit at each frequency, although

the periodogram power can also be plotted as a function of frequency (or period).

The power of the floating-mean periodogramz(ω) is calculated using the expression

(Cumming et al. 1999; Cumming 2004),

z(ω) =
(N − 3)

2

χ2
N−1 − χ2(ω)

χ2(ω0)
, (2.2)

where,

χ2(ω) =
N

∑

j=1

[yj − f j]2

σ2
j

(2.3)

is theχ2 of the fit as a function ofω frequencies (ω = 2π f ) andω0 is the best-fitting

frequency (i.e. the frequency that gives the maximum periodogram power or the minimum

χ2). Therefore,χ2(ω0) is the χ2 for the best-fitting frequency,χ2
N−1 is theχ2 for the

weighted constant fit (weighted sum of squares about the mean), N is the number of data

points. The powerz(ω) is normalised by theχ2 of the best-fitting sinusoidχ2(ω0).

The uncertainty in the period measurementσP is estimated using the frequency bound-

aries obtained when theχ2 changes by four from the globalχ2 minimum (equivalent to

2σ errors, assuming only one useful fitted parameter, the period).
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2.4.2 Significance Tests

The significance of each best-fitting period is estimated using two methods, both of which

are outlined in Cumming et al. (1999): how often the maximum power of the periodogram

exceeds the observed value due to noise alone, and an analytical calculation of the false

alarm probability (FAP).

Monte Carlo approach for estimating the FAP

To start, the significance of the best-fitting period is tested against the hypothesis that

the data is purely noise. For each star, 1000 fake data sets are generated about the mean

magnitude of the observed star at the same times as the observations. Random Gaussian

noise, of the same standard deviation as the observed magnitudes, is then added to the fake

data. The periodogram analysis, conducted for the observeddata, is then repeated for the

fake data sets. The fraction of trials where the maximum power zmax exceeds the observed

power zmax is defined as the FAP. A significant detection threshold is setat FAP ≤ 0.01

(a 99% detection threshold) and is required for all of the different significance tests. A

small FAP value indicates that the observed maximum power inthe periodogram is less

likely due to purely noise fluctuations in the data. The maximum power zmax and FAP

(estimated using these Monte Carlo tests), for each target,are given in Tables 2.3–2.5.

Analytical approach for estimating the FAP

For comparison, the FAP is also determined for each target using an analytical approach,

as outlined in Cumming et al. (1999). The periodogram power in Equation 2.2 is nor-

malised by theχ2 of the best-fitting sinusoidχ2(ω0) (residual variance), and therefore the

probability distribution is defined as a FisherF2,N−3 distribution (Cumming et al. 1999;

Zechmeister & Kürster 2009) as,

Prob(z> z0) =

(

1+
2z0

N − 3

)−N−3
2

. (2.4)
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The FAP of a best-fitting period within a frequency range is given by,

F = 1− [1 − Prob(z> z0)]
M , (2.5)

whereM is the number of independent frequencies andz0 is the observed power. For a

small FAP (F≪1), it can be approximated as,

F ≈ M Prob(z> z0). (2.6)

Since the data is unevenly sampled, the number of independent frequenciesM cannot

be defined asN/2 in a frequency range from 1/T to the Nyquist frequencyfNy = N/2T

(Cumming 2004). Horne & Baliunas (1986) suggest thatM ≈ N in cases of unevenly

sampled data when frequencies are searched up to the NyquistfrequencyfNy. However,

this approximation for the number of independent frequencies is no longer applicable if

frequencies are searched beyond the Nyquist frequency. Here, the number of independent

frequenciesM is estimated as the number of peaks in the periodogram,M ≈ T∆ f , where

T is the finite duration of the observations and∆ f = f2 − f1 is the frequency range

searched. However, Cumming et al. (1999) show this is a naiveestimate and a much

better value can be determined forM using Monte Carlo tests. These are time consuming

and have not been attempted in this analysis. This analytical approach for determining

the FAP for each target is also compared with the FAP estimates from the Monte Carlo

test (see Tables 2.3–2.5).

2.4.3 Variability

An additional test is performed to indicate the presence of variability in the light curve

(outlined in Cumming et al. 1999). For noisy data with a Gaussian distribution, the mean

power of the periodogram is expected to be z̄≈ 1. Employing the same method as for

the Monte Carlo tests, the variability FAP is determined using the mean power z̄ of the
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periodogram, rather than the maximum power. The FAP is calculated as the fraction of the

1000 simulated noisy light curve trials, where the mean periodogram power exceeds the

mean periodogram power of the observed data. A low FAP value suggests that variability

may be present in the data, or some non-Gaussian behaviour. The results of the observed

mean power z̄ and respective FAP statistics are given in Tables 2.3–2.5.

2.5 Results

Periods of variability are obtained for 13 MWDs (see Table 2.3 for a summary of the

results), while variability is also detected in a further 13MWDs with poorly constrained

periods (results given in Table 2.4). For the remaining 51 MWDs, no photometric variabil-

ity is detected (details are given in Table 2.5). For these stars, a best-fitting period is not

given, but instead a 2σ range of periods about the globalχ2 minimum in the periodogram

is stated, as these values are used to calculate the FAP statistics. The following results are

given for each target: the best-fitting period, the reducedχ2 from a sine fit and constant fit,

the maximum power in the periodogram zmax (corresponding to the best-fitting period),

the FAPs associated with zmax from the Monte Carlo test and analytical method, the mean

power of the periodogram z̄ and its associated FAP (from the Monte Carlo technique).

Figures of the individual MWDs mentioned (i.e. light curves, periodograms and folded

light curves, where appropriate) are shown in Appendix A.
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2.5.1 Notes on variable MWDs with well-determined periods

SDSS J0005-1002:The light curve of this MWD (Fig. 2.2) shows photometric variability

of 11.6% peak-to-peak, with a best-fitting period of 2.13±0.05 days. Schmidt et al. (2003)

suspected that SDSS J0005-1002 may be a magnetic carbon-dominated atmosphere DQ,

with possible CII multiplets. Liebert et al. (2003) reported a high effectivetemperature

of 29,000 K, although work by Dufour et al. (2007) suggested hot DQ WDs have tem-

peratures between 18,000 and 23,000 K. Dufour et al. (2008b)determined an effective

temperature of 19, 420± 920 K and magnetic field strength of 1.47 MG for SDSS J0005-

1002. This star is discussed in more detail in Chapter 3. Figure 2.3 shows the CSS light

curve of SDSS J0005-1002 folded on the best-fitting period. This period is not detected

by the CSS period search. The uncertainties in the magnitudemeasurements are consider-

ably larger than the INT data set, clearly showing the difficulty in detecting peak-to-peak

variability>10% in the CSS light curves.

Figure 2.2: Light curve of SDSS J0005-1002 obtained from theINT is folded on the best-
fitting period of 2.13±0.05 days, with a reducedχ2 of 2.24. A constant fit gives a reduced
χ2 of 222.11.

G 158-45: Putney (1997) estimated G 158-45 had a period between 11 hours and 1 day,

from polarisation and flux measurements. Brinkworth et al. (2013) found tentative ev-

idence for∼1% peak-to-peak amplitude photometric variability, with aperiod between
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Figure 2.3: CSS light curve of SDSS J0005-1002 folded on the best-fitting period (left),
and binned by a factor of 2.5 (N = 100 data points,right), with a model sinusoid.

30 minutes and a few days (the most likely period at 1.44 h), but a very high FAP es-

timate of 0.785 meant their periodicity was not reliably constrained. Here, the target is

found to vary photometrically with a comparably low amplitude (∼1%), but on a period of

44.43±0.12 min (32.411 cycles/d) and a FAP< 0.001. This is a cool MWD (T = 6010 K,

Bergeron et al. 2001), and therefore has a convective atmosphere, suggesting the photo-

metric variability may be due to star spots on the surface.

MWD 0159-032:A best-fitting period of 5.82± 0.01 hours with peak-to-peak variability

of ∼3% is obtained. This DA MWD has a weak magnetic field strength (B = 6 MG) and

is hot atT = 26, 000 K (Achilleos et al. 1991). However, the true values may beslightly

different than estimates, as Achilleos et al. (1991) reportthat both the continuum slope and

strength of the Balmer lines are not fit satisfactorily for the low-field WDs (an observation

also made by Gänsicke et al. 2002). MWD 0159-032 is too hot for star spots to form in a

radiative atmosphere and the magnetic field is too weak for magnetic dichroism to have

an effect. As a result, the mechanism causing the photometric variability observed for this

star is unknown.

LHS 5064: Brinkworth et al. (2013) detected 4.5% photometric modulations and a prob-

able period between 9 hour and 6 days. LHS 5064 is cool (T = 6680 K, Bergeron et al.

2001) and has a low magnetic field strength of<100 kG (Koester et al. 2009). This DA

MWD shows∼5% peak-to-peak variability, with a period of 7.72+0.58
−0.42 days (see Fig. 2.4),

making it the second longest rotation period measured for a MWD.
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Figure 2.4:Top: Light curve of LHS 5064 from observations over a week in October 2009.
Middle: Floating-mean periodogram for LHS 5064. The global minimumis detected at a
frequency of 0.1295 cycles/d (period of 7.72 d).Inset window: Periodogram focusing at
frequencies near the minimum. The dot dashed lines indicatechanges inχ2 of 1, 4 and 9
(equivalent 1σ, 2σ and 3σ uncertainties respectively).Bottom:Light curve is folded on
the best-fitting period of 7.72+0.58

−0.42 days, with a reducedχ2 of 5.75. The constant fit gives
a reducedχ2 of 67.76.
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LHS 1734: A probable period of variability is found at 2.61 days (0.383cycles/d), with

a peak-to-peak amplitude of∼2%. The data do not cover much of the phase folded light

curve, and therefore the period is not well constrained, with large 2σ uncertainties rang-

ing from 0.359 up to 4.675 cycles/d (2.79 d to 5.13 h respectively). However, the FAP

statistics (presented in Table 2.3) indicate this variability is unlikely to have arisen purely

from noise fluctuations. The magnitude uncertainties in theCSS light curve are too large

to detect a periodicity in the data. LHS 1734 is cool (T = 5300 K) and has a low mass for

an isolated MWD (M = 0.37M⊙, Bergeron et al. 2001).

LB 8915: A period between 2 h and 1 day was suspected by Brinkworth et al. (2013),

with probable periods at 0.47 d, 2.6 h and 5.8 h. Observationsfrom March 2010 suggest

a period of variability of 5.69± 0.01 hours, with an amplitude of∼4% (see light curve

in Fig. 2.5,left). Follow-up observations from February 2011 are poor quality and give

a tenuous best-fitting result of∼22 min, which is not consistent with the previous March

2010 data. An analysis of the combined data sets gives a period of 5.694 h, agreeing with

the period obtained from the March 2010 data. This period is also identified in the CSS

data set, with a FAP of 2×10−12. The CSS folded light curve is shown in Figure 2.5 (right).

This MWD has a H/He atmosphere with an effective temperatureof 21, 200− 27, 700 K

and a weak magnetic field strength of<1 MG (Wesemael et al. 2001). Brinkworth et al.

(2013) suggest the helium atmosphere could be partially convective, and therefore the

photometric variability may be due to a star spot on the surface of the WD.

G 195-19: Angel et al. (1972) found a period of 1.33096± 0.00012 d for G 195-19 at a

level of∼4%, using circular polarisation measurements. A similar best-fitting photometric

period is found at 1.2285±0.0020 d, with 3% peak-to-peak variability, from observations

taken during two epochs (March 2009 and 2010). However, thisperiod is not obtained

from the individual epochs. From the March 2009 data, a period of 2.69 d is measured,

an alias of the best-fitting period, and a period of 1.75 d is determined from the March

2010 data. Complete coverage over the phase folded light curve is not achieved with our

photometric observations, which may explain the difference between the period results.
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Figure 2.5:Left: The INT light curve of LB 8915 (taken in March 2010) is folded on the
best-fitting period 5.69± 0.01 hours, with a reducedχ2 of 9.69. A constant fit gives a
reducedχ2 of 48.60.Right: The CSS light curve of LB 8915 is folded on the same period
and binned by a factor of 10 (N = 60). There is a slight difference in magnitudes between
the two data sets, which will be due to differences in the magnitude calculation and its
application.

G 195-19 is a cool MWD (T = 7160 K, Bergeron et al. 2001), with a high field strength

(B ∼ 100 MG, Angel et al. 1972), and therefore the photometric variability may be due to

both dichroism and star spots.

PG 1015+014:Wickramasinghe & Cropper (1988) determined this DAH MWD hada

magnetic polar field strength of 120 MG by time resolved spectropolarimetry, and that the

circular polarisation was varying by 1.42% on a period of 98.7 min. Schmidt & Norswor-

thy (1991), using circular polarimetry, later determined the period to a higher accuracy

at 98.74734 min. The period from photometric variations is confirmed as 98.84+0.14
−0.07 min,

with a peak-to-peak amplitude of 4.6% (Fig. 2.6), in agreement with previous measure-

ments (Brinkworth et al. 2013). Euchner et al. (2006) mappedthe magnetic field geometry

of PG 1015+014, using Zeeman tomography, and determined field strengths between 50

and 90 MG and an effective temperature of 10,000 K.

LHS 2273: Brinkworth et al. (2013) report LHS 2273 is probably varyingwith a period

of 35− 45 min, with a best-fitting period of 40.86 min. A comparable best-fitting period

of 40.14±0.60 min is found here, varying by 1.65% peak-to-peak. Bergeron et al. (1997)

report LHS 2273 has a spectrum comparable to G 62-46, a known double degenerate, and

therefore is suspected to be a binary composed of a magnetic DA WD and a DC WD.
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Figure 2.6:Left: Light curve of PG 1015+014.Right: The light curve is folded on the
best-fitting period, 98.84+0.14

−0.07 min, with a reducedχ2 of 1.49. A constant fit gives a reduced
χ2 of 18.74.

SDSS J1250+1549:This star displays a large degree of photometric variation (>10%),

with a double peak clearly visible in the May 2010 light curve(Fig. 2.7). A best-fitting

period of 1.55± 0.06 h is obtained. To within the uncertainties, the same period is deter-

mined from the sparser March 2010 data set. Steele et al. (2011) detect an infrared excess

for SDSS J1250+1549 in all near-infrared bands, suggestingit has a late M companion.

More recently, Breedt et al. (2012) present phase-resolvedspectroscopy of this MWD

and measure an orbital period of 86.3 min, using the radial velocities measured from a

narrow, Hα emission line in each of their spectra. They argue that the high radial velocity

amplitude and variable line strength on the orbital period suggest that the Hα emission

originates from the surface of the companion star.

SDSS J1348+3810:A best-fitting period of variability of 40.02+1.14
−0.02 min is determined,

with a peak-to-peak amplitude of 4.5% for this DAH MWD. It is one of the hottest in

the sample atT = 35, 000 K, making it too hot for star spots to form on the surface in

the presence of a partially convective atmosphere. A field strength of 14 MG (Külebi

et al. 2009) is too weak for magnetic dichroism to cause the photometric fluctuations, and

therefore they must be the result of a different mechanism.

SDSS J2218-0000:This high field MWD (B = 225 MG, Schmidt et al. 2003) has a best-

fitting period of 3.487±0.007 h, with∼6% photometric peak-to-peak variability (for data

taken in October 2009). Similarly, a period of 3.497± 0.008 h is found from observations
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Figure 2.7: SDSS J1250+1549 light curve from May 2010 is folded on the best-fitting
period of 1.55± 0.06 hours, with a reducedχ2 of 3.70 from a sine fit, in comparison
to the reducedχ2 of 14.48 for the constant fit. The straightforward sinusoid does not
provide an appropriate fit to the data. Steele et al. (2011) detect an infrared excess for
SDSS J1250+1549 in all near-infrared bands, suggesting it has a late M companion.

taken in July 2011. Poor seeing conditions and observing at ahigh airmass in July 2011

means there are some spurious data points in the folded lightcurve. However, the FAP

statistics of the individual epochs and combined data all indicate the photometric light

curve is significantly variable.

SDSS J2257+0755:Observations from October 2009 show peak-to-peak variability of

∼2%, with a best-fitting period of 35.25± 0.02 min (40.851 cycles/d). There are other

minima in the periodogram within the 3σ uncertainties, with frequencies ranging from 16

to 41 cycles/d. Data from July 2011 show variations of 1.2% peak-to-peak, with a best-

fitting period of 22.34± 0.53 min. There are no other features in the periodogram within

the 3σ uncertainties, an improvement over the October 2009 data. An analysis of the

combined data set gives a period of 22.56±0.42 min, comparable to the July 2011 results,

but the data are scattered about the best-fitting sine curve.This is the hottest MWD in the

sample atT = 40, 000 K and has a field strength of 16 MG (Külebi et al. 2009). Thestar

will have a fully radiative atmosphere, unable to form star spots, and the field strength is

too weak for magnetic dichroism to have an effect. As a result, the mechanism causing

the photometric variability is unknown.
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2.5.2 Notes on variable MWDs with poorly constrained periods

LHS 1038: Time-resolved spectropolarimetric measurements by Valyavin et al. (2005)

yielded a rotation period of 8.02 h. Brinkworth et al. (2013)reported detecting photomet-

ric variability over a week, with a most likely period of 8.26h, but was unable to constrain

the period in a range of 2.6− 15 cycles/d (9− 1.6 h). No indication is found for a period

of ≈ 8 h in this photometric survey. An 8 h period is difficult to detect, as the same phase

of the light curve will be continually sampled during a week of observations. A probable

period of 3.438±0.004 h is detected for LHS 1038, with weak photometric variability at a

peak-to-peak amplitude<1%. The FAPs are well below the detection threshold, indicat-

ing that the observed variability is unlikely to have arisenpurely from noise fluctuations.

However, a minimum is also found in the periodogram, on the edge of the 3σ boundary

from the minimumχ2 value, atP = 3.0142 h (7.962259 cycles/d).

SDSS J0017+0041:A tentative best-fitting period of 5.10 h with∼1% peak-to-peak vari-

ability is found for this star. However, there are many minima in the periodogram, with

periods ranging between 1.28− 19.44 h, within the 2σ uncertainties. The FAP results

are below the detection threshold, but the period cannot be constrained with the current

data. SDSS J0017+0041 is a DBH WD atT = 15, 000 K, with a field strength of 8.3 MG

(Schmidt et al. 2003). Photometric variability may, perhaps, be caused by star spots on

the surface of this WD in a partially convective atmosphere.

SDSS J0142+1315:This star is also a DBH WD atT = 15, 000 K, with a weaker field

strength of 4 MG (Schmidt et al. 2003). A best-fitting period is obtained at 9.69± 2.68 h,

with peak-to-peak modulations of∼3%. The FAP statistics indicate the variability is

unlikely to have purely arisen from noise, but the best-fitting sine curve is dependent on

three data points, with large uncertainties, taken on one night. More data are required of

this object to constrain the period of variability.
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KPD 0253+5052:A rotation period of 3.79±0.05 h is reported by Friedrich et al. (1997),

by measuring the broadband polarisation in the Hβ and Hγ lines. This period is not found

in the photometric data, but instead a best-fitting period of1.05± 0.46 d is obtained.

However, the measurement for the polarised rotation periodfrom Friedrich et al. (1997) is

robust, and therefore this photometric data set is more likely to be insufficient for detecting

the 3.79 h period.

SDSS J0318+4226:The light curve is folded on the best-fitting period of 15.04± 0.09 h,

with variations of 1.8% peak-to-peak. However, the data arescattered about the sine fit

and have insufficient phase coverage. Additional photometric data are required to confirm

the periodicity.

SDSS J1035+2126:This is a cool and weakly magnetic WD (Teff = 7000 K,B = 3 MG;

Külebi et al. 2009). A best-fitting period of variability isfound as 3.55 d, although the 2σ

uncertainties cover a range of periods from 1.34 d to 4.08 d. The photometric modula-

tions vary by 1.5% peak-to-peak and the FAP estimations are well below the significance

threshold. Külebi et al. (2009) suggest that this star may be an unresolved spectroscopic

binary (e.g. with DA+DC components), as its spectrum has very shallow features, which

is known to be a result of the companion suppressing the hydrogen line strengths (Berg-

eron et al. 1990; Liebert et al. 1993).

SDSS J1214-0234:Also known as LHS 2534, this is the first magnetic DZ WD, with

Zeeman split NaI and MgII components. Reid et al. (2001) measure a magnetic field

strength of 1.92 MG and cool effective temperature of 6000 K.The light curve shows

peak-to-peak fluctuations of 5.2%, but due to the data sampling, the period of variability

is not constrained to one possibility. There are three aliases in the periodogram, within

the 2σ uncertainties from the globalχ2 minimum, at 19.115 h, 3.819 d and 10.670 h. It

also looks like the star may be variable on a longer period (P > 5 days). A possible period

of 5.789 days is found by the Catalina Surveys (Drake et al. 2009), although it has a high

FAP statistic of 0.427. Further observations are required over a longer timebase to narrow
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down the period.

SDSS J1333+0016:Peak-to-peak photometric variability of 3%, with a best-fitting period

of 5.37 h, is detected for this MWD. However, there are many aliases in the periodogram,

within the 2σ uncertainties of the best-fitting result, with periods ranging from 3.7 h to

2.1 d. Additional observations are required over a single night and over a few days to

further constrain the period. Schmidt et al. (2003) report that the SDSS spectrum of

SDSS J1333+0016 resembles LHS 2229, a highly magnetic (∼100 MG), cool (4600 K)

WD with a helium-rich atmosphere and absorption due to the presence of C2H (Schmidt

et al. 1999).

SDSS J1508+3945:Also known as CBS 229, this star is reported as a DAH+DA binary

system (Gianninas et al. 2011; Dobbie et al. 2012). The magnetic component has a field

strength of 13 MG and a high temperature of 17,000 K (Dobbie etal. 2012), meaning

photometric variability will not be due to the presence of magnetic dichroism or star

spots. A best-fitting period of 16.89 min (85.27 cycles/d) ismeasured, although there

is an alias in the periodogram at a period of 51.07 min (28.20 cycles/d). The unfolded

light curve suggests a period on a longer timescale of days may also be suitable. The

FAP statistics are well within the significance limit, however the light curve only has a

few data points (N = 15). More photometric data are required to determine whether any

optical variability can be observed.

SDSS J1604+4908:Photometric modulations are clearly evident in the light curve (see

Fig. 2.8), with a peak-to-peak amplitude of 4.2%. However, the target is not sampled

adequately to constrain the period. The minimumχ2 in the periodogram occurs at a

frequency of 1.3052 cycles/d (a period of 18.39 h), althoughthere are two other aliases

in the periodogram, within the 2σ uncertainties, with frequencies at 0.2894 and 2.3209

cycles/d (periods of 3.46 d and 10.34 h respectively). More data are required to determine

the period of variability.

SDSS J1647+3709:The best-fitting period is found between 84 and 190 min, with amost
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Figure 2.8: Light curve of SDSS J1604+4908 shows changes in flux over a week of ob-
servations, but a period has not been determined. More data are required to constrain the
period of variability.

probable period of 89.1 min (16.15 cycles/d), at a low-levelamplitude of 0.85% peak-to-

peak. Variability is detected in the continual run of observations taken on the first night,

which is not seen in the comparison stars. However, this sameamount of variability is

not seen in observations from later in the week. The FAP values are borderline at the

F = 0.01 threshold. This DAH MWD has a weak field strength (B = 2 MG) andT =

16, 250 K (Vanlandingham et al. 2005), implying the star is too hot for star spots to form

in a convective atmosphere. If the photometric variabilityis real in SDSS J1647+3709,

the mechanism causing the fluctuations is unknown.

SDSS J2046-0710:A best-fitting period is obtained at 2.13 h (127.81 min), although the

2σ uncertainties cover a large range of periods from 1.81 h to 7.68 h. The peak-to-peak

amplitude is small (1.3%) and there is considerable scatteraround the fitting sine curve.

The FAP estimates are small, well below theF = 0.01 detection limit. Data taken on

the first night are scattered and give no indications of photometric variability. Similarly,

observations from later in the week also show no signs of modulations. As a result,

the period of variability may simply be due to night-to-night fluctuations in brightness.

SDSS J2046-0710 is cool with a temperature of 8000 K and has a weak magnetic field

strength of 2 MG (Schmidt et al. 2003).
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SDSS J2323-0046:This star varies by 2.3% peak-to-peak on a period of 4.59± 0.75 h,

with FAP statistics well below the detection threshold (F = 0.01), in observations from

October 2009. However, all phases are not fully covered in the folded light curve and the

best-fit is dependent on just a few data points. Consequently, additional phase coverage

is obtained from observations taken in July 2011. A different best-fitting period is found

at 1.11 d, where the 2σ uncertainties cover timescales from 5.05 h to 1.19 d. This best-

fitting period result seems unlikely, as the peak-to-peak amplitude of the best-fitting sine

curve is 8%, with the data only covering a small portion of thephases. The FAP results

are also above the threshold for a significant variable result. When the two epochs of data

are combined, a globalχ2 minimum is found at a frequency of 1.67 cycles/d (a period of

14.38 h), with the 2σ uncertainties ranging from 14.33 h to 3.00 d. In conclusion,the

rotation period of SDSS J2323-0046 could not be fully constrained.
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2.5.3 Notes on some MWDs where no variability is found

SDSS J0211+2115:This MWD has a high magnetic field strength (B = 166 MG) and

effective temperature of 12,000 K (Külebi et al. 2009; Vanlandingham et al. 2005), placing

it in the hydrogen instability strip. There are many minima in the periodogram, within the

2σ uncertainties of theχ2 minimum, at periods between 7− 200 min. This timescale

could be indicative of pulsations and, therefore, SDSS J0211+2115 should be followed

up to search for short-term pulsations. Non-radial pulsations have not been detected in a

MWD.

HE 0330-0002:This helium-dominated atmosphere DBH MWD has a large field strength

of 850 MG and cool effective temperature at 7000 K (Külebi etal. 2009; Schmidt et al.

2003). The light curve of HE 0330-0002 looks relatively flat.There are a few minima in

the periodogram, within the 2σ uncertainties, with frequencies up to 50 cycles/d. The FAP

estimates are not small enough (F ∼ 0.1) for any modulations to be considered significant.

In conclusion, no photometric variability is found in the current data for this star.

G 99-37: Bues & Pragal (1989) report that G 99-37 has a rotation periodof 4.117 h,

based on polarisation measurements, but there is no indication of photometric variability

on this period. Data taken in March 2009 show no modulations at an amplitude of∼0.7%,

which is supported by high FAP values. Poor quality data taken in October 2009 show

variability that coincides with fluctuations in the seeing.Figure 2.9 shows the light curves

from March and October 2009. A dip in the flux is obvious in the close-up of the October

2009 data (Fig. 2.9). Consequently, the photometry is repeated for the October 2009

data set and nearby comparison stars to determine whether the dip in flux is merely an

artifact or genuine behaviour. Figure 2.10 shows the differential flux for G 99-37 and

the comparison stars, where the dip is still visible in both light curves. Analysis of the

seeing during these observations reveals that the poor quality data appears to coincide

with the fluctuations in the seeing (Fig. 2.11). A best-fitting period of 82.40 ± 2.62

min is detected from combining both data sets, which is twicethe period found from the
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October 2009 data only. Therefore, I conclude that no genuine photometric variability

(with amplitude>1%) is detected and that the small FAPs (from the combined data sets)

are due to modulations in the October 2009 data from changingseeing conditions.

Figure 2.9: Light curves of G 99-37.Top: Data from March 2009. Apart from the second
night, there is hardly any scatter in the magnitude.Middle: Light curve data from October
2009. The data are substantially more scattered than the March 2009 data set.Bottom:
Close-up of the October 2009 light curve. A dip in the flux is evident in the October 2009
data set around 127.24 MHJD-55000. This is not seen elsewhere.
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Figure 2.10: G 99-37 light curve analysis from October 2009,where the photometry is
repeated using nearby comparison stars.Top: Differential light curve of G 99-37 with
respect to the sum of the comparison stars.Bottom:Differential light curve of comparison
star c3 with respect to the sum of the same comparison stars. The dip in flux is still visible
in both light curves. However, the data points for the comparison stars become much
more scattered around 127.235 MHJD-55000 (when the dip occurs). This suggests that
the dip in flux is more likely a result of changing weather conditions, rather than a physical
dimming in brightness.

Figure 2.11: Seeing conditions for the G 99-37 observationsin October 2009. The fluctu-
ations in seeing appear to coincide with the modulations in flux in the light curve.
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Figure 2.12: G 99-47 light curve from March 2009 over∼2 h. Photometric variability is
not detected in this data at an amplitude of∼1%. Little difference is measured between
the reducedχ2 of the best-fitting sine fit compared to the constant fit.

G 99-47: Using polarisation measurements, Bues & Pragal (1989) report G 99-47 has a

rotation period of 0.97 h. Low-amplitude photometric modulations (∼1% peak-to-peak)

are detected by Brinkworth et al. (2013), with a possible period between 26 and 27.5 min

(best-fitting period at 26.8 min), noting there are many aliases within the 2σ uncertainties

of the best frequency. Observations over two hours in March 2009 show no obvious signs

of variability (Fig. 2.12). A best-fitting period of 4.50± 0.43 h is obtained from the

October 2009 data, but there is substantially more scatter than in the March 2009 light

curve. Analysis of the combined epochs reveals a best-fitting period of 139.34± 23.19

min. However, this period corresponds approximately to thelength of the March 2009

data set, where no photometric modulations are detected. I,therefore, conclude that G 99-

47 is not photometrically variable on short timescales (less than a week) at an amplitude

of ∼1%.

In searching for stable comparison stars in the G 99-47 field,a variable star is discovered

with modulations of 2% peak-to-peak (referred to as G 99-47 comp, see Table 2.6 for

details). The March 2009 differential light curve of G 99-47comp is shown in Figure

2.13, in contrast with the stable comparison stars in the field. Observations from March
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Figure 2.13:Top: Differential light curve of the G 99-47 variable comparisonstar from
March 2009 (G 99-47 comp/(C1+C3+C5)).Bottom: Differential light curve of G 99-47
comparison stars (C1/(C3+C5)) from March 2009.

2009 reveal a best-fitting period of 103± 4 min (see folded light curve in Fig. 2.14).

The data taken in October 2009 are poor quality and this period is not obtained, but

a best-fitting period of 108.57±2.22 min is obtained from the combined data sets. The

coordinates of the object areRA= 05h:56m:16s.63,Dec= 05◦:22′:52′′.6 and it is marked

in the G 99-47 finder chart (Fig. 2.15,left). It has not been observed by SDSS, as it lies

on the edge of a plate. An SDSS image of G 99-47 comp is comparedto SDSS images of

post-common envelope binaries listed in Rebassa-Mansergas et al. (2010) and its colour

composition suggests it may be a post-common envelope binary. In addition, the G 99-47

field was checked in The STScI Digitized Sky Survey (DSS) POSS1 and POSS2 epochs,

where the MWD shows significant motion between the two epochs, but G 99-47 comp

does not move comparably. Therefore, G 99-47 comp is not a common proper motion

companion to the MWD.
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Figure 2.14: G 99-47 variable comparison star light curve from March 2009 folded on the
best-fitting period of 103±4 min, with a reducedχ2 of 4.29. A constant fit gives a reduced
χ2 of 11.43. See Table 2.6 for further details of the result. G 99-47 comp is not a MWD,
but shows photometric variability in the G 99-47 field-of-view. There is no information
on this star in SDSS, as it lies on the edge of a plate.

Figure 2.15:Left: Finder chart (6.1’×4.5’) for G 99-47, where the variable comparison
star is marked (RA=05h:56m:16s.63,Dec=05◦:22′:52′′.6). Right: SDSS image (1.8’×1.4’)
of G 99-47 comp. It has a red and white/blue component, which could suggest it is a
post-common envelope binary.
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G 234-4:This MWD is reported as variable over a week of observations (Brinkworth et al.

2013), but a period for the modulations could not be derived here. From the combined

data set of observations from March 2009 and 2010, a best-fitting period of 44.81± 1.41

min is determined. There are many aliases within the 2σ uncertainties. This period is not

found in the analysis of the individual epochs (March 2009 and 2010). The FAP statistics

are borderline, just above the detection threshold, meaning the periodicity may not be

real. Faster periods are obtained for the individual epochsat 11 and 20 minutes for March

2009 and 2010 respectively, both with FAP values greater than the significance threshold.

This MWD has a very low field strength (B < 100 kG) and cool effective temperature

(T = 4500 K, Holberg, Bergeron & Gianninas 2008; Putney 1997).

HE 1045-0908:Euchner et al. (2005) report this MWD has a likely period of 2.7 h from

circular polarisation spectroscopic measurements. Thereare many minima in the peri-

odogram within 2σ of the best frequency between 5 and 102 cycles/d. At an amplitude

of 1%, photometric variability is not detected in the data and there is no indication of the

2.7 h period. Similarly, there is no sign of the periodicity in the CSS light curve. However,

the INT data set is small (N = 15), and therefore few conclusions can be made.

SBS 1349+5434:This MWD has a large magnetic field strength of 760 MG (Liebert

et al. 1994). Brinkworth et al. (2013) found no evidence of photometric variability in

the MWD’s light curve. A best-fitting period of 49.1±4.2 min is determined from obser-

vations taken in March 2009 and July 2011. It has a small peak-to-peak amplitude of

0.5%. Analyses of the individual epochs of data yield different best-fitting periods and

have borderline FAP statistics.

PG 2329+267:Brinkworth et al. (2013) reported a best-fitting photometric period of 2.7 h

(8.675 cycles/d) for PG 2329+267. However, significant photometric variability is not

detected in this data set and the scatter is small at∼1%. The FAP statistics are just above

the threshold limit (F = 0.01), meaning noise fluctuations may have caused the observed

variations.
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2.5.4 Summary

Photometric rotation periods are measured for 12 isolated MWDs in the sample (exclud-

ing the CV SDSS 1250+1549), doubling the number derived fromphotometric observa-

tions. Variability with poorly constrained periods is detected in an additional 13 stars.

The second longest rotation period for a MWD is measured for LHS 5064 at 7.72 days.

We constrain the spin period of G 158-45 from 11 h - 1 d (Putney 1997) to a much faster

44 min.

Photometric variability is measured in four DAH stars (MWD 0159-032, SDSS J1348+3810,

SDSS J2257+0755 and SDSS J1647+3709), which are too hot for star spots to form in

the presence of a convective atmosphere and have magnetic field strengths too weak for

dichroism to be effective. Brinkworth et al. (2013) also detect photometric modulations in

two MWDs with similar characteristics. The current assumption that star-like spots form

on the surface (as with main sequence stars), as the WD cools to a convective atmosphere,

does not apply for these stars. The variability is also not due to pulsation modes, as their

temperatures are much higher than the instability strip (T = 12− 14, 000 K). In these

cases, the mechanism causing the photometric modulations is unknown.

Photometric spin periods are not determined for G 99-37 and G99-47, which have polar-

isation periods reported in the literature at 4.117 h and 0.97 h respectively. Periods in the

literature for KPD 0253+5052 and HE 1045-0908 are not confirmed with the photometric

data, but this is more likely due to insufficient data over therequired timescales.

No significant variability is detected in 51 MWDs. Seven of these stars do not have suf-

ficient data. The February 2011 data are dominated by highly variable seeing conditions,

which has an impact on the quality of the data and the ability to detect real modulations.

The February 2011 run was also only three nights, and therefore only a smaller range of

frequencies could be tested with confidence.

The Catalina Sky Survey (CSS) has observed 42 MWDs in this sample (55%), however
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the majority of these stars are too faint for the photometry to be accurate enough to pro-

vide useful, constraining information on the period of variability. For only one MWD,

LB 9815, is the same period detected in both this survey and inthe CSS data set (see Fig.

2.5). In most cases, the amplitude is too small for a period tobe detected in the CSS data,

which have magnitude uncertainties on the order of∼±5%, illustrating the limitations of

using data from surveys, such as CSS. The CSS light curves canreally only be utilised for

the MWDs with the largest photometric variations to confirm aperiod, as the data quality

is not adequate to constrain an unknown period of variability.

Interestingly, no photometric modulations are detected inthe majority of the WDs with

the strongest magnetic field strengths, such as HE 0330-0002, SDSS J0021+1502, SDSS

J0211+0031, SDSS J0211+2115, SDSS J1003+0538, SBS 1349+5434, SDSS J2151+0031

and SDSS J2346+3853, with field strengths ranging from 170 MGup to 800 MG. These

MWDs could be similar to the slowest MWD rotators, previously noted in the literature,

with suspected periods&100 years. Indications of no photometric or polarimetric variabil-

ity could suggest that a MWD has a long rotation period, or less likely, that the magnetic

field distribution is symmetric about the spin axis of the MWD. Additionally, if no star

spots exist on the surface of a convective atmosphere MWD, nophotometric variability

would be detected as it rotates. A homogeneous magnetic fieldwould also mean mod-

ulations are not observed, although this is unlikely based on studies of individual MWD

spectra (e.g. Külebi et al. 2009).
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2.6 Discussion

2.6.1 Correlations between rotation period and other physical pa-
rameters

Figure 2.16: Rotation period versus intrinsic physical properties of MWDs – a) magnetic
field strength, b) temperature, c) mass and d) WD cooling age.The crosses represent
rotation periods from the literature (see Table A.1 for stars and parameters). The filled
circles represent the MWDs with well-determined periods from this work (see Table 2.3,
excluding SDSS 1250+1549). The filled squares with uncertainties are the MWDs with
poorly constrained periods (see Table 2.4). Mass and cooling age estimates for MWDs
are known for only a few stars.

In Figure 2.16, the periods of variability derived for the MWDs are compared with their

intrinsic physical parameters, such as the magnetic field strength, temperature, mass and

cooling age. The results for the 12 MWDs with well-determined periods (excluding the

CV SDSS 1250+1549) are included (represented by filled circles), along with the 13

MWDs with poorly constrained periods, which are denoted by filled squares and uncer-
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tainties covering the 2σ range of possible periods. Seventeen MWDs with periods from

the literature are also included and given in Table A.1. To determine whether any corre-

lations exist between the parameters, a linear (Pearson) correlation test is used for each

of the plots in Figure 2.16 to find the linear correlation coefficient and its p-value for the

significance. The correlation coefficient indicates the noisiness and direction of the linear

trend, but not its slope, nor any non-linear relationships.It is defined as the covariance

of the two variables divided by the product of their standarddeviations (using the COR-

RELATE function in IDL). The “slow rotators” are excluded from the correlation tests

because their long periods are not measured, only suspected.

Comparison between rotation period and magnetic field strength

A negative correlation is found between the rotation periodand magnetic field strength

(Fig. 2.16,top-left), indicating that the faster MWD rotators have higher magnetic field

strengths (also reported by Brinkworth et al. 2013). This suggests the MWDs may form

via the merger scenario, where the star is spun-up in the common envelope (King et al.

2001) and strong magnetic fields can be generated. The MWDs then spin down slowly

with age as they lose angular momentum or as their magnetic fields decay. The linear

correlation test gives a weak coefficient value of -0.34 and p-value of 0.033, indicating that

the null hypothesis can be rejected at a significance level of0.05, implying the relationship

is statistically significant (as the result would be highly unlikely if there is no relationship

between the two parameters).

This contrasts with the previous findings of Schmidt & Norsworthy (1991) that MWDs

rotate more slowly with increased magnetic field strength. They argued that angular mo-

mentum is lost during the latter stages of evolution, where astrong magnetic field in the

core of an evolved star assists the transport of angular momentum to the outer envelope

(also discussed in Spruit 1998, 2002). In this case, higher field strengths cause more mag-

netic braking, yielding slower rotators. However, Schmidt& Norsworthy (1991) noted

that their correlation was weak, and that the trend was entirely influenced by the “slow

rotators” that have been excluded from this analysis. If the“slow rotators” are included in
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the correlation analysis, a weak positive trend is, similarly, found. This same trend is seen

for magnetic neutron stars, where the slowest rotators (anomalous X-ray pulsars AXPs

and soft gamma repeaters SGRs) have the highest field strengths (1014 − 1016 G, Ferrario

& Wickramasinghe 2005).

Simulations of merging double degenerate WDs by Külebi et al. (2013a) predict the for-

mation of surrounding discs which may significantly spin-down the MWD through mag-

netospheric interactions. Their model shows a non-linear relationship between the spin

period and magnetic field strength, where the MWDs with higher field strengths have

longer rotation periods; the opposite to the trend measuredhere in Figure 2.16 (top-left),

where highly magnetic WDs have faster rotation periods. Külebi et al. (2013a) roughly

estimate the correct magnetic field strengths and spin periods for the MWDs RE J0317-

853, PG 1015+014 and PG 1031+234, all of which are massive (> 0.9M⊙), rapidly ro-

tating (12 – 200 mins) and perhaps formed in mergers. However, their model is aimed

at replicating rotation periods of massive, rapidly rotating MWDs that formed in double

degenerate mergers (i.e. merger remnants), but this does not describe the characteristics

of many MWDs in the sample which, for example, have spin periods longer than a few

hours and have average masses of∼ 0.6M⊙.

However, if MWDs form through either single star evolution or from binary mergers, a

relationship between the spin period and field strength could be difficult to determine, un-

less the stars can be separated by their likely formation mechanism (which is probably not

possible in most cases). MWDs from a single star evolution may have a positive corre-

lation between these parameters, i.e. the slowest rotatorshave the highest field strengths,

while MWDs from mergers may show the opposite characteristics.

Alternatively, Garcı́a-Berro et al. (2012) suggest that the wide variety of observed rotation

periods of isolated MWDs can be explained by the alignment ofthe spin and magnetic

axes. If the axes are mis-aligned, the WD rapidly spins down by magnetic dipole radia-

tion, producing slow rotators, but if the two axes are aligned, the MWD will rotate rapidly
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(such as may be the case for RE J0317-853). Unless a particular alignment is favoured,

the distribution of spin period with field strength could be random.

Nonetheless, the correlation detected here suggests that rotation period seems to increase

with a decreasing magnetic field strength and therefore requires further investigation by

theoreticians.

Comparison between rotation period and temperature

Similarly, a negative trend between the rotation period andeffective temperature is mea-

sured (Fig. 2.16,top-right), implying the hotter MWDs have faster spin periods and that

the cooler stars rotate more slowly. It has a correlation coefficient of -0.34 and a p-value of

0.034, suggesting it is a significant correlation. If hotterMWDs have faster spin periods

then, since temperature is a proxy for cooling age, younger MWDs may also have faster

spin periods. Consequently, if real, this implies that the MWDs may spin down, losing

angular momentum with time. Therefore, a relationship could also exist between the ro-

tation period and cooling age of the WD, where older MWDs havelonger spin periods. In

contrast, but from a smaller sample of MWDs, Schmidt (1987) and Schmidt & Norswor-

thy (1991) claimed no correlation existed between these twoparameters, although they

probably included the “slow rotators” in their sample.

Comparison between rotation period and cooling age

No correlation is found between the rotation period and cooling age for the MWDs in this

sample (Fig. 2.16,bottom-right). The correlation coefficient is -0.087, with a p-value of

0.679, indicating that no linear trend is present. However,there are only a small number

of rotating MWDs that also have estimated cooling ages. MWDscan have unsatisfactory

cooling age estimates because their masses and radii are poorly constrained and magnetic

models usually assume a gravity value (e.g. logg = 8). If MWDs spin down over their

lifetime, then a positive relationship between age and period might be expected, as the

older (cooler) MWDs have longer rotation periods and younger (hotter) ones rotate more

quickly. The MWDs in this sample have a variety of compositions and masses, possibly
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making it difficult to detect the relationship between the spin period and cooling age. On

the other hand, a larger sample size may confirm the trend.

Comparison between rotation period and mass

From the plot of rotation period and mass (Fig. 2.16,bottom-left), it seems like there may

be a negative relationship between these parameters, suggesting higher mass MWDs have

faster rotation periods. The linear correlation coefficient gives a value of -0.33, but with

a p-value of 0.102, suggesting the null hypothesis cannot berejected and that the trend is

not statistically significant. A negative correlation might be expected if high-field MWDs

form in mergers, where they are thought to have higher massesand rapidly rotate.

2.6.2 Comparing physical parameters for rotators and non-rotators

Comparison between magnetic field strength and temperature

The magnetic field strength is also compared with the MWD temperature (see Fig. 2.17)

for rotators with known periods and for “non-rotating” MWDs(this includes MWDs that

have been investigated for photometric variability, whereno modulations are detected,

and MWDs that have not been studied for variability). No correlation is found between

field strength and temperature for the non-rotators, however there is a significant positive

trend for the rotators (Fig. 2.17,top), with a p-value of 0.02. Theoretically, in contrast,

no correlation is expected between field strength and temperature, since the timescale for

field decay by ohmic diffusion is longer than the WD cooling age, assuming the magnetic

field is frozen into the WD (Schmidt 1987; Külebi et al. 2009).

Furthermore, Figure 2.17 shows few hot (T > 30, 000 K) or low-field (B < 1 MG) MWDs

are known. Although the SDSS has tripled the number of known MWDs, SDSS spectra

are only able to identify Zeeman split features due to fields>1 MG. Lower field strengths

in WDs are usually measured from spectropolarimetry or fromfitting broadened hydrogen

line cores in high resolution, high signal-to-noise (S/N) data.
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Figure 2.17:Top: Comparison of magnetic field strength and temperature for the MWD
rotators, where the symbols are previously defined in Figure2.16 and the filled triangles
are the slow rotators.Bottom: The same comparison between these parameters for the
non-rotating MWDs.

Photometric variability has until recently not been observed in low-field (B < 1 MG),

hot (T > 14,000 K for DAs andT > 29,000 K for DBs, Winget & Kepler 2008) MWDs,

possibly because they have fully radiative atmospheres andtherefore are unable to form

surface star spots. The field strengths are also too small formagnetic dichroism to have

an effect on the observed brightness of the MWD (Külebi 2012, priv. comm.). However,

photometric variability is found in four such stars in this work. In addition, the hot, low-

field MWD BOKS 53856, discovered in theKeplerfield (Holberg & Howell 2011), is also

an exception showing periodic variability on 6.1375 hours.However, Holberg & Howell

(2011) were unable to find a satisfactory explanation behindthe photometric modulations
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that was also consistent with the star’s other characteristics. For example, while an M or

K dwarf companion in a close CV system would account for the photometric variability,

no emission lines were observed in its spectra due to the presence of a secondary star.

Furthermore, BOKS 53856 has a fully radiative photosphere and as a result is unlikely to

form surface star spots like the localised high-field spot proposed for WD 1953-011 as the

cause of its photometric variations (Maxted et al. 2000; Brinkworth et al. 2005).

Comparison between magnetic field strength and mass

Figure 2.18 (top) for the rotating MWDs suggests that there might be two populations

present: the low-field MWDs (B < 1 MG) clustered near the bottom of the plot at masses

of 0.5− 0.7M⊙ and the higher field (B > 1 MG) MWDs, covering a wide range of masses

from 0.4M⊙ up to 1.35M⊙. This could indicate different evolutionary paths betweenthe

low-field (<1 MG), low mass (0.5−0.7M⊙) and high-field (>1 MG), high mass (>0.8M⊙)

MWDs. For example, the low-field, low mass stars may be from single star evolution, e.g.

magnetic A and F stars, and the high-field, high mass stars from mergers. A positive trend

is detected between the magnetic field strength and mass for the high-field MWDs, which

has a correlation coefficient of 0.65 and p-value of 0.0003, implying the relationship is

statistically significant. However, the distribution appears much more random for the

non-rotators (Fig. 2.18,bottom), although there is no obvious reason why the two plots

should differ significantly. Furthermore, there are not as many high-field MWDs in the

non-rotators plot as for the rotating MWDs. This could simply be a selection effect, as

the mass is harder to determine for higher mass, highly magnetic WDs.

Comparison between magnetic field strength and cooling age

The comparison between field strength and cooling age is shown in Figure 2.19 for the

MWD rotators and non-rotators. No significant correlationsare found between the two

parameters. If MWDs form in mergers one might expect to see a negative trend between

the cooling age and field strength, where the younger MWDs have higher field strengths

(and rotate more quickly). Furthermore, this same trend might be anticipated if the mag-

netic field decays with age and therefore the older MWDs have weaker field strengths.
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Figure 2.18:Top: Comparison between field strength and mass for the MWD rotators.
Symbols are previously defined in Figure 2.16. The filled triangles are the slow rotators.
Bottom:The same comparison between these parameters for the non-rotating MWDs.

However, currently the data in Figure 2.19 are scattered andthere are not enough data

points to meaningfully test for any correlations.

2.6.3 Comparison of rotation periods for MWDs and non-magnetic
WDs

In Figure 2.20, the distribution of rotation periods for MWDs is compared with estimated

rotation periods of non-magnetic WDs. The spin periods for the non-magnetic WDs

are calculated using an estimate for their radii and from their rotation velocities (vsini,

given in Karl et al. 2005; Berger et al. 2005), which are oftenupper limits, meaning
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Figure 2.19: Top: Comparison between field strength and cooling age for the MWD
rotators. Symbols are previously defined in Figure 2.16. Thefilled triangles are the slow
rotators. Bottom: The same comparison between these parameters for the non-rotating
MWDs.

the estimated spin periods are lower limits as the inclinations are unknown. Figure 2.20

appears to show that the majority of non-magnetic WDs have rotation periods less than

two hours, although there are exceptions, with a few having estimated rotation periods up

to 18 hours. The limitations of using the line cores to measure rotation of slowly rotating

non-magnetic WDs means estimates cannot be made for much longer than a few hours,

and none are measured longer than one day. By contrast, the photometric variability of

MWDs allows longer spin periods to be probed; seven MWDs havewell-defined periods

longer than a day. Of course, this observation does not necessarily mean that MWDs have

longer rotation periods. To compare the two populations, a Kolmogorov-Smirnov (K-S)
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Figure 2.20: Histogram of rotation periods for magnetic (solid line) and non-magnetic
WDs (dashed line). The non-magnetic distribution peaks around 2 hours. The very slow
MWD rotators, with estimated rotation periods of&100 years, are not included. The
magnetic population appears to extend to longer rotation periods than the non-magnetic
stars. This is probably an observational bias, as slow non-magnetic rotators are unlikely
to be detected with the current methods of measuring rotation velocities.

test is used (theKSTWO function in IDL), where the K-S test statistic is determinedas the

maximum deviation between the cumulative distribution functions of the two samples.

The K-S test of the MWDs in comparison with the non-magnetic population gives a p-

value of 4×10−5, suggesting that there is a very small probability the two populations are

drawn from the same distribution. However, it is most likelythat the difference between

these distributions is an observational selection effect and not real, due to the disparate

methods for measuring the spin period in magnetic and non-magnetic WDs.
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2.7 Conclusions

In summary, results have been presented from this photometric variability survey of 77

MWDs to determine rotation periods. Well-defined spin periods are measured for 12 iso-

lated MWDs, while variability is detected in a further 13 MWDs, with poorly constrained

rotation periods. Well-constrained periods are determined for six MWDs for which vari-

ability on poorly constrained timescales had previously been noted by Brinkworth et al.

(2013). Photometric variability is, unexpectedly, observed in four hot, low-field MWDs,

which have an unknown mechanism causing the modulations. They are too hot for star

spots to form in a partially convective atmosphere and theirmagnetic field strengths are

too weak for magnetic dichroism to have an effect. Hot, high-field MWDs appear to ro-

tate faster than cooler, weaker field strength stars (Fig. 2.16), which may indicate MWDs

form via a binary merger. If they form from a merger, then theymay be expected to

be born with shorter rotational periods and then slow down with age, and to generate

higher field strengths. A comparison between the magnetic field strength and mass (for

the MWDs with known rotation periods, Fig. 2.18) may indicate the presence of two pop-

ulations: low-field (<1 MG), low mass (0.5−0.7M⊙) MWDs and high-field (>1 MG), high

mass (>0.8M⊙) MWDs, which in turn could provide insight into the progenitors of these

stars. In addition, Figure 2.17 compares the magnetic field strength and temperature for

the rotators and non-rotators, revealing there are very fewhot or low-field MWDs, high-

lighting the observational limitations in identifying MWDs. MWDs that show no signs

of variability over a week of observations should still be re-observed photometrically or

polarimetrically in the following years for signs of long term modulations.



3
A Long Period Variable Hot DQ Magnetic

White Dwarf

The carbon-dominated hot DQ magnetic white dwarf, SDSS J000555.90−100213.5, was

observed as part of the survey using the Isaac Newton Telescope, as detailed in the previ-

ous chapter. This class of star is particularly interestingsince a surprisingly large fraction

of hot DQ white dwarfs have magnetic fields (∼70%) and/or are photometrically variable

on short timescales of<1000 s. By contrast, for the first time, a photometric period on the

order of days at 2.110± 0.045 days is measured for SDSS J000555.90−100213.5, with a

peak-to-peak amplitude of 11%. Variability on short timescales (less than three hours) is

also ruled out at an amplitude of.±0.5%. Short period hot DQ white dwarfs have been

interpreted as non-radial pulsators, but in the case of SDSSJ000555.90−100213.5, it is

more likely that the variability is due to rotation.

79
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3.1 Background

Hot DQ WDs have atmospheres dominated by carbon, containinglittle or no hydrogen

or helium (Dufour et al. 2007, 2008b). Only 14 hot DQs have been discovered so far,

making them a rare class of WD (Dufour et al. 2010a; Liebert etal. 2003). In addition,

their effective temperatures appear to cover a very specificrange of 18, 000− 24, 000 K

(Dufour et al. 2008b). Zeeman split lines, indicative of thepresence of magnetic fields,

have been detected or at least suspected, in 10 of the 14 catalogued DQs (70%, Dufour

et al. 2010a, 2013). In contrast, the fraction of MWDs in the general WD population is

thought to be in the range of 3− 15% (Kleinman et al. 2013; Jordan et al. 2007; Liebert,

Bergeron & Holberg 2003), suggesting that perhaps all hot DQs are magnetic.

Dufour et al. (2008b) postulated that hot DQs descend from pre-WD stars, like H1504+65,

which are thought to have undergone a violent late thermal pulse (a born-again AGB

phase) burning its remaining hydrogen and helium layers, leaving behind an atmosphere

composition mixture of carbon and oxygen. As the star cools,the carbon and oxygen sep-

arate by gravitational diffusion and the atmosphere appears carbon dominated. However,

since no WDs hotter than∼ 23,000 K are found with carbon-dominated atmospheres, Du-

four et al. (2008b) and Althaus et al. (2009) suggested that asmall amount of residual

helium could eventually diffuse upward and form a thin layer, ultimately forming a full

atmosphere and thus appearing as helium atmosphere WDs. These stars then cool nor-

mally as DO/DB stars until developing a convection zone. Once the carbon convection

zone becomes active enough, the thin radiative helium layergets diluted, transforming it

into a carbon-dominated atmosphere WD. This could possiblytake place around 24,000 K

(Dufour et al. 2008b). The hottest DQ known, SDSS J010647.92+151327.8, is also the

only one with helium in its spectrum, and therefore is perhaps in the process of con-

verting from a DB to a hot DQ. There is also now strong evidencethat the hot DQs are

linked with the massive, cooler DQs (Dufour et al. 2013). Until recently, the likelihood of

their proposed evolutionary sequence remained tentative,as only one object was known
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to have a temperature in the∼13,000 – 18,000 K range. However, with the latest WD

catalogue (SDSS DR7, Kleinman et al. 2013), many new carbon-dominated atmosphere

WDs have been discovered with temperatures in the gap between the coolest, hot DQ

(Teff ∼ 18,000 K) and the hottest, cool DQ (Teff ∼ 12,000 K). A colour – colour diagram of

all the carbon-dominated atmosphere WDs shows a noticeablesequence of the hot DQs

to the cool DQs (Dufour et al. 2013). The carbon abundances also appear to decrease

along the sequence as they cool. Given the high incidence of magnetism in the hot DQs,

the same would be expected for the cooler DQs in the sequence,but only a few of the

new “warm” DQs currently appear to be magnetic, although this may change with higher

signal-to-noise/resolution spectra.

Montgomery et al. (2008) observed six stars from the hot DQ WDsample for pulsations

and discovered the first photometrically variable hot DQ, SDSS J142625.71-575218.3

(hereafter SDSS J1426-5752), with modes at 417.7 s and 208.8s (first harmonic). Their

theoretical calculations predicted that SDSS J1426-5752 should be the only star in their

sample to pulsate, as it was the nearest to the high-temperature boundary (the “blue edge”)

of the DQ WD instability strip. Since then, however, variability has been detected for a

further four hot DQ WDs (SDSS J2200-0741 and SDSS J2348-0942, Barlow et al. 2008;

SDSS J1337-0026, Dunlap et al. 2010 and SDSS J1153+0056, Dufour et al. 2011), where

the latter is detected in the FUV using the Hubble Space Telescope (HST) and Cosmic

Origins Spectrograph (COS) and the amplitudes of the modes are 2–4 times larger than

those observed in the optical.

Here, the sixth variable hot DQ, SDSS J000555.90−100213.5 (hereafter SDSS J0005-

1002) is introduced. It was first discovered as a possible magnetic DQ WD in the SDSS

DR1 (Schmidt et al. 2003). It has the largest mean field strength for a hot DQ at 1.47 MG,

measured from the line splitting in its spectrum (Dufour et al. 2008b), and has an ef-

fective surface temperature of 19,420 K. As part of the photometric variability survey of

MWDs (Chapter 2), modulations were detected for SDSS J0005-1002 on the timescale

of days. This periodicity is much longer than has been observed for the other hot DQ
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variables, which have thus far been interpreted as pulsations (Barlow et al. 2008; Dunlap

et al. 2010; Dufour et al. 2011). The cause of variability in SDSS J0005-1002 is discussed,

along with the photometric variability of hot DQ stars in general, the unusual pulsations

some of them display, and the role of magnetism and its possible influence.

3.2 Observations & Data Reduction

Two different telescopes were used to observe SDSS J0005-1002: the INT in La Palma

and the 1.0 m telescope at the South African Astronomical Observatory (SAAO). A de-

tailed log of the observations is given in Table 3.1.

Table 3.1: Observations log of SDSS J0005−1002.

Telescope UT Date Start Time Texp N Filter ∗

(UTC) (s)
INT WFC 2009-10-17 23:03:42 60 3 r′

INT WFC 2009-10-18 21:15:48 120 9 r′

INT WFC 2009-10-21 23:28:50 120 12 r′

INT WFC 2009-10-23 01:23:23 120 3 r′

SAAO 1.0m STE3 2012-09-08 21:09:28 180 75 none∗∗

SAAO 1.0m STE3 2012-09-10 22:08:12 180 54 none∗∗

SAAO 1.0m STE3 2012-09-11 22:04:26 180 55 none∗∗

SAAO 1.0m STE3 2012-10-18 20:24:41 180 13 none∗∗

SAAO 1.0m STE3 2012-10-22 18:57:44 90 29 none∗∗

SAAO 1.0m STE3 2012-10-23 18:46:04 120 60 none∗∗

∗ The SAAO STE3 CCD is sensitive to the red of the spectrum, so observations peak at a
wavelength of 600− 700 nm.
∗∗ Data either collected by myself or as part of a program where Iwas the principal inves-
tigator.

3.2.1 INT Optical Photometry

Using the INT WFC in La Palma, SDSS J0005-1002 was observed during an observing

run from 17-23 October 2009 as part of a survey of MWDs (see Chapter 2). The details

of the observations are listed in Table 3.1. The data were reduced using the INT Wide
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Field Survey CASU pipeline, as described previously in§2.3.

3.2.2 SAAO 1.0m Optical Photometry

SDSS J0005-1002 was also observed using the 1.0 m telescope located at the South

African Astronomical Observatory (SAAO) from 29 August – 11September 2012 (by

myself) and 17 – 23 October 2012 (by Matt Burleigh). The SAAO CCD (STE3) instru-

ment was used for both runs, and has a field-of-view of 512× 512 pixels and a pixel scale

of 0.31 arcsec/pixel. The target was observed in clear light(i.e. with no filter) in 2× 2

binning. Observation details are given in Table 3.1.

The data were reduced using the SAAO CCD pipeline which subtracted the bias and nor-

malised by the master flat field frame. Photometry of the target and comparison stars was

performed using theSTARLINK packageAUTOPHOTOM. Figure 3.1 shows the SAAO

STE3 field-of-view with the stars marked accordingly. The aperture width was fixed for a

given night and was defined as 1.5 times the mean seeing (FWHM,Naylor 1998). Select-

ing a slightly smaller aperture size limited the contamination of background noise in the

aperture, which was high due to a significant amount of moonlight during the September

run. The sky background level was determined using the clipped mean of the pixel values

in an annulus around the stars and the measurement errors were estimated from the sky

variance. To remove atmospheric fluctuations, the target light curve was divided by the

light curve of the sum of the comparison stars.

3.3 Analysis & Results

All time stamps are converted to a barycentric Julian date (BJD) using an IDL implemen-

tation by Eastman, Siverd & Gaudi (2010). To assess the periodicity of the light curves,

two different methods are used: a Fourier analysis usingPeriod04(Lenz & Breger 2005)
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Figure 3.1: Finder chart for SDSS J0005-1002, showing the SAAO STE3 CCD field-of-
view (2.6’×2.6’), where the target and comparison stars are marked. North is towards the
top of the frame and east is to the left.

and a least-squares fit of a sinusoid using MPFIT in IDL (Markwardt 2009).

3.3.1 Fourier analysis

Figure 3.2 shows the light curve obtained from the INT data and resulting Fourier Trans-

form (FT) for SDSS J0005-1002 and its comparison stars. A maximum amplitude is

measured at a frequency of 0.490103 cycles/d (P = 2.04 d). There are also aliasing peaks

at low frequencies with comparable amplitude to the main peak (see inset Fig. 3.2,lower

panel) due to the window function (shown in Fig. 3.4). Fluctuations are not detected in

the relative flux of the comparison stars, which is reflected in the small amplitude in the

FT.

The light curve of the SAAO data and FT for the target and comparison stars are shown
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in Figure 3.3. As found from the INT light curve, the relativeflux of the comparison stars

is stable from night-to-night. The FT (Fig. 3.3,top of lower panel) has a maximum peak

at 0.501235 cycles/d (P = 1.99 d), which approximately agrees with the Fourier analysis

of the INT data. The window function of the SAAO data is shown in Figure 3.5. The

structure of the peaks in the window function are comparableto those found in the real

FT.

3.3.2 Least-squares sine wave fit

The light curves are also fit with a sinusoid plus a constant (defined in Eq. 2.1) using

MPFIT in IDL (Markwardt 2009) and folded on the best-fitting period. Again, slightly

different best-fitting periods are determined for the two data sets, but they agree within

error estimates. For the INT data, a best-fitting period of 2.104± 0.030 days is found,

with a reducedχ2 of 3.77 (χ2 of 86.7 over 23 degrees of freedom dof). For the SAAO

data, a best-fitting of 2.110± 0.001 days is found, with a reducedχ2 of 3.26 (χ2 of 918.6

over 282 dof). These periods are slightly different from thevalues determined from the

Fourier analysis.

3.3.3 Uncertainty in the period

The period uncertainties are independently estimated by bootstrapping the data. Both

data sets are fit with a sine wave using MPFIT, then the light curves are resampled by

randomly selecting the same number of points and re-fit with asine wave (“resampling

with replacement”, Brinkworth et al. 2005; Diaconis & Efron1983). This is repeated

20,000 times. The resultant distribution of possible periods is given in Figure 3.6. The

distribution of periods for the INT data peaks at 2.110 days with a 2σ error of 0.045 days,

while the SAAO data distribution of periods peaks at the sameperiod with a 2σ error of

0.003 days.
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Figure 3.2: Top of upper panel:Differential light curve of SDSS J0005-1002 (tar-
get/(C1+C3)) taken using the INT WFC in r′-band over five nights in October 2009.
Bottom of upper panel:Differential light curve of the comparison stars (C2/(C1+C3)).
The change in observed flux for the target is not seen in the light curve of the comparison
stars.Top of lower panel:FT of SDSS J0005-1002 light curve, where frequencies have
been searched up to approximately the Nyquist frequency. The inset figure shows the
low frequencies in more detail. The maximum amplitude is measured at a frequency of
0.490103 cycles/d (P = 2.04 d). The other peaks at low frequencies are aliases due to the
window function (Fig. 3.4). The dashed lines indicate theσ and 3σ noise levels.Bottom
of lower panel:FT of the light curve of the comparison stars. The amplitude for the com-
parison stars is much smaller than the amplitude in the FT forthe target. The amplitude
is given in units of milli-modulation amplitude (mma), meaning 10 mma corresponds to
1%.
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Figure 3.3:Top of upper panel:Differential light curve of SDSS J0005-1002 (target/C3)
taken using the STE3 instrument on the SAAO 1.0 m with no filterover four nights in
September 2012 and six nights in October 2012.Bottom of upper panel:Differential
light curve of the comparison stars (C2/C3). The scatter on short timescales (i.e. over one
night) is comparable between nights. Variations in flux are observed from night-to-night
in the light curve of SDSS J0005-1002, while the light curve of the comparison stars is
stable. The scatter in the SAAO data is understandably larger than in the INT data, as
SDSS J0005-1002 is V=18.3 and was observed with a smaller 1.0m telescope. It also has
a smaller field-of-view, thus limiting the number of appropriate comparison stars available
for differential photometry.Top of lower panel:The corresponding FT of the target light
curve, searching up to approximately the Nyquist frequency. The inset figure shows the
low frequencies in more detail. The maximum peak is measuredat 0.501235 cycles/d
(P = 1.99 d). The other peaks at low frequencies are aliases due to the window function
(Fig. 3.5). The dashed lines indicate theσ and 3σ noise levels.Bottom of lower panel:
FT of the light curve of the comparison stars.
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Figure 3.4: Window function of the INT data in Figure 3.2. Thestructure of the peaks is
the same as those seen in the FT of the real light curve.

Figure 3.5: Window function of the SAAO data in Figure 3.3. The structure of the peaks
is the same as those seen in the FT of the real light curve.

3.3.4 Folding the light curve

In Figure 3.7, both sets of light curves are folded on the 2.110 day period. The SAAO

light curve is folded on the ephemeris for the time at minimumflux,

BJD= 2456179.1036(48)+ 2.110(45)E.

However, this is not used to fold the INT data set, as the period estimate is not accurate

enough to link the two data sets, which are separated by nearly three years. Unfortunately,

complete coverage over all phases is not achieved, due to the2 day timescale of variability.

As a result, it cannot be definitively determined whether thephotometric variations are

sinusoidal or not.

The amplitude of the INT folded light curve is 10.9 ± 0.3%, which is not the same as
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Figure 3.6: Distribution of possible periods for the INT andSAAO data sets after boot-
strapping 20,000 times.Top: The INT data peaks at a period of 2.110 days with a cor-
responding 2σ error of 0.045 days, estimated from fitting a Gaussian curve to the peak.
Bottom:The distribution from bootstrapping the SAAO data peaks at the same period of
2.110 days with a 2σ error of 0.003 days.

the amplitude of the SAAO folded light curve at 14.7 ± 0.2%. This is not surprising

as the SAAO data was taken without a filter and the INT data was taken in the r′-band.

Photometric variability in MWDs is known to exhibit a wavelength dependence due to

spectroscopic variations in the presence of a changing magnetic field configuration (e.g.

RE J0317-853, Vennes et al. 2003).

Using the method outlined in Dawson & Fabrycky (2010) for determining whether the

periodic signal is appropriately identified, fake noiseless sinusoids are generated with the

same period, phase and amplitude as found for the real INT andSAAO data sets. The FT

of the noise-free light curve is then compared with the real FT (see Figs. 3.8 and 3.9). In

both cases, the FT of the noiseless sinusoid replicates the FT of the observed light curve

very well, where the maximum peaks at the same frequency withthe same amplitude.
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Figure 3.7: Top: INT light curve folded on 2.110 days with a starting time of
2455122.1804753 BJD at minimum flux. The best-fitting sine curve has a reducedχ2

of 3.61 and a peak-to-peak amplitude of 10.9%.Bottom:The SAAO light curve is folded
on the same period using the ephemeris and binned by a factor 2. It has a reducedχ2 of
3.26 and a peak-to-peak amplitude of 14.7%. The≈2 day period has made it difficult to
observe all phases of the variability with rotation.

Since the fake light curve is created with a single sinusoid and reproduces the observed

FT so accurately, it suggests that the photometric variability of SDSS J0005-1002 can be

described well with a simple sinusoid. This is particularlyinteresting since observations

over all phases could not be acquired due to the 2 day period.
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Figure 3.8: Top: FT of the SDSS J0005-1002 INT data (same as shown in Fig. 3.2).
Bottom: FT of a noiseless 2.110 day sinusoid sampled at the same timesas the INT
data (solid line), with the FT of the real INT data for reference (in grey). The FT of
the noiseless sinusoid reproduces the observed FT very well; the peaks have the same
frequencies and the same amplitudes.

Figure 3.9:Top: FT of the SDSS J0005-1002 SAAO data (same as shown in Fig. 3.3).
Bottom: FT of a noiseless 2.110 day sinusoid sampled at the same timesas the SAAO
data (solid line), with the FT of the real SAAO data for reference (in grey, but it is mostly
hidden by the main fake FT in the panel). The FT of the noiseless sinusoid reproduces the
observed FT very well; the peaks have the same frequencies with the same amplitudes.
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3.3.5 Variability on short timescales

Since other magnetic hot DQ WDs show short term fluctuations on timescales of 210–

1050 s (Barlow et al. 2008; Dunlap et al. 2010; Dufour et al. 2011), the nightly SAAO

light curves, each of which are up to 3 hours long (see Table 3.1), are analysed for short

period modulations. The nightly light curves of the target and comparison stars, and corre-

sponding FTs are shown in Figure 3.10. The nightly SAAO lightcurves are not corrected

for differential refraction effects due to changes in the airmass during observing because I

did not want to unintentionally remove any real long term changes in the flux. The flux in

the nightly light curves are consistently stable and do not show the secular change in flux

with time, indicative of residual atmospheric effects. Thered data points in Figure 3.10

are fake data points from a noise-free 2.110 day sinusoid sampled at the same times as the

SAAO light curve (used for the FT analysis in Fig. 3.9). They show good agreement with

the real data points, illustrating that real variability could have been removed by correct-

ing for any differential refraction. There is some scatter on short timescales in the relative

flux, but these features are also evident in the analysis of the comparison stars. The peaks

in the FTs at low frequencies correspond approximately to the length of the nightly light

curves.

To confirm whether any peaks in the individual FTs are real, false alarm probabilities

(FAPs) are determined for each of the SAAO data sets using themethod in Alcock et al.

(2000) and Kovács, Zucker & Mazeh (2002). The significanceS gof the highest peak in

the FT is calculated using,

S g=
Amax− < A >

σA
, (3.1)

whereAmax is the amplitudeA at the highest peak in the FT,< A > is the average amplitude

andσA is the standard deviation ofA for the given frequency range. This procedure is

carried out for 1000 fake light curves, which are generated by randomly shuffling the

target light curve and repeating the analysis. A probability distribution function (PDF)

is then calculated from the simulated light curves. Figure 3.11 shows the resulting PDF
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Figure 3.10: Light curves of the individual SAAO nights (left) and the corresponding FTs
(right). Each panel shows the results for the target (top) and for the comparison stars
(bottom). The relative flux for the target is calculated as the targetflux divided by the C3
flux, while the comparison star relative flux is determined asC2 flux/C3 flux. There is no
evidence for short period fluctuations at a 3σ detection limit (three times the noise level,
dashed line) of. ±0.5% in amplitude for the two best light curves taken on 2012-09-08
and 2012-09-10. Some scatter is seen in the light curves. However, these features on short
timescales are also evident for the comparison stars. The peaks at small frequencies in
the FTs correspond to the length of the observations. The reddata points are a noise-free
2.110 day sinusoid sampled at the same times as the SAAO lightcurve.
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Figure 3.11: Probability distribution function (PDF) derived for 1000 simulated light
curves of the SAAO data taken on September 8, 2012. The significance of the highest
peak in the FT for the real light curve isS g = 5.15, corresponding to a FAP of 0.060
(dot-dashed line). This is above the dashed line that represents a FAP of 0.01 (the 99%
detection threshold). Therefore, this shows there is no evidence for significant photo-
metric variability (on short timescales) in the light curvetaken on September 8, 2012 of
SDSS J0005-1002.

for the SAAO light curve obtained on September 8, 2012. The FAPs are determined for

each of the nightly SAAO light curves as 0.060, 0.424, 0.030,0.434, 0.295 and 0.347

respectively. These are all above a FAP threshold of 0.01. Furthermore, no significant

peaks are detected in the FTs in Figure 3.10 above a 3σ detection limit (three times

the noise levelσ, dashed line in Fig. 3.10). Consequently, there is no evidence for

photometric variability in SDSS J0005-1002 on a timescalesless than 3 hours (this agrees

with findings from K. Williams & B. Dunlap 2012, priv. comm.) at an amplitude of

.±0.5% (3σ) for the two best light curves taken on 2013-09-08 and 2012-09-10.

At this detection limit, the small-amplitude pulsations exhibited by the other variable hot

DQs may be undetectable in some of the current SAAO data sets.The variable hot DQ

pulsations have semi-amplitudes typically of 7 mma (0.7%) in the optical, with SDSS

J1426-5752’s main pulsation period having the highest amplitude at 17.5 mma (1.75%,

Montgomery et al. 2008). However, the typical pulsation semi-amplitudes would have, at

least, just been detectable in the two best SAAO data sets with detection limits of.±0.5%.
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3.4 Discussion

For the first time, long period photometric variations are discovered for the hot DQ WD,

SDSS J0005-1002, at a period of 2.110±0.045 days and peak-to-peak amplitude of∼ 11%.

There is also no evidence for fluctuations on timescales of less than a few hours at an

amplitude of.±0.5%. In contrast, the other variable hot DQs show short termfluctuations

up to∼1000 s. The vast majority of pulsating WDs have modes shorterthan 2000 s (e.g.

Winget & Kepler 2008). The longest pulsation mode ever measured is 4444 s (Hermes

et al. 2012), but this is for a rare extremely low mass WD (M ∼ 0.17M⊙). The variability

seen in SDSS J0005-1002 is therefore believed to be due to rotation, and not pulsations,

as no WD has ever been observed to pulsate with modes of days.

The spin period for SDSS J0005-1002 is consistent with rotation period measurements

for pulsating WDs, which are typically around a day and determined from the splitting

of their pulsation modes (Kawaler 2004; Winget & Kepler 2008). Approximately 40% of

MWDs show photometric variations with rotation, and the majority have spin periods of

hours to a few days (Brinkworth et al. 2013; Chapter 2).

Up to 70% of hot DQ WDs are magnetic (Dufour et al. 2010a, 2013), which is a much

higher incidence of magnetism than is observed for the general WD population (3−15%,

Kleinman et al. 2013; Jordan et al. 2007; Liebert, Bergeron &Holberg 2003). Inter-

estingly, no magnetic field has ever been detected for a pulsating hydrogen-dominated

atmosphere DA WD, despite several hundred DA MWDs now known,whereas magnetic

fields are measured in some pulsating carbon-dominated hot DQ WDs.

Although Montgomery et al. (2008) predicted that the prototype variable hot DQ SDSS J1426-

5752 should indeed pulsate, they found that the observed pulse shape was different to that

seen for normal DA WD pulsators, having a flat maximum and sharp minimum. Large

amplitude pulsating DA WDs are typically characterised by the opposite behaviour, a flat

minimum and sharp maximum. This unusual pulse shape is also seen for SDSS J2200-
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0741 (Barlow et al. 2008; Dufour et al. 2009) and SDSS J1337-0026 (Dunlap et al. 2010,

although Dufour et al. 2011 did not find this in their FUV lightcurves). Since these stars

also have magnetic fields1, Green et al. (2009) and Dufour et al. (2009) suggested that

the different pulse shape could be due to the presence of the magnetic field. Furthermore,

another hot DQ SDSS J2348-0942 has no known magnetic field anda sinusoidal pulse

shape, suggesting the presence of magnetism may influence the observed pulse shape in

magnetic DQs.

Green et al. (2009) and Dufour et al. (2009) suggested that these magnetic hot DQs could

be the WD analogs of the main-sequence rapidly oscillating Ap (roAp) stars, which have

sufficiently strong magnetic fields (on the order of a few kG) capable of affecting the

pulsations and exhibit a similar pulse shape to SDSS J1426-5752. Rotation periods of

roAp stars are on the order of several days and have single or multi-periodic pulsation

modes of 4 – 21 minutes (e.g. Ryabchikova et al. 2005; Kurtz 1982, 1990; Elkin et al.

2005).

The pulsations interpretation for the short term variable hot DQs is probably real in most

cases. However, not all of them exhibit multi-periodic modes in their FTs, a charac-

teristic indicative of pulsators, and therefore the singlemode pulsators may actually be

photometrically variable due to rotation. Rapid rotation periods as short as tens of min-

utes have been measured for RE J0317-853 at 725 s (Barstow et al. 1995; Ferrario et al.

1997a) and SDSS J2257+0755 at 1354 s (Chapter 2), comparableto the length of pulsa-

tion modes. However, both of these DA WDs have effective temperaturesTeff > 30, 000 K

well beyond the hydrogen instability strip, and therefore their photometric variations are

not pulsation modes. All hot DQs should be observed for both long and short period

photometric variability. This can also be used as a method for indicating whether some

of the other hot DQs may be magnetic. For example, a hot, variable WD was detected

in the Kepler field by Holberg & Howell (2011) with photometric modulations of ≈5%

peak-to-peak on a period of 6.1375 h. Subsequent high S/N spectra confirmed that the

1Dufour et al. (2013) recently detected a magnetic field for SDSS J1337-0026.
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star was in fact magnetic.

Magnetism in WDs, in general, is thought to originate from either a magnetic main-

sequence progenitor star or generate in a binary merger (§1.2.2), and therefore, magnetism

is expected to be found at all points along the WD cooling tracks. If the hot DQs are linked

with the previously known cooler DQs in an evolutionary sequence (as suggested by Du-

four et al. 2008b, 2013), one would expect to find the same highincidence of magnetism

in the cooler, helium-dominated atmosphere WDs as observedfor the hot DQs, which

does not appear to be the case (Dufour et al. 2013). Perhaps the magnetic field detected

in hot DQs is generated in the developing carbon-oxygen convection zone, as the star

converts from a DB to a hot DQ, rather than being a fossil field from the progenitor main-

sequence star or created during the common envelope phase (Dufour 2013, priv. comm.).

Subsequently, as the star cools further and the convection reduces, the magnetic field dies,

explaining the absence of magnetism in the cooler DQs.

3.5 Conclusions

In summary, hot DQ WDs remain enigmatic objects. Most, if notall, are magnetic, in

contrast to the WD population in general, and many appear to pulsate. For the first time,

long period photometric variations have been discovered for a hot DQ WD, SDSS J0005-

1002, with a period of 2.110± 0.045 days and a peak-to-peak amplitude of∼11%. The

modulations were first observed as part of the MWD variability survey using the INT (de-

tailed in Chapter 2) in 2009 and was followed-up more recently using the 1.0 m telescope

at the SAAO. The nightly SAAO light curves show no evidence for short term fluctuations

on timescales less than a few hours at an amplitude level of.±0.5% for the two best light

curves.

All hot DQs should be monitored for long period modulations,indicative of rotation,

while some hot DQ “pulsators”, especially those with a single oscillation mode, should
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be observed to ascertain whether some of the short term variables are rotators after all. The

photometric variation may be due to star spots in a convective atmosphere, or changes in

the Zeeman splitting and line strengths due to a varying fieldstrength and configuration

across the surface of the star. Therefore, these stars, and SDSS J0005-1002 in particu-

lar, should be targeted for high-resolution, time-resolved spectroscopic observations to

investigate how the spectral features change with rotational phase; and although more dif-

ficult to obtain, time-resolved spectropolarimetry over the rotation period would provide

a unique insight into a possibly changing magnetic field and the cause of the fluctuating

brightness. Magnetism may play a key role, or provide clues,to the origin and evolution

of hot DQ WDs.



4
Searching for Long Term Variability in

Magnetic White Dwarfs

Here, I present the results from a search for long term photometric variability in ten bright,

isolated magnetic white dwarfs. These stars were previously investigated by Brinkworth

et al. (2013) and were found to be photometrically stable on short timescales (hours – one

week), but showed possible long term modulations over many months between observing

seasons. Observations were carried out over a two year period using the robotic Liverpool

Telescope in La Palma, Spain. None of the stars in the sample show significant photomet-

ric variability, although the magnetic white dwarf G 240-72appears to show photometric

modulations over months. However, a number of factors have restricted the usefulness of

the data, and therefore the conclusions that can be made. I recommend this investigation

should be repeated in the future, where the CCD has a larger field-of-view, the targets are

observed at a higher sampling rate to probe periods around a month and the observations

are kept as consistent as possible.

99
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4.1 Background

As part of Carolyn Brinkworth’s thesis (Brinkworth 2005; Brinkworth et al. 2013), a

survey was conducted using the 1.0 m Jacobus Kapteyn Telescope (JKT) in La Palma,

searching for photometric variability on short timescales(hours – one week) in a sample

of bright MWDs selected from Wickramasinghe & Ferrario (2000). Some of these targets

indicated possible photometric fluctuations on much longertimescales (months) between

observing seasons. Consequently, these bright, isolated MWDs were followed up as part

of a long term observing campaign with the Liverpool Telescope (LT), also located in

La Palma, between March 2005 and January 2007. The sample of stars is summarised

in Table 4.1. Since these stars had previously been investigated for variability on short

timescales over a week, they were not observed further in thesurvey using the INT (Chap-

ter 2), apart from the weakly magnetic WD PG 0136+251 which was monitored on both

short (Chapter 2) and long timescales.

To date, the longest period measured for an isolated MWD is 17.856 days for KUV 813-

14, obtained from polarisation measurements (Schmidt & Norsworthy 1991). Longer

periods have been inferred from changes in spectral features in individual spectra. In the

case of G 77-50 (Farihi et al. 2011b), a possible rotation period of 28− 33 days is mea-

sured. As previously mentioned, there are also MWDs that maybe very “slow rotators”,

with rotational periods&100 years, as no changes have been detected in polarisation mea-

surements over decades of observations (West 1989). However, it is worth noting that

these long spin periods are only suspected and have not actually been measured. The

absence of variability could also be due to a symmetric magnetic field distribution about

the spin axis along the line of sight, although it is unlikelythey would all have the same

alignment. Spruit (1998) predicted that efficient transport of angular momentum from the

core to the outer envelope could produce slowly rotating cores with periods>10 years,

however MWDs with spin periods on this time scale have not been detected. Four MWDs

suspected to be these “slow rotators” are observed in this variability survey using the LT.
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4.2 Observations

Observations of 10 bright (V< 16), isolated MWDs were conducted using the robotic

2.0 m Liverpool Telescope (LT) on La Palma, over four observing seasons, between

March 2005 and January 2007. The targets were selected from aprevious survey by

Brinkworth et al. (2013), where the stars were found to be photometrically stable on short

timescales (hours – one week), but showed possible long termmodulations between ob-

serving seasons. A summary of the 10 MWDs observed is given inTable 4.1.

Observations were taken in the SDSSr ′ filter to minimise the differential extinction be-

tween the blue targets and the generally redder comparison stars. Exposures times ranged

from 10 to 25 seconds. Sets of five exposures were taken consecutively (N in Table 4.2)

in 2×2 binning, which were later co-added to achieve a signal-to-noise ratio (S/N) of ap-

proximately 500 for each target. This procedure meant low-amplitude variability could

be detected in the target due to the high S/N ratio, without saturating brighter stars in the

field-of-view. A detailed list of the observations can be found in Table 4.2.

For observations of each target to be carried out, the following criteria were specified as

part of the observing strategy: the distance between the target and the moon had to be

more than 30◦ apart, the target was within 60 minutes of the meridian (i.e.hour angles

HA ranging from -1 to +1 hour), and observations were not taken during twilight. Targets

could have been observed in bright time, with seeing conditions>1.3 arcseconds. Each

target would be observed once a month, while visible, for four semesters, with the aim

of collecting a sufficient number of data points per target (∼15 epochs). However, as evi-

dent from Table 4.2, this number of epochs was not achieved for most of the targets, and

some were observed substantially less. Furthermore, the minimum criteria for observing

conditions was not adhered to in all cases, where some observations were taken during

twilight or when the moon was less than 30◦ away from the target. In contrast, the mini-

mum monthly interval between epochs was strictly followed,which meant variations on

a timescale of less than two months could not be reliably tested.
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Liverpool Telescope (LT)

The LT is a 2.0 m fully robotic, autonomous telescope locatedat the Observatorio del

Roque de los Muchachos in La Palma, Spain (Steele et al. 2004). The optical CCD

camera, RATCam, was used for the observations. It has a 4.6’× 4.6’ field-of-view at

0.278 arcsec/pixel (for 2×2 binning). The LT focuses on rapid-response observations of

unpredictable transient phenomena, small scale surveys and variability studies on timescales

from seconds to years. The robotic nature of the telescope allowed spin periods of slowly

rotating MWDs to be investigated, to build a more complete understanding of their period

distribution.

Table 4.2: Detailed list of observations taken with the LT ofthe 10 isolated MWDs.N is the number of
frames taken for that epoch. The date and Julian day are givenfor each epoch, along with the altitude of the
observation and the weather conditions (including the seeing).

Target Date MJD-52000 N Alt( ◦ ) Conditions∗ (seeing) Notes
PG 0136+251 2006 Jun 21 1908 5 26 Moon 17◦ away (1.2”) not used (1)

2006 Jul 22 1939 5 31 Good (1.0”)
2006 Aug 20 1968 5 72 (1.5”) not used (2)
2006 Sep 14 1993 5 66 Clear (1.0”)
2006 Oct 20 2028 5 66 Good (0.9”) not used (2)
2006 Nov 13 2053 5 69 (0.8”)
2007 Jan 14 2114 5 34 Cloud (2.0”)

EUVE J1439+75.0 2005 Jun 15 1536 5 ∼68 (1.4”)
2005 Aug 16 1598 5 ∼30 (1.3”)
2006 Mar 18 1813 5 44 (1.2”)
2006 Apr 19 1845 5 44 (1.6”)
2006 May 17 1872 5 41 Twilight (1.3”) not used (2)
2006 Aug 15 1962 5 39 Twilight (1.6”)
2006 Sep 10 1988 5 30 (1.0”)
2006 Nov 10 2050 5 26 Twilight (1.7”) not used (2)

PG 1658+441 2005 Apr 30 1490 5 ∼65 Good (1.1”)
2005 Jun 15 1536 5 ∼66 Good (1.0”) not used (2)
2005 Jul 15 1566 5 ∼74 Good (0.9”) not used (2)
2005 Aug 14 1596 5 ∼60 Good (0.9”) not used (2)
2006 Mar 18 1813 5 44 (1.2”) not used (2)
2006 Apr 27 1853 5 59 Some cirrus (1.1”)
2006 May 17 1873 5 60 (0.9”)
2006 Jul 15 1932 5 32 (1.0”)
2006 Aug 15 1962 5 69 Twilight (0.9”) not used (2)
2006 Sep 09 1988 5 29 (0.8”) used (3)
2006 Oct 21 2029 5 31 (0.9”)

G 240-72 2005 May 07 1498 5 ∼42 (1.9”)
2005 Jun 05 1527 5 ∼40 Twilight (1.9”)
2005 Jul 05 1557 5 ∼48 Good (1.0”)
2005 Aug 04 1587 5 ∼41 Some cirrus (1.5”)
2005 Sep 03 1617 5 ∼30 (1.3”)
2005 Oct 10 1653 5 40 (1.5”) used (4)
2006 Mar 25 1820 5 39 (2.4”) not used (1)
2006 Apr 22 1847 5 27 (1.9”) not used (2)
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Table 4.2:continued

Target Date MJD-52000 N Alt( ◦ ) Conditions∗ (seeing) Notes
2006 May 23 1878 5 39 (1.9”)
2006 Jun 21 1907 5 42 Twilight (1.3”)
2006 Jul 21 1937 5 47 Twilight (1.0”)
2006 Aug 15 1963 5 39 Good (1.4”)
2006 Sep 18 1996 5 43 Good (1.2”)
2006 Oct 21 2029 5 40 Good (0.9”)
2006 Dec 01 2070 5 29 Twilight (1.5”) not used (1)
2006 Dec 31 2101 5 27 Twilight (3.1”)
2007 Jan 13 2114 5 29 (2.0”)

G 183-35 2005 May 03 1493 5 ∼75 Twilight (1.0”) not used (1)
2005 Jun 21 1542 5 ∼82 Good (0.8”) not used (2)
2005 Jul 17 1568 5 ∼60 Twilight (0.7”) not used (2)
2005 Aug 16 1598 5 ∼83 Good (0.8”) not used (5)
2005 Aug 28 1610 5 ∼72 Clear used (4)
2006 Mar 20 1815 5 61 Good (1.1”)
2006 Jun 17 1904 5 60 Good (0.9”)
2006 Aug 14 1962 5 55 Good (0.8”) not used (5)
2006 Sep 10 1989 5 30 Good (1.1”)
2006 Oct 11 2019 5 28 Good (1.1”)
2007 Jan 19 2120 5 26 Twilight(1.3”)

G 141-2 2005 Jun 01 1522 5 ∼73 (1.5”) used (4)
2005 Jun 21 1542 5 ∼72 (1.2”) not used (2)
2005 Jul 17 1568 5 ∼68 Twilight (0.8”)
2005 Aug 16 1598 5 ∼68 Good (0.9”) used (4)
2006 Mar 20 1815 5 56 Twilight (1.0”)
2006 Apr 27 1853 5 49 Some cirrus (1.4”)
2006 Jun 17 1904 5 59 Good (0.8”)
2006 Aug 14 1962 5 52 Good (0.9”) not used (1)
2006 Sep 10 1989 5 27 (1.2”)
2006 Oct 11 2019 5 40 Clear (1.2”)

G 227-28 2005 Aug 30 1612 5 ∼55 (1.2”)
2006 Apr 23 1849 5 57 (1.3”)
2006 May 23 1879 5 50 (1.0”)
2006 Jun 21 1907 5 53 Good (1.0”)
2006 Jul 21 1937 5 54 Twilight (0.8”)
2006 Aug 15 1963 5 45 Good (0.9”)
2006 Sep 14 1993 5 26 Clear (1.2”)
2006 Oct 21 2029 5 46 Good (0.8”)
2006 Dec 03 2072 5 27 (1.1”) used (3)
2007 Jan 13 2114 5 29 Twilight (1.8”)
2007 Jan 13 2114 5 30 Twilight (1.8”)

G 227-35 2006 Aug 15 1963 5 53 Good (1.0”)
2006 Sep 15 1993 5 42 Good (1.0”)
2006 Oct 21 2029 5 49 Good (0.8”)
2007 Jan 13 2114 5 26 Twilight (1.6”)

Grw+70◦ 8247 2005 Mar 17 1446 5 ∼32 1.4”
2005 May 08 1498 4 (1.7”) not used (6)
2005 Jun 06 1527 5 ∼45 Twilight (1.5”)
2005 Jul 05 1557 5 ∼47 Good (1.0”)
2005 Aug 04 1587 5 ∼48 Some cirrus (1.5”)
2005 Sep 03 1616 5 ∼45 Cirrus (1.3”)
2005 Oct 10 1653 5 45 (1.3”)
2005 Nov 05 1679 5 32 Some cirrus (1.9”)
2006 Mar 25 1820 5 34 (1.6”)
2006 Apr 22 1847 5 26 Some cirrus (2.1”)
2006 May 23 1878 5 33 Poor seeing (2.4”) used (4)
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Table 4.2:continued

Target Date MJD-52000 N Alt( ◦ ) Conditions∗ (seeing) Notes
2006 Jun 21 1907 5 37 (1.6”)
2006 Jul 21 1937 5 45 Twilight (0.9”)
2006 Aug 15 1963 5 44 Good (1.2”)
2006 Sep 14 1993 5 31 Good (1.3”)
2006 Oct 21 2029 5 43 Good (0.9”)
2006 Nov 16 2055 5 26 Cirrus (1.9”)
2007 Jan 13 2114 5 26 Twilight (1.7”)

GD 229 2005 May 02 1493 5 ∼79 Twilight (0.8”) not used (1)
2005 May 31 1521 5 ∼87 Twilight (1.7”)
2005 Jun 29 1551 5 ∼66 Some cirrus (1.1”) not used (2)
2005 Jul 23 1575 5 ∼85 (1.4”) not used (2)
2005 Aug 30 1612 5 ∼80 Some cirrus (1.0”)
2005 Oct 23 1666 5 77 Good (1.0”)
2006 Apr 06 1832 5 38 Good (1.0”)
2006 Apr 28 1854 5 57 (1.3”)
2006 Jun 21 1908 5 48 Good (1.1”)
2006 Jul 21 1937 5 47 Good (0.8”)
2006 Aug 20 1967 5 68 Twilight (1.2”) not used (2)
2006 Sep 14 1993 5 37 Good (1.1”)
2006 Oct 21 2029 5 70 Some cirrus (0.9”)

Notes –
∗ Observing conditions were summarised from information in the FITS header and from the CONCAM
archive, where CONCAM was a night time all-sky camera to monitor cloud coverage.
(1) This epoch of data was not used due to the poor quality of the images. Here, the data was perhaps taken
in twilight, at low altitude/high airmass or when the moon was<30◦ away.
(2) This epoch of data was not used, because field rotation meant some of the comparison stars were no longer
in the field-of-view.
(3) This epoch of data was used even though it was poor quality.
(4) This epoch of data was used despite stars showing slight trailing.
(5) This epoch of data was not used because the photometry washighly variable.
(6) This epoch of data was not used due to a telescope error.
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4.3 Data Reduction and Analysis

The data were reduced with the LT pipeline which performed a bias subtraction, trimmed

the overscan regions and flat-fielded the frames. However, this meant a more thorough and

careful data reduction could not be carried out, as only the reduced frames were provided.

Photometry

Aperture photometry was performed on each of the targets andtheir respective compari-

son stars in the field using theSTARLINK package,AUTOPHOTOM. The sky background

level was estimated from the clipped mean of the pixel valuesin the annulus around each

star. The uncertainty in the count measurements was calculated from the sky variance.

To select the optimal size aperture for the photometry, the signal-to-noise (S/N) ratio was

determined for a range of aperture sizes, as shown in Figure 4.1. As the aperture size in-

creased, the S/N ratio increased, until it reached an optimal aperture width, where the S/N

then levelled off and started to decrease due to the additional noise in the enlarged aper-

ture. The aperture size was approximately twice the averageseeing (FWHM) for each of

the epochs (Naylor 1998). The aperture size was kept constant for frames within the same

epoch, but was allowed to vary for different epochs. This meant sizeable differences in

the seeing/weather conditions were accommodated. The aperture sizes ranged from 5 to

22 pixels, where an aperture of 7 pixels was the most common. Differential photometry

was performed for each MWD, where the target flux count was divided by the sum of

fluxes from the comparison stars. To combine the five frames ofdata taken at each epoch,

the mean flux of each star was calculated and used to determinethe differential flux for

the epoch.

Selecting Comparison Stars

The comparison stars for each target were also investigatedfor any photometric fluctua-

tions. If comparison stars were found to exhibit variable behaviour, they were removed

from the analysis. A comparison star was also eliminated if it was saturated, too faint, or

if it displayed considerable scatter on the order of a few percent greater than the target. A
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Figure 4.1: An example of the signal-to-noise (S/N) ratio with increasing aperture size for
the MWD G 240-72 observed in July 5, 2005. The red dashed line indicates the aperture
size used for the analysis and the blue dot-dashed line represents the aperture width at
2×FWHM, where the FWHM is a measure of the seeing.

star was defined as “too faint” when the S/N ratio was less than100 (approximately equal

to 1% uncertainties), as these faint stars usually added themost scatter to the differential

flux. Even if some targets had a S/N< 100, similarly faint comparison stars were still

avoided to reduce additional noise in the differential flux.Unfortunately, in most cases,

it was not possible to select comparison stars that showed scatter of<±1% and still have

any stars remaining.

An example illustrating how the comparison stars were selected for G 240-72 is shown

in Figures 4.2 and 4.3. In the first instance, the target flux was divided by the flux of

each comparison star separately (Fig. 4.2). If the light curves looked similar using dif-

ferent comparison stars, then they were assumed to be photometrically stable and that the

observed variations were perhaps associated with the target MWD. On the other hand,

if light curves appeared drastically different, the comparison star was possibly varying.

Light curves including faint comparison stars (of a small S/N ratio) contributed more

scatter and larger uncertainties to the differential lightcurves (e.g. bottom panel in Fig.

4.2). When the comparison stars C1 and C3 were used to calculate the differential flux for

G 240-72 in Figure 4.2, the light curves looked similar, and therefore these stars were con-

sidered further as the comparison stars for the differential photometry. Figure 4.3 shows
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Figure 4.2: Differential light curves of G 240-72, where thedifferential flux was calcu-
lated as the target flux divided by the flux of one of the comparison stars. The two light
curves using the flux from C1 and C3 were very similar, suggesting the two comparison
stars were probably photometrically stable and that the variations in the light curve were
most likely associated with G 240-72.

light curves of G 240-72 with respect to the sum of the fluxes ofC1 and C3, along with

the two other comparison stars. This clearly demonstrated that C2 was not appropriate as

a comparison star, since it displayed a long term photometric variation, while C4 showed

considerably more scatter in the light curve. Finally, in the case of G 240-72, C1 and

C3 were selected as the comparison stars. This procedure wascarried out for all of the

MWDs in the sample to find appropriate comparison stars for the differential photometry.
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Figure 4.3: Differential light curves of stars in the G 240-72 field-of-view with respect
to the same comparisons to determine the most stable stars for the analysis. The red
points represent all the data taken at each epoch, while the black data points are the mean
fluxes for the epochs.Top panel:Light curve for G 240-72, where the differential flux
is calculated as target/(C1+C3).Middle panel: Differential light curve of C2/(C1+C3).
C2 shows a long term photometric variation, and so is not usedas a comparison star to
G 240-72.Lower panel:Differential light curve of C4/(C1+C3). C4 is also not used as
a comparison star, because the differential flux exhibits more scatter than the other light
curves since it is the faintest star. The comparison stars C1and C3 are selected for the
differential analysis for G 240-72.

Periodicity Analysis

The light curves were analysed using the same technique as outlined in Chapter 2 (§2.4.1),

where a floating-mean periodogram (Eq. 2.1) was used to determine whether any period-

icity was present within the frequency ranged searched1. The frequency range changed

for the different targets, depending on the sampling rate for the particular target. The

maximum frequency in the range was based on the Nyquist frequency, fNy = 1/2T. How-

ever, as discussed in§2.4, the Nyquist frequency was no longer applicable if the data were

1In the case of G 240-72, a Fourier Transform was also used as anadditional test for variability. The
same method was used as outlined in Chapter 3, utilisingPeriod04(Lenz & Breger 2005).
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unevenly sampled, but given that the data were sampled so sparsely, I felt a conservative

frequency range was the best option.

The significances of the “best-fit” periodicities were assessed using the Monte Carlo tests

and analytical approach, described previously in§2.4.2 and§2.4.3. The detection thresh-

old was set to aFAP ≤ 0.01, where a small FAP statistic implied there was a very small

probability that noise fluctuations alone would cause a signal greater than that obtained

from the real data.

4.4 Results

Significant long term photometric variability is not detected in any of the ten MWDs

studied in this sample. Too few data points in the light curves have been a considerable

limitation for determining any period of variability. A summary of the results for each

target is given in Table 4.3 and each MWD is discussed in more detail in the following

subsections.
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4.4.1 PG 0136+251

PG 0136+251 was removed from the list of MWDs by Kawka et al. (2007). This deci-

sion was based on findings from Schmidt et al. (1992), where there was only negligible

evidence for a magnetic field (B ≤ 0.1 MG), but noted a low-field strength on the or-

der of kilo-Gauss could still be present. Otherwise, it is a hot (Teff ∼ 39, 000 K) and

ultra-massive (M ∼ 1.2 M⊙) DA WD. There has been some discrepancy in the literature

regarding the temperature and mass estimates for the star (Schmidt et al. 1992; Vennes

et al. 1997).

The finder chart in Figure 4.4 highlights the target and comparison stars. C1 and C2

are used as the comparison stars for the differential photometry. Comparison star C3 is

eliminated because it is too faint (S/N∼ 40) and introduces additional scatter into the light

curve. Suitable data of PG 0136+251 are only obtained on fourepochs between July 2006

and January 2007. As a result, no conclusions can be made fromthe sparse data set. The

differential light curve in Figure 4.5 (left) appears flat and a constant fit to the data (with

a reducedχ2 of 0.80) gives a much more appropriate fit than the best-fitting sine curve

(with a reducedχ2 of 0.00). There are no significant features in the periodogram (Fig. 4.5,

right) and nearly all of theχ2 values lie within the 1σ uncertainties from the minimumχ2.

Unsurprisingly, the FAP statistics are very high at 1.00. Toconclude, there is no evidence

of photometric variability in this sparse data set of PG 0136+251, although it should be

observed more thoroughly at a higher sampling rate. There isstill some uncertainty as

to whether it is even a MWD. PG 0136+251 is also observed over aweek with the INT

(in Chapter 2), where no significant photometric variability is detected (FAP> 0.01) at an

amplitude of∼1%.
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Figure 4.4: Finding chart for PG 0136+251 indicating three comparison stars. Compari-
son star C3 is too faint (S/N∼ 40) and is excluded from the photometry.

Figure 4.5:Left: Normalised differential light curve of PG 0136+251, where the differen-
tial flux is calculated as target/(C1+C2).Right: Corresponding periodogram, where there
is no obvious minimum in theχ2. The dot-dashed lines indicate a change inχ2 of 1, 4 and
9 (representing 1σ, 2σ and 3σ uncertainties respectively).
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4.4.2 EUVE J1439+75.0

The star field of EUVE J1439+75.0 is shown in Figure 4.6, wherethe MWD and compar-

ison stars are marked. Comparisons C1, C3 and C4 are used for the differential analysis,

while the two faintest stars C2 and C5 are excluded to reduce the amount of additional

scatter in the light curve. However, all of the comparison stars show large amounts of

scatter in the flux (±2%). In this case, any photometric variability that is detected, may

belong to a comparison star rather than the target. In Figure4.7 (right), the entire peri-

odogram lies within the 3σ uncertainty boundary from theχ2 minimum at a frequency

of 0.002092 cycles/d (P = 478 d), equivalent to the duration of the observations. There

are many minima in the periodogram with similarχ2 values across the frequency range.

A constant fit to the data set gives a reducedχ2 of 1.46. The FAP estimates are high

(FAP∼ 0.58), well above the threshold for a significant detection.However, this is not

surprising considering the small number of data points (N = 6) collected over a period of

17 months.

This MWD is a known, unresolved double degenerate (Vennes, Ferrario & Wickramas-

inghe 1999). Their analysis, using optical spectroscopy, reveals the system to consist

of a hot, non-magnetic DA WD and a magnetic DA WD. The MWD is massive at

M = 0.88−1.19M⊙, hot (Teff = 20, 000−50, 000K) and has a field strength of 14−16 MG.

Assuming a maximum separation of 1.95 arcsec (7 pixels) based on the MWD and WD

being unresolved, an orbital separation between the two WDsis determined as 244 AU

at a distance of 125 pc (Vennes, Ferrario & Wickramasinghe 1999), or 197 AU at 101 pc

(Farihi, Becklin & Zuckerman 2008). Therefore using Kepler’s third law, an upper limit

to any likely orbital period is 2550 – 2920 years using a totalmass for the WDs as 2.24 –

1.7 M⊙ (Vennes, Ferrario & Wickramasinghe 1999) at 125 pc (or 1850 –2120 years at

101 pc). Such a long orbital period would not be detectable onany reasonable timescale.
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Figure 4.6: EUVE J1439+75.0 finding chart with five comparison stars. C1, C3 and C4
are used for the differential analysis, and C2 and C5 are eliminated.

Figure 4.7:Left: EUVE J1439+75.0 normalised differential light curve, where the differ-
ential flux is calculated using target/(C1+C3+C4).Right: Periodogram with the global
minimum occurring at a frequency of 0.002092 cycles/d (P = 478 d), equivalent to the
length of the observations. The dot-dashed lines indicate achange inχ2 of 1, 4 and 9 (i.e
1σ, 2σ and 3σ uncertainties respectively).
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4.4.3 PG 1658+441

This MWD was first discovered as part of the Palomar – Green Survey (Green et al. 1986).

A magnetic field was measured from the Zeeman splitting of theBalmer lines as 2.3 MG

(Liebert et al. 1983), with a pure hydrogen atmosphere atTeff = 30, 000 K. It is one of the

most massive MWDs known at 1.31M⊙ (Schmidt et al. 1992). Brinkworth et al. (2013)

observed PG 1658+441 for photometric variability, although they could not draw any con-

clusions, as there was only one stable comparison star and therefore any modulations were

possibly from the comparison star instead of the target. A mechanism to cause photomet-

ric variability in PG 1658+441 would be unknown, as it is too hot for star spots to form

in the presence of a partially convective atmosphere and itsmagnetic field strength is too

weak for magnetic dichroism to be a factor.

Figure 4.8 shows the PG 1658+441 star field with the comparison stars for the analysis.

Only comparison stars C2 and C4 are used for the differentialphotometry, as C1 shows

variations between observing seasons of∼3% and C3 is faint (S/N∼ 50), exhibiting con-

siderable scatter in the differential flux. There are only a few data points (N = 6) in

the differential light curve (Fig. 4.9,left). No significant periodicity is detected in the

periodogram analysis (Fig. 4.9,right), where the entire floating-mean periodogram lies

within the 3σ uncertainty limits from theχ2 minimum. In addition, there are a few aliases

of comparableχ2 across the frequency range searched. A constant fit to the data points

provides an equally suitable fit (with a reducedχ2 of 1.00) as the best-fitting sine curve.

The FAP estimates are very high at∼ 0.9, indicating that any fluctuations are most likely

due to random noise.

Similar to RE J0317-853, PG 1658+441 may also be a product of adouble-degenerate

merger (Schmidt et al. 1992). In this scenario, the MWD is perhaps expected to rotate

rapidly and exhibit photometric or magnetic field fluctuations, but there is no evidence

so far of this behaviour. However, Garcı́a-Berro et al. (2012) propose the variety of spin

periods can be explained by the alignment of the spin and magnetic axes, and where slow
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rotation is due to the two axes being nearly perpendicular, efficiently braking the remnant

by magnetic dipole radiation.

Figure 4.8: Finding chart for PG 1658+441 with four comparison stars. Only comparison
stars C2 and C4 are used for the differential photometry, as C1 shows photometric mod-
ulations of∼3% between observing seasons and C3 is too faint (S/N∼ 50), contributing
considerable scatter.

Figure 4.9: Left: PG 1658+441 normalised differential light curve with data taken
between April 2005 and October 2006.Right: The corresponding periodogram for
PG 1658+441. The minimumχ2 occurs at a frequency of 0.020657 cycles/d (P = 48.41
d), although there are many aliases present. The dot-dashedlines indicate a change inχ2

of 1, 4 and 9 (equivalent to 1σ, 2σ and 3σ errors respectively).
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4.4.4 G 240-72

G 240-72 has long been suspected to be a very slow rotator. Berdyugin & Piirola (1999)

reported the detection of long term variations in its polarisation in observations obtained

in November 1996 and 1997, in comparison with measurements by Angel et al. (1974) and

West (1989). They measured modulations on a timescale of more than 20 years, which

implied a possible rotational period of∼200 years. This MWD has a helium-dominated

atmosphere, cool effective temperature (Teff = 5590 K, Bergeron et al. 2001) and high

magnetic field strength (B & 100 MG, Angel 1978).

No evidence for short term variability was found by Brinkworth et al. (2013), however

they did report an increase in flux of∼2.5% over 10 months. Consequently, to investigate

periods around a year, G 240-72 was observed from May 2005 until January 2007 for

signs of photometric variability. The light curve shows significant modulations (4− 5%

peak-to-peak, see Fig. 4.11), although a period of variability is not constrained with the

current data. There are many aliases in the periodogram (Fig. 4.12,left), with the mini-

mumχ2 occurring at a frequency of 0.019769 cycles/d (a period of 50.58 d). Similarly, the

FT of G 240-72 in Figure 4.12 (right) has a frequency of 0.018176 cycles/d (P = 55.02 d)

at the maximum amplitude. This peak is above the 3σ noise level threshold, indicating

G 240-72 may be variable above the noise. Furthermore, the peak amplitude in the FT of

the comparison stars light curve (Fig. 4.13,right) is below the 3σ noise level from the

FT for the target light curve. The light curve of the comparison stars is stable at an am-

plitude of∼±1%. The features in the periodogram analysis of the comparison stars (Fig.

4.13) are not replicated in the periodogram analysis of G 240-72 (Fig. 4.12), illustrating

the peaks at higher frequencies for the comparison stars arenot influencing the possible

periodicity in the target light curve. Despite the target light curve displaying clear signs of

photometric variability, the FAP results suggest the period detected is not significant with

a FAP≈ 0.9 (see Table 4.3). In conclusion, G 240-72 may be photometrically variable

over months, but a period has not been determined.
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Figure 4.10: Finding chart for G 240-72 with four comparisonstars. C2 is eliminated
from the analysis because it displays long term variations (Fig. 4.3), and C4 is too faint
to use (since its S/N ratio is a factor of four less than the S/Nof the target).

Figure 4.11:Top panel:Normalised differential light curve of G 240-72, where the differ-
ential flux is calculated using target/(C1+C3).Lower panel:Normalised differential light
curve of the comparison stars, where the differential flux isdetermined from C1/C3.



Chapter 4. Searching for Long Term Variability in Magnetic White Dwarfs 120

Figure 4.12:Left: Floating-mean periodogram for the G 240-72 light curve. Thefre-
quency at the minimumχ2 is 0.019769 cycles/d (P = 50.58 d). The dot-dashed lines
indicate a change inχ2 of 1, 4 and 9 (1σ, 2σ and 3σ uncertainties respectively).Right:
FT of the G 240-72 light curve. The maximum peak has a frequency at 0.018176 cycles/d
(P = 55.02 d) and is above the 3σ noise level. The dashed lines indicate theσ and 3σ
noise level. The amplitude is given in units of milli-modulation amplitude (mma), mean-
ing 10 mma corresponds to 1%.

Figure 4.13: Same analysis as above but for the light curve ofthe G 240-72 comparison
stars C1/C3.Left: Floating-mean periodogram for the G 240-72 comparison stars light
curve. The frequency at the minimumχ2 is 0.03025 cycles/d (P = 33.06 d), corresponding
to the sampling rate of the observations. The dot-dashed lines indicate a change inχ2 of 1,
4 and 9 (representing 1σ, 2σ and 3σ uncertainties respectively).Right: FT of the G 240-
72 comparison stars light curve. The maximum peak has a frequency at 0.035823 cycles/d
(P = 27.92 d). The light curve of the comparison stars is stable at an amplitude of∼±1%.
The dashed lines indicate theσ and 3σ noise level. The amplitude is given in units of
milli-modulation amplitude (mma), meaning 10 mma corresponds to 1%.
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4.4.5 G 183-35

The magnetic field strength of G 183-35 was first measured by circular spectropolarimetry

by Putney (1995), where the dipole field strength was estimated as 14 MG. Putney (1997)

later postulated that G 183-35 was probably rotating with a period between 50 minutes

and a few years, based on changes in the shape of theσ-components in the polarisation

between observing seasons. By contrast, Brinkworth et al. (2013) found no evidence of

photometric variability on timescales less than a year.

Four comparison stars (C2, C4, C5 and C6 as marked in Fig. 4.14) are used for the dif-

ferential photometry, while comparisons C1 and C3 are eliminated. C1 exhibits a high

degree of scatter (>4%) in comparison to the other stars, which dominates the differential

flux because it is the brightest star in the field. C3 adds further uncertainty to the differ-

ential flux because it is the faintest comparison star (S/N∼ 70), comparable to the MWD.

However, since the target is so faint in contrast to the comparison stars, the light curve

of G 183-35 shows scatter of±2-3%. The data points in the differential light curve (Fig.

4.15, left) have large uncertainties (±2%) and it is clear that a constant fit to the data is

more suitable than a sine fit (Table 4.3). The entire periodogram is within the 2σ uncer-

tainty boundary from the globalχ2 minimum (Fig. 4.15,right). The FAPs are above the

significance threshold. In conclusion, no photometric variability is found in this data set

for G 183-35.
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Figure 4.14: Finding chart for G 183-35 with six comparison stars. All of the comparison
stars are used in the analysis, apart from C1 and C3, which both contribute a large degree
of scatter to the light curve.

Figure 4.15:Left: G 183-35 normalised differential light curve, observed between July
2005 and January 2007.Right: The floating-mean periodogram of the G 183-35 light
curve, where the dot-dashed lines indicate a change inχ2 of 1, 4 and 9 (1σ, 2σ and 3σ
errors respectively).
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4.4.6 G 141-2

A magnetic field (B ∼ 3 MG) was first measured for G 141-2 by Greenstein (1986) from

line broadening in its spectra. It is a cool MWD (Teff = 6340 K), has a very small mass at

0.26M⊙ and is suspected to be an unresolved double-degenerate. Bergeron et al. (1997)

suggested G 141-2 was an unresolved binary consisting of a hot DA and a cool DC, where

subsequent observations revealed a split, asymmetric Hα line. Meanwhile, Putney (1997)

found no evidence of splitting in their spectra, nor any polarised Zeemanσ-components.

Consequently, as the star rotates it is possible that its field strength and structure changes,

so at particular phases the Hα line splitting is more noticeable than at other times. This is a

reasonable assumption, since Külebi et al. (2009) illustrate that MWDs can have complex

field structure distributions.

Previous studies of G 141-2 to search for photometric variability were not able to conclude

whether the MWD was variable or not, due to the amount of fluctuations exhibited by

the comparison stars (Brinkworth et al. 2013). However, their observations indicated

that variability on timescales less than 10 months was unlikely and that it was probably

varying over years.

As a result, G 141-2 has been observed on eight occasions between June 2005 and October

2006 to search for long term fluctuations in the flux. Figure 4.16 shows the MWD and the

comparison stars in the field-of-view. The comparison starsC2, C3, C5 and C6 are used

to calculate the differential flux. C1 and C4 are excluded from the analysis because they

both show large amounts scatter in the differential flux of> 4%. The light curve is shown

in Figure 4.17 (left). The majority of the periodogram lies within the 3σ uncertainties of

theχ2 minimum (Fig. 4.17,right). There are many aliases in the periodogram, but none

of the signals are significant. Finally, the FAPs are above the threshold, indicating there

is no significant periodicity present in the light curve and that any variability is probably

due to noise fluctuations.
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Figure 4.16: Finding chart for G 141-2 with six comparison stars marked. Only C2, C3,
C5 and C6 are used for the analysis, as both C1 and C4 show largeamounts of scatter in
the flux (> 4%).

Figure 4.17:Left: G 141-2 normalised differential light curve (target/(C2+C3+C5+C6))
with data taken between June 2005 and October 2006.Right: Periodogram of the G 141-
2 light curve, with theχ2 minimum occurring at a frequency of 0.004964 cycles/d (P =
201.43 d). The dot-dashed lines indicate a change inχ2 of 1, 4 and 9 (representing 1σ,
2σ and 3σ uncertainties respectively).



Chapter 4. Searching for Long Term Variability in Magnetic White Dwarfs 125

4.4.7 G 227-28

G 227-28 has a cool effective temperature (Teff = 4780 K), helium atmosphere and has

a low mass for a MWD at 0.48M⊙ (Bergeron et al. 2001). Putney (1997) found no

detectable circular polarisation for G 227-28, while Wickramasinghe & Ferrario (2000)

later considered it to be a possible MWD. Bergeron et al. (2001) reported that it has a weak

field strength of≤ 0.1 MG. G 227-28 was observed on short timescales for photometric

variability (Brinkworth et al. 2013), but a period was not obtained, although they reported

detecting a change in differential flux of 3% over a year. Consequently, the MWD was

observed a total of nine times for long term fluctuations as part of this survey between

August 2005 and January 2007.

The MWD and comparison stars are highlighted on the finder chart given in Figure 4.18.

C2 and C5 are excluded from the analysis, as C2 is saturated and C5 is too faint (the

S/N is a factor of two less than the target’s S/N), introducing additional scatter into the

light curve. However, the remaining comparison stars stillshow a considerable amount

of scatter, which could be the cause of the modulations in thedifferential light curve (Fig.

4.19,left). There appears to be a general increase in the differentialflux over the observed

time. However, the data sampling is not sufficient to determine whether this variation is

real or not. The minimum in the periodogram (Fig. 4.19,right) has a frequency of

0.01345 cycles/d (a period of 74±17 d). A sine fit, using the best-fit frequency, gives

a more reasonable fit (with a reducedχ2 of 1.22) than a constant fit to the data (with a

reducedχ2 of 3.65). Nevertheless, the FAP estimates are large at FAP∼ 0.3, which is

above the threshold for a significant detection.
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Figure 4.18: Finding chart for G 227-28 with six comparison stars marked. Comparison
stars C1, C3, C4 and C6 are used for the differential photometry analysis, while C2 and
C5 are eliminated from the analysis because C2 is saturated and the S/N ratio of C5 is
approximately a factor of two less than the target’s S/N.

Figure 4.19:Left: G 227-28 normalised differential light curve (target/(C1+C3+C4+C6)).
Right: Floating-mean periodogram, with the minimumχ2 at a frequency of 0.01345 cy-
cles/d (P = 74± 17 d). The dot-dashed lines indicate a change inχ2 of 1, 4 and 9 (1σ, 2σ
and 3σ errors respectively).
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4.4.8 G 227-35

A high magnetic field strength of 170− 180 MG was determined by Putney & Jor-

dan (1995) using linear and circular spectropolarimetry observations to obtain a suitable

model for the field strength and structure. The precise atmospheric composition of G 227-

35 is uncertain. Putney & Jordan (1995) used a hydrogen-richmagnetic model to estimate

the field strength, while Bergeron et al. (2001) used a heliumatmospheric model to fit the

spectra and estimated the temperature and mass asTeff = 6280 K andM = 0.90M⊙ re-

spectively. This MWD is also thought to belong to the class of“slow rotators”, with a

possible period of&100 years, as no changes have been observed in its polarisation over

12 years (West 1989).

The comparison stars C2 and C3 are eliminated from the analysis because they are con-

siderably brighter than the target and dominate the target differential flux results. As

a result, only C1 and C4 are used as comparison stars for the analysis (marked in Fig.

4.20). G 227-35 is observed only four times between August 2006 and January 2007 (Fig.

4.21, left), and with such a sparse data set, little information can be taken. All of theχ2

values in the periodogram lie within 2σ of the minimumχ2 (a∆χ2 of 4), indicating there

are no significant frequencies in the periodogram. A very high FAP statistic is estimated

at 1.00. To conclude, no evidence of periodic variability isdetected in this small data set.
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Figure 4.20: Finding chart for G 227-35 with four comparisonstars indicated. Only C1
and C4 are used for the final differential photometry.

Figure 4.21:Left: G 227-35 normalised differential light curve, where the differential flux
is calculated using target/(C1+C4).Right: Floating-mean periodogram. The dot-dashed
lines indicate a change inχ2 of 1, 4 and 9 (1σ, 2σ and 3σ uncertainties respectively).
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4.4.9 Grw+70◦8247

This MWD is believed to be a “slow rotator” with a period&100 years, as its polarisa-

tion curves have remained unchanged over 25 years of observations (Angel et al. 1981;

West 1989). It has a high magnetic field of 320 MG and temperature of 16,000 K (Wick-

ramasinghe & Ferrario 1988; Jordan 1992). Grw+70◦8247 was previously observed for

photometric variability on short timescales by Brinkworthet al. (2013), who found no ev-

idence of modulations, but noted that the scatter in the comparison stars’ flux was greater

than the scatter seen in the target flux, meaning any detection of variability was unreliable.

Figure 4.22 shows the field-of-view with the MWD and comparison stars marked. C1

is the only comparison star that is used for the differentialanalysis and consequently any

variable behaviour associated with either the MWD or C1 cannot be separated. C2, C3 and

C4 are excluded from the differential analysis because theyare too faint (with S/N ratios

a factor of 2− 4 less than the S/N of the target) and contribute a large amount of scatter to

the light curve, while C5 is not used due to field rotation and so is not consistently in the

field-of-view. No significant variability is detected in theGrw+70◦8247 light curve over

the 22 month period of observations (Fig. 4.23,left). The majority of the periodogram

is within the 3σ uncertainties from theχ2 minimum (Fig. 4.23,right) at a frequency of

0.007384 cycles/d (P = 135.43 d). There are also a few minima in the periodogram of

similarχ2 values, implying sinusoids of different periods can produce equally suitable fits

to the light curve. The FAP estimates for Grw+70◦8247 are high, meaning it is highly

probable that noise fluctuations are responsible for any variability present in the light

curve. This result agrees with the hypothesis that it is possibly a “slow rotator”.
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Figure 4.22: Finding chart for Grw+70◦8247 with the comparison stars. C1 is the only
comparison star used for the analysis. C2, C3 and C4 are eliminated because they are too
faint (their S/N ratios are a factor of 2− 4 less than S/N of the target), contributing a large
degree of scatter to the light curve, and field rotation meansC5 is not consistently in the
field throughout the epochs.

Figure 4.23:Left: Grw+70◦8247 normalised differential light curve with data taken be-
tween March 2005 and January 2007. The differential flux is calculated as target/C1.
Right: The corresponding floating-mean periodogram. The global minimum has a fre-
quency at 0.007384 cycles/d (P = 135.43 d), where the dot-dashed lines indicate a change
in χ2 of 1, 4 and 9 (1σ, 2σ and 3σ uncertainties respectively).
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4.4.10 GD 229

This DBH MWD is strongly polarised with a field strength of 520MG (Wickramasinghe

et al. 2002). Monitoring suggested that it was rotating veryslowly as its polarisation

appeared stable over many years (West 1989). However, laterobservations by Berdyugin

& Piirola (1999) reported that the polarisation was definitely varying on a timescale of

approximately ten years and if the changes were due to slow rotation, perhaps caused by

magnetic braking, then the rotational period would be roughly 80− 100 years.

GD 229 and its comparison stars are highlighted on the finder chart in Figure 4.24. For

the differential photometry, the comparisons stars C1, C3 and C4 are used, while C2 and

C5 are excluded from the analysis because C2 displays a largeamount of scatter and C5

is not in the field-of-view frequently enough to be included due to field rotation. The

scatter of the three comparison stars is±1% and comparable to the scatter in the light

curve of the target (Fig. 4.25,left). Consequently, any photometric fluctuations may be

either due to the comparison stars or the target, thus makingit difficult to differentiate

between them. The minimumχ2 in the periodogram (Fig. 4.25,right) is at a frequency of

0.011903 cycles/d (P = 84.02 d), with a poor reducedχ2 of 2.5. I conclude that random

noise fluctuations are most likely responsible for the variations in the light curve, which

is reflected by the high FAP estimates of∼ 0.8.
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Figure 4.24: Finding chart for GD 229 with five comparison stars. The comparison stars
C1, C3 and C4 are used for the differential photometry. C2 andC5 have not been used
because C2 shows a large amount of photometric scatter and C5is not present in enough
epochs due to field rotation.

Figure 4.25:Left: GD 229 normalised differential light curve from May 2005 to Octo-
ber 2006, where the differential flux is calculated using target flux/(C1+C3+C4).Right:
Floating-mean periodogram, where the minimumχ2 is at a frequency of 0.011903 cy-
cles/d (a period of 84.02 d). The dot-dashed lines indicate achange inχ2 of 1, 4 and 9
(1σ, 2σ and 3σ uncertainties respectively). The 2σ uncertainties cover a frequency range
of 0.011509− 0.012394 cycles/d (a corresponding period range of 80.7− 86.9 d).
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4.5 Discussion

This investigation searches for long term photometric variability in ten bright, isolated

MWDs on a timescale of months to years. No evidence has been found for significant

photometric variations in any of the targets in the sample. G240-72 appears to display

modulations over months at an amplitude of 4− 5% peak-to-peak, consistent with results

from Brinkworth et al. (2013), but a definitive period is not determined. Variations on

this timescale are much shorter than its suspected rotationperiod of& 100 years. How-

ever, no variability is measured over the observed timescale in the other “slow rotators”,

Grw+70◦8247, G 227-35 and GD 229, confirming the possible likelihoodof long rotation

periods in these MWDs.

Considerable difficulties have been encountered in searching for long term photometric

variability over two years of observations. For example, itseems that the de-rotator on the

LT was not operational for some of the observations and as a result the star fields around

the target could differ vastly between epochs. This made it challenging to select consistent

comparison stars for all of the epochs. Furthermore, the target and comparison stars fre-

quently fell on different parts of the CCD, introducing possible systematic uncertainties

that have not been accounted for in the photometry. The comparison stars often exhibit

more scatter than the target and consequently obtaining a reliable differential flux is prob-

lematic or not possible, making it difficult to search for low-level amplitude photometric

variability. Many of the observations for each target are taken on an approximate monthly

basis, rather than being randomly scheduled, therefore imposing a strong selection effect

and limiting the range of frequencies that could be definitively searched. Spin periods of

less than two months could not be reliably probed.

Crucially the minimum observing conditions are not adheredto in some cases, where

some targets have been observed during twilight, at a distance of less than 30◦ from the

moon and at high airmass. In combination with observing during a bright moon and in

seeing of>1.3”, the data quality are poor on occasions. Most of the datasets are too
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sparse (N = 4 for two MWDs) for significant photometric modulations and periods to be

detected, and therefore the abilities of the survey are limited.

Given the data quality, it is clear the data are insufficient to test for long term photomet-

ric variability in MWDs. These stars should be re-observed over years for any subtle

photometric changes. If this investigation is re-considered for future tests with a differ-

ent telescope, greater control is required. For example, data reduction for this data was

performed by the LT pipeline. Ideally, more control over thephotometric data reduction

would be preferred to ensure calibration frames, such as biases, darks and flat frames, are

taken and appropriately applied for an optimal reduction. The colour of the comparison

stars has not been checked in this analysis, and therefore differences in colour between

MWDs and their comparison stars could have had an influence onthe observed photo-

metric variability. Obviously, for a thorough analysis of long term variations, this should

be a consideration. In addition, a larger field-of-view would be ideal, to ensure a suffi-

cient number of suitable comparison stars are available fordifferential photometry. The

absence of stable comparison stars is a dominant limitationon the analysis.

4.6 Conclusions

In summary, a search is conducted into the long term photometric variability (months

– years) for a sample of 10 bright, isolated MWDs. They were previously studied by

Brinkworth et al. (2013) for short term modulations and werefound to be photometrically

stable on a timescale of minutes to one week. No significant evidence for photometric

variability is detected here. However, G 240-72 may fluctuate on a timescale of months,

as previously indicated by Brinkworth et al. (2013). The abilities of this survey to de-

tect long term variations in MWDs are severely hampered by the quality of the data,

where targets are not imaged frequently enough to probe periods around a month with

any statistical confidence, while no de-rotator on the Liverpool Telescope at the time of
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the observations means the same comparison stars are not consistently in the field-of-

view. Furthermore, target scheduling means some targets have been observed in less than

appropriate conditions, such as during twilight. As a result, all of these stars, and in par-

ticular G 240-72, should be targeted for a more thorough and comprehensive long term

photometric variability study.



5
Long Term Monitoring of RE J0317−853

The rapidly rotating (P = 725 s), highly magnetic (300 MG< B < 800 MG), mas-

sive (M ∼ 1.3M⊙) white dwarf, RE J0317−853, has been photometrically monitored since

1994, to determine whether any changes have occurred in the arrival time of the maxi-

mum flux. For the first time this method has been applied to a variable magnetic white

dwarf, where a rate of period changeṖ is measured to bėP = (9.6± 1.4)× 10−14 s/s from

an “Observed minus Calculated” (O – C) time of maximum flux analysis. The measured

Ṗ appears to be consistent with the influence expected from theorbital motion between

the wide binary pair of RE J0317−853 and LB 9802. Interestingly, the indications of a

possible periodicity in the residuals from the best-fit tentatively suggest the presence of a

nearby low-mass companion to RE J0317−853. The survival of a low-mass companion in

a close orbit to a white dwarf through the post main-sequenceevolution is discussed and I

suggest that if confirmed, the companion may have formed in a disc around the magnetic

white dwarf following a merger.

136
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5.1 Background

5.1.1 RE J0317−853

RE J0317−853 (hereafter RE J0317) is one of the most interesting isolated MWDs known.

It was first discovered by Barstow et al. (1995) as an extreme-ultraviolet (EUV) source by

the ROSAT1 Wide Field Camera. An optical spectrum of RE J0317 and a far-ultraviolet

(FUV) spectrum, taken with the IUE2 satellite, were compared with synthetic spectra

generated using a simple dipole model for a range of temperatures and field strengths

(and a fixed value for log g of 8.0) by Barstow et al. (1995) to determine a best-fit dipolar

magnetic field strength of 340 MG with an offset from the centre along the dipole axis

of 0.2 stellar radii toward the southern magnetic pole. In this dipole model, the field

strength ranges from 664 MG at the south pole to 197 MG at the north pole. A similar

result was obtained by Ferrario et al. (1997a) ofB = 450 MG with an offset ofz =

−0.35RWD at a line of sight inclination to the magnetic axis ofi = 30− 60◦, determined

by comparing circular polarisation data to different modelconfigurations of dipolar field

strengths and offset parameters. Spectropolarimetry observations revealed fluctuations in

the circular polarisation of∼8% over the spin period (Ferrario et al. 1997a). A slightly

larger field strength range of 180− 800 MG was determined by Burleigh et al. (1999),

who modelled phase-resolved FUV spectra taken with theHubble Space Telescope(HST)

Faint Object Spectrograph (FOS) using an expansion into spherical harmonics, making it

one of the most magnetic isolated WDs. The offset dipole model and the multipolar

expansion model were compared by Vennes et al. (2003), who found that the models

failed to simultaneously explain the magnetic field dependence of the FUV spectrum and

the phase-resolved properties of the optical polarisationspectrum. Consequently, Vennes

et al. (2003) proposed that RE J0317 might have a spot similarto WD 1953-011 (Maxted

1Röntgensatellit (ROSAT) was an X-ray telescope launched in 1990 and operated for over eight years.
2The International Ultraviolet Explorer (IUE) satellite was launched in early 1978 and operated for

almost 18 years. It observed in the ultraviolet part of the spectrum (10–350 nm) and was controlled in real
time by astronomers.
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et al. 2000; Brinkworth et al. 2005) with a high-field magnetic spot and an overall lower

magnetic field, and whether this could explain some of the observed characteristics, such

as the rapid transition from a low B-field to a high B-field in the line spectra.

In addition, RE J0317 is one of the hottest MWDs. Using the IUEUV spectrum, Barstow

et al. (1995) suggested the MWD had a very high effective temperature of 30, 000−

50, 000 K, with a best-fit at 49,000 K. Analysis of the EUVE3 spectrum by Vennes et al.

(2003) accounted for the interstellar EUV absorption usingthe interstellar medium Lyman

lines, which revealed a cooler temperature estimate of 33,800 K.

Barstow et al. (1995) obtained high-speed photometry of RE J0317, revealing periodic

variations in the optical wavebands every 725.4 ± 0.9 s, with a semi-amplitude of 0.084

mag. These results were later confirmed by Vennes et al. (2003), who detected fluctuations

in the circular polarisation data with a period of 725.727±0.001 s. The optical light curve

is not perfectly sinusoidal, but instead has a slightly flattened minimum (Barstow et al.

1995). Furthermore, when observed in the EUV, the photometric variation is double-

peaked on the same period (Ferrario et al. 1997a). Over the years, the modulations have

proven to be very stable in amplitude and shape. The fluctuations in the optical with

rotation have been attributed to changes in the continuum opacity (otherwise referred to

as magnetic dichroism, Ferrario et al. 1997a), due to a varying magnetic field strength

across the surface. However, the double-peaked light curveobserved in the EUV is not

explained by magnetic dichroism. In the case of Feige 7, which has a field strength of

B = 35 MG (Achilleos et al. 1992), the photometric modulations were also attributed

to magnetic dichroism and changes in the field strength with rotational phase, but the

effect was heightened by inhomogeneities in the chemical composition across the stellar

surface. As a result, Ferrario et al. (1997a) suggested thatthe additional periodicity,

at half the rotation period observed in the EUV light curve, could be caused by heavy-

element abundance inhomogeneities at the magnetic poles. The variability is unlikely to

be caused by pulsations, as the star is hot and well outside the hydrogen instability strip.

3The Extreme Ultraviolet Explorer (EUVE) satellite.
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RE J0317 was assumed to be in a double-degenerate wide-binary system with LB 9802, a

non-magnetic DA WD, due to the visual proximity of the stars on the projected sky. Using

theTeff and log g parameters for LB 9802 and the evolutionary models of Wood (1992), a

distance to the star was derived in the range of 33−37 pc (Barstow et al. 1995). Assuming

a distance of 36 pc to the nearby non-magnetic WD, Barstow et al. (1995) determined that

RE J0317 has a radius of≈0.0035R⊙ and a corresponding mass of 1.35M⊙ (log g=9.5). A

mass of 1.32± 0.03M⊙ was estimated by Vennes & Kawka (2008) usingTeff=33,800 K

and log g=9.4 at a distance of 27 pc (Kawka et al. 2007). These mass values indicate

RE J0317 is one of the most massive isolated WDs discovered. Only 10 WDs have masses

larger than 1.1M⊙ (Kawka et al. 2007). The binary relationship between RE J0317 and

LB 9802 was confirmed from the common proper motion of the system using SuperCOS-

MOS observations at the UK Schmidt Telescope (UKST) taken∼25 years apart (Farihi,

Becklin & Zuckerman 2008). Recent work by Külebi et al. (2010) aimed to constrain

the mass and radius estimates, and thus the cooling age, for RE J0317 using parallax

measurements acquired from HST’s Fine Guidance Sensor. A distance of 30.05 pc was

calculated from the parallax of LB 9802, indicating a separation of 7” (Vennes et al. 2003;

Külebi et al. 2010) on the sky, equivalent to 210 AU between the two WDs. Külebi et al.

(2010) estimated the mass and radius of RE J0317 for a range ofeffective temperatures

30, 000−50, 000 K (Barstow et al. 1995) using a variety of WD cooling models, where the

mass value of RE J0317 ranged between 1.3M⊙ for an effective temperature of 30,000 K

and>1.38M⊙ for an effective temperature of 50,000 K. These estimates implied cooling

ages of 280−320 Myr for RE J0317, while the cooling age of the DA companionLB 9802

is 280 Myr. Therefore, when the progenitor masses of the WDs and main-sequence life-

times were considered, there was a difference in the total age estimate for RE J0317 and

LB 9802 of 100 Myr. Similarly, previous total age estimates suggested that RE J0317 was

younger than LB 9802, leading to an “age discrepancy” (Ferrario et al. 1997a). However,

Külebi et al. (2010) noted that if the effect of magnetism onthe structure of the WD was

considered, where the WD radius increased for a given mass and thus the cooling age also

increased, the difference in the total age was eliminated.
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Külebi et al. (2010) discussed RE J0317’s possible evolutionary scenarios: either by sin-

gle star evolution from a progenitor star with an initial mass of 7−8M⊙, or from the merger

of two WDs. Tout et al. (2008) postulated that high-field MWDsare the result of a bi-

nary star merger, where the magnetic field is generated in a common envelope. The high

mass, high temperature and rapid rotation of RE J0317 support the merger hypothesis.

These factors, along with the age discrepancy between RE J0317 and LB 9802, led Fer-

rario et al. (1997a) to suggest that RE J0317 was the result ofa double-degenerate merger.

If the cooling age of RE J0317 is significantly younger than the less massive LB 9802,

it would suggest that RE J0317 probably did not evolve from a single star (otherwise it

would be older, since high mass stars evolve faster than lower mass ones). Külebi et al.

(2010) claimed the single star route was the favourable option atTeff = 30, 000 K, as the

total ages of RE J0317 and LB 9802 were comparable if the effect of magnetism on the

structure (radius) of RE J0317 was included. However, the binary merger scenario could

not be ruled out due to the large amount of uncertainty in common envelope theory and

merger timescales.

Despite all of the observations, modelling and work that hasbeen performed over the

years to understand RE J0317, there is still considerable uncertainty in its physical pa-

rameters and thus it still remains an enigma.

5.1.2 Investigating the change in arrival time of a signal

A wealth of knowledge can be obtained from studying the changes in the arrival time of

an expected signal. RE J0317 has shown its photometric modulations are stable since its

discovery. Therefore, I have searched for possible changesin the timing of the variability

using many years of data, potentially looking for signs of a substellar companion orbiting

the star.

Planets beyond our Solar System were first discovered aroundthe millisecond pulsar
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PSR B1257+12 by Wolszczan & Frail (1992) from the small variations in the pulse ar-

rival time. A pulsar is a rapidly spinning, highly magnetic neutron star that forms during

the collapse of a massive star. These millisecond pulsars have spin periods of 1.4 ms<

P < 30 ms and magnetic fields of>1000 MG (Lorimer 2008). As the star rotates, radio

emission from the star is directed along the magnetic axis ofthe star in a beam; analo-

gous to the periodic beam of light observed from a lighthouse. The periodic pulses of

light with rotation can act as an extremely accurate clock, with period changes of only

Ṗ ∼ 10−20 s/s (e.g. PSR J1713+0747, Splaver et al. 2005 and PSR J0437-4715, Verbiest

et al. 2008). This stability allowed Wolszczan (1994) and Konacki & Wolszczan (2003)

to detect changes in the pulse timing due to the presence of three planetary companions of

0.020, 4.3 and 3.9M⊕ (Earth masses) at 0.19, 0.36 and 0.46 AU respectively, whichcaused

the pulsar to move around the system’s centre of mass, resulting in small variations in the

arrival time of the radio pulse. In theory, it is even possible to detect objects as small

as asteroids using this technique (Wolszczan 1997). However, planets orbiting pulsars

have proven to be extremely rare, with only a couple of systems known (PSR B1257+12,

Wolszczan & Frail 1992 and PSR B1620-26, Sigurdsson et al. 2003).

This technique has also been extended to search for planetary companions to pulsating

WDs by searching for changes in the arrival time of their pulsation modes (Mullally

et al. 2008). Ideal pulsating WDs exhibit a few isolated, relatively low amplitude modes,

whereas multiplets or closely spaced modes are difficult to resolve and can make it dif-

ficult to accurately determine the phase. From a sample of 15 DAV WDs observed over

four years, Mullally et al. (2008) reported that the WD GD 66 showed variations in the

“Observed minus Calculated” (O – C) time of maxima, consistent with a planet minimum

mass of 2.36MJup at an orbital separation of 2.75 AU with a best-fit period of 5.69 years,

assuming a circular orbit (Mullally et al. 2009). If confirmed, this would have been the

first planet discovered orbiting a WD. However, they have since performed the O – C

analysis for other frequency modes in the FT and do not find thesame outcome as the

main mode (Mullally 2012, priv. comm.). This is worrying, asit suggests that the timing
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variations are due to internal fluctuations occurring within the pulsating WD and not the

presence of a genuine planet orbiting GD 66 (which would showthe same variations in

the O – C diagram regardless of the frequency mode analysed).For the remaining stars

in the sample, Mullally et al. (2008) were able to place constraints on the presence of

planetary companions to the stars, given the data sampling.In contrast to other planet

searching techniques, such as the transit or radial velocity methods, timing analysis can

be sensitive to objects in wider orbits (like those observedin our Solar System), provided

that the observations cover a sufficiently long baseline.

The change in arrival time of pulsation modes has also been utilised in asteroseismology

to gain further insight into the internal properties of a WD,such as its core composition

and its rate of evolution (Althaus et al. 2010). The fundamental limit on the stability

of the rate of period changėP of a WD is its cooling timescale. Along with a number

of millisecond pulsars, some pulsating DAV WDs are the most stable clocks at optical

wavelengths (Kepler et al. 2005) on timescales of 109 years. Kepler et al. (2005) used the

Ṗ of the main pulsation mode of the ZZ Ceti star G 117-B15A to measure its evolutionary

rate of change, finding that it was consistent with the cooling rate of WD models for C or

C/O cores (typically oḟP ∼ 2−5×10−15 s/s, Brassard et al. 1992; Benvenuto et al. 2004).

The method is also used for eclipsing binary systems where changes in the eclipse times

can be used to search for companions, such as the possible planetary companions to the

post-common envelope binaries HW Vir (Lee et al. 2009) and NNSer (Beuermann et al.

2010). For example, NN Ser is a short-period eclipsing binary consisting of a DA WD

and an M dwarf in a detached system. The O – C eclipse timings show large amplitude

variations, suggesting there are two planets orbiting the binary (Beuermann et al. 2010).

Such systems open up questions on how the planetary companions formed and evolved.

Beuermann et al. (2010) discussed two possible formation scenarios for the planets or-

biting NN Ser: old, first generation planets that formed in a circumbinary protoplanetary

disc, or young, second generation planets that formed in a disc from the common envelope

(Perets 2010).
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A similar technique known as “transit timing variations” has proved to be very fruitful

for detecting multiple planetary systems transiting or orbiting main-sequence stars using

observations from theKeplersatellite, due to the unprecedented quality of the data (e.g.

Mazeh et al. 2013; Lissauer et al. 2011; Fabrycky et al. 2012;Holman et al. 2010; Steffen

et al. 2010 and references therein). The planets orbiting the host star cause the mid-point

of the transit (from one of the planets) to shift, allowing the multiple planetary system

characteristics to be accurately modelled and constrained.

This technique of searching for subtle timing variations isobservationally intensive, as a

great deal of time is required over long baselines to even start searching for signals. The

method also requires good and appropriate models to describe the data to determine the

best transit/eclipse times or times of maximum/minimum flux. Nevertheless, it can be

applied to a variety of systems and situations and has been used extensively with much

success.

Following the prescription outlined in Kepler et al. (1991), if the period of variability is

changing slowly with time then the time of maximum flux,Tmax, can be expanded as a

Taylor series as,

Tmax = T0
max+

dTmax

dE
(E − E0) +

1
2

d2Tmax

dE2
(E − E0)

2
+ ..., (5.1)

whereE is the epoch cycle number. The change in arrival time of maximum flux with

epoch,dTmax
dE , is the period of the photometric variability,P. Therefore, the double differ-

ential can be simplified to,

d2Tmax

dE2
=

dP
dE
=

dP
dt

dt
dE
= ṖP. (5.2)

SettingE0 = 0, defining the observed time of arrivalO as the time of maximum fluxTmax

(O ≡ Tmax) and dropping the terms higher than second order, the following is obtained,

O = T0
max+ PE+

1
2

PṖE2. (5.3)
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The expected time of maximum flux,C, can then be determined assuming a constant

period, such as,

C = T′0 + P′E, (5.4)

whereT′0 and P′ are the reference time of maximum and period respectively, and are

estimated parameters. Finally, the difference between theobserved and calculated time

can be defined as,

O−C = ∆T0 + ∆PE+
1
2

PṖE2, (5.5)

where∆T0 = T0
max− T′0 and∆P = P− P′.

If a planet is orbiting a star, the distance between the star and an observer will change pe-

riodically as the system orbits its centre of mass. If the star has stable periodic pulsations

or variations, the presence of a planet will cause a change inthe observed arrival time

of an otherwise stable and predictable signal compared to the assumption of a constant

period. The orbital separation,ap, can be determined from Kepler’s laws as,

a3
p =

G(M⋆ +mp)P2

4π2
, (5.6)

whereap is in AU, P is the orbital period in years,M⋆ is the mass of the WD in solar

masses,mp is the companion mass in solar masses and whereG/4π2
= 1. The semi-major

axis,a⋆, of the WD’s orbit about the centre of mass of the system is given by (as shown

in Fig. 5.1),

a⋆M⋆ = mp(ap − a⋆) (5.7)

a⋆ =
mpap

M⋆ +mp
. (5.8)

The approximation thatM⋆ ≫ mp cannot be assumed, as the companion mass could be

comparable to the mass of a WD. The projected semi-major axisof the WD’s orbit around

the centre of mass becomesa⋆ sini, if the planet’s orbit has an inclination anglei to the

line of sight. As the companion orbits the WD, the distance tothe observer will fluctuate,
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Figure 5.1: Diagram of a star and companion orbiting about the centre of mass, where
M⋆ is the mass of the star (or WD in this case),mp is the mass of a companion,ap is the
orbital separation anda⋆ is the distance from the star to the centre of mass.

giving a change in the arrival time of maximum flux as,

τ =
a⋆ sini

c
(5.9)

τ =
mpap sini

(M⋆ +mp)c
(5.10)

wherec is the speed of light. As a result, the semi-amplitude of the signalτ increases with

the orbital separation of the planet and therefore, given a long enough time base, planets

at wider orbits are easier to detect.

Furthermore, the curvature of the O – C plot,Ṗ, can also be determined as a function

of the mass of the companion and their orbital separation (see Kepler et al. 1991 for the

derivation),

Ṗ =
P
c

Gmp

a2
p

cosθ sini, (5.11)

whereṖ is measured from the O – C diagram as given by Equation 5.5,P is the period of

the photometric variability (as also in Eq. 5.5),θ is the position angle in the orbit andi is

the inclination angle of the orbit (the angle between the plane of the sky and the plane of

the orbit). Assuming the maximum radial velocity occurs foran edge-on system (i = 90◦)

and forθ = 0 (tangential velocity = 0), the expression is simplified to

Ṗ ≈ 1.97× 10−11P
mp/M⊙

(ap/AU)2
s/s. (5.12)
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This approach, however, breaks down if there is a planet present and the data set spans

a significant fraction of the orbit. In this event, the assumption that Ṗ is constant is no

longer valid, and therefore Equation 5.11 can only be used toconstrain the presence of

planets, but not to measure the parameters once it is found.

5.2 Photometric Data

Three different telescopes have been used over the past 19 years to observe RE J0317: the

1.0 m at the South African Astronomical Observatory (SAAO),the PROMPT telescopes

at the Cerro Tololo Inter-American Observatory (CTIO) and ULTRACAM at the New

Technology Telescope (NTT). A detailed log of the photometric observations is given in

Table 5.1.

5.2.1 SAAO 1.0 m

RE J0317 was first observed using the 1.0 m telescope at the SAAO in 1994 by Darragh

O’Donoghue to measure the periodic photometric variability. Since then, the telescope

has remained a consistent facility in this project with a total of 148 hours of time-series

photometry, although three different instruments have been used on the 1.0 m telescope:

the UCT CCD, the STE4 CCD and the STE3 CCD. The UCT CCD was used for the

majority of the early epochs, with the STE4 CCD being used only once in 2008 and the

STE3 CCD for the 2012/13 observing season.

The UCT CCD has a cooled camera with a 576×420 pixels thinned, back-illuminated

CCD and is primarily designed for high-speed photometry. Toobtain no deadtime during

readout, the UCT CCD operates in frame transfer mode. This means that half of the chip

is covered by a mask and at the end of an exposure, the image on the unmasked half is

transferred to the masked half, which is then read out duringthe next exposure on the
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unmasked section. This operating mode allows exposure times as short as 10 s with no

time lost for readout. Therefore, 10 s exposures were taken using the UCT CCD without

a filter (i.e. in white light).

Care was required when observing with the UCT CCD because thefield-of-view (109′′ ×

74′′) was very small. This meant that the telescope had to be positioned appropriately

so comparison stars also fell on the CCD and the target avoided bad pixels/regions. In

addition, poor seeing conditions meant photometry could beproblematic, as the target

and its WD companion (RE J0317 and LB 9802) would blend together as their projected

separation is only∼ 7′′ (Külebi et al. 2010).

Two other instruments were also used on the 1.0 m telescope: the STE4 and STE3 CCDs.

The primary difference between these two instruments is thefield-of-view. They are back-

illuminated detectors of 1024× 1024 pixels and 512× 512 pixels for STE4 and STE3

respectively, with 0.31 arcsec/pixel. For both detectors,2 × 2 binning was used with an

exposure time of 10 s. STE3/4 are not high-speed photometersand thus do not have a

frame transfer mode. This meant there was a readout time between exposures of∼6 s,

which was kept to a minimum by using STE3 (in 2012/13) and 2× 2 binning. Ideally, I

would have used the UCT CCD for the 2012/13 observing campaign for consistency with

previous data. Sadly, however, the UCT CCD was no longer operational and there was no

high-speed photometer replacement available for the observing season.

5.2.2 PROMPT

RE J0317 was monitored intensively over the late 2010/early2011 semester with the

Panchromatic Robotic Optical Monitoring and Polarimetry Telescopes (PROMPT), lo-

cated at the Cerro Tololo Inter-American Observatory (CTIO) in Chile. Built by the Uni-

versity of North Carolina at Chapel Hill (UNC-CH), PROMPT consists of six 0.41 m tele-

scopes. PROMPT was primarily designed to take rapid, simultaneous multi-wavelength
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observations of gamma-ray burst afterglows. It is operatedby a prioritised, queue-scheduling

system called SKYNET and is 100% automated. The telescopes are mounted with rapid-

readout (<1 s) cameras, with a field-of-view of 10 arcminutes and 0.6 arcsec/pixel (Re-

ichart et al. 2005).

The campaign with PROMPT in 2010/11 meant that sufficient data could be acquired over

a single season to obtain a reliable ephemeris. The PROMPT observations were carried

out by Brad Barlow, part of the SKYNET consortium at UNC-CH. The exposures were

taken without a filter for 30 s for approximately 4 h observingruns, although they varied

between 3 and 7.5 hours. In total, PROMPT observed RE J0317 on17 nights for a total

of 78 hours.

5.2.3 ULTRACAM

Photometric data of RE J0317 was also acquired with ULTRACAMmounted on the

3.58 m New Technology Telescope (NTT) at La Silla, Chile, in May/June 2011, courtesy

of Tom Marsh. The ULTRACAM instrument is a collaboration between Tom Marsh, Vik

Dhillon and the Astronomy Technology Centre (Edinburgh). It is a high-speed, 3-channel,

frame transfer CCD camera. RE J0317 was observed inu′, g′ andr ′ simultaneously on

six separate occasions (for<1 h each) over three nights.

Table 5.1: Observations log of RE J0317− 853.

Date Start Time Texp Length Filter∗ Telescope/
(UTC) (s) (hr) Instrument

1994-11-08 00:17:03 10 2.22 white SAAO 1.0 m UCT
1994-11-12 21:57:06 10 3.99 white SAAO 1.0 m UCT
1998-08-21 01:56:03 10 2.26 white SAAO 1.0 m UCT
1998-08-24 03:36:10 10 0.69 white SAAO 1.0 m UCT
1998-08-25 00:58:52 10 2.81 white SAAO 1.0 m UCT
1998-11-10 21:10:52 10 3.45 white SAAO 1.0 m UCT
1998-11-11 19:57:56 10 4.26 white SAAO 1.0 m UCT
1998-11-12 19:40:22 10 4.65 white SAAO 1.0 m UCT
1998-11-14 18:20:14 10 6.00 white SAAO 1.0 m UCT
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Table 5.1:continued

Date Start Time Texp Length Filter∗ Telescope/
(UTC) (s) (hr) Instrument

1999-09-02 18:22:46 10 7.04 white SAAO 1.0 m UCT
1999-09-04 19:00:22 10 3.17 white SAAO 1.0 m UCT
2000-01-11 19:31:24 10 0.71 white SAAO 1.0 m UCT
2000-01-13 18:56:34 10 1.51 white SAAO 1.0 m UCT
2000-01-14 19:12:48 10 1.19 white SAAO 1.0 m UCT
2000-01-17 18:37:46 10 1.58 white SAAO 1.0 m UCT
2006-10-26 23:21:59 10 3.46 white SAAO 1.9 m UCT
2006-10-28 00:58:51 10 0.80 white SAAO 1.9 m UCT
2006-10-31 01:18:42 10 3.17 white SAAO 1.9 m UCT
2007-12-07 18:51:55 10 2.99 white SAAO 1.0 m UCT
2007-12-08 20:11:21 10 2.89 white SAAO 1.0 m UCT
2007-12-09 23:07:42 10 1.40 white SAAO 1.0 m UCT
2008-11-06 00:09:34 10 2.34 white SAAO 1.0 m STE4
2008-11-09 23:19:43 10 1.68 white SAAO 1.0 m STE4
2009-10-31 23:53:00 10 3.18 white SAAO 1.0 m UCT
2009-11-04 00:23:08 10 2.40 white SAAO 1.0 m UCT
2010-09-05 03:01:55.9 30 3.94 Open PROMPT-4
2010-09-30 00:56:41 10 2.41 white SAAO 1.0 m UCT∗∗

2010-10-17 00:15:35 10 2.81 white SAAO 1.0 m UCT∗∗

2010-10-26 23:23:07 10 3.42 white SAAO 1.0 m UCT∗∗

2010-12-08 00:37:15.3 30 5.18 Open PROMPT-3
2010-12-11 00:38:40.4 30 7.27 Open PROMPT-3
2010-12-14 00:41:54.3 30 6.20 Open PROMPT-3
2010-12-18 00:45:03.9 30 6.22 Open PROMPT-3
2010-12-19 00:44:36.8 30 7.46 Open PROMPT-3
2010-12-22 03:54:41.6 30 3.90 Open PROMPT-3
2010-12-23 00:46:30.3 30 0.56 Open PROMPT-3
2010-12-24 03:49:29.6 30 3.93 Open PROMPT-3
2010-12-26 02:40:33.3 30 3.97 Open PROMPT-3
2010-12-28 01:40:14.9 30 5.26 Open PROMPT-3
2010-12-29 02:42:17.7 30 3.89 Open PROMPT-3
2010-12-30 01:51:25.1 30 4.93 Open PROMPT-3
2011-01-06 00:49:37.1 30 4.10 Open PROMPT-3
2011-01-11 00:49:33.8 30 3.92 Open PROMPT-3
2011-01-12 00:41:49.6 30 2.97 Open PROMPT-3
2011-01-15 00:37:43.5 30 3.88 Open PROMPT-3
2011-01-19 20:22:05 10 3.78 white SAAO 1.0 m UCT
2011-01-25 01:05:19 10 1.88 white SAAO 1.0 m UCT
2011-05-29 09:34:59.3 2.89 1.10 u′g′r′ NTT ULTRACAM
2011-05-31 08:27:05.1 2.89 0.67 u′g′r′ NTT ULTRACAM
2011-05-31 09:07:19.5 2.89 0.92 u′g′r′ NTT ULTRACAM
2011-06-01 06:28:58.3 2.25 0.62 u′g′r′ NTT ULTRACAM
2011-06-01 07:56:41.5 2.82 0.65 u′g′r′ NTT ULTRACAM
2011-06-01 09:25:15.5 3.82 1.02 u′g′r′ NTT ULTRACAM
2012-08-10 03:03:26 10 1.30 white SAAO 1.0 m STE3
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Table 5.1:continued

Date Start Time Texp Length Filter∗ Telescope/
(UTC) (s) (hr) Instrument

2012-08-30 01:14:17 10 2.96 white SAAO 1.0 m STE3∗∗

2012-08-31 01:20:24 10 1.36 white SAAO 1.0 m STE3∗∗

2012-09-02 01:21:23 10 2.81 white SAAO 1.0 m STE3∗∗

2012-09-03 01:12:46 10 1.81 white SAAO 1.0 m STE3∗∗

2012-09-05 01:15:22 10 0.76 white SAAO 1.0 m STE3∗∗

2012-09-08 01:23:24 10 2.62 white SAAO 1.0 m STE3∗∗

2012-09-09 01:14:08 10 0.90 white SAAO 1.0 m STE3∗∗

2012-09-11 01:09:21 10 2.73 white SAAO 1.0 m STE3∗∗

2012-09-12 01:05:51 10 1.37 white SAAO 1.0 m STE3∗∗

2012-10-04 23:33:57 10 3.58 white SAAO 1.0 m STE3∗∗

2012-10-07 00:02:52 10 1.28 white SAAO 1.0 m STE3∗∗

2012-10-23 21:25:24 10 1.41 white SAAO 1.0 m STE3
2012-11-07 21:42:25 10 3.47 white SAAO 1.0 m STE3
2012-11-08 21:46:14 10 3.16 white SAAO 1.0 m STE3
2012-11-09 19:58:52 10 2.87 white SAAO 1.0 m STE3
2012-11-10 20:01:09 10 2.81 white SAAO 1.0 m STE3
2012-11-13 21:03:15 10 2.36 white SAAO 1.0 m STE3
2012-12-06 21:19:11 10 1.69 white SAAO 1.0 m STE3∗∗

2012-12-11 21:20:45 10 1.23 white SAAO 1.0 m STE3∗∗

2013-01-02 19:46:12 10 3.07 white SAAO 1.0 m STE3∗∗

2013-01-03 19:14:15 10 3.57 white SAAO 1.0 m STE3∗∗

2013-01-04 19:18:44 10 3.42 white SAAO 1.0 m STE3∗∗

2013-01-05 19:11:12 10 3.52 white SAAO 1.0 m STE3∗∗

2013-01-06 19:13:34 10 3.56 white SAAO 1.0 m STE3∗∗

2013-01-07 20:49:48 10 1.81 white SAAO 1.0 m STE3∗∗

2013-01-08 20:49:07 10 1.92 white SAAO 1.0 m STE3∗∗

∗ The SAAO 1.0 m UCT CCD is sensitive to the blue end of the visible spectrum, so the
white light observations peak at 400− 500 nm. While, the SAAO 1.0 m STE3/4 CCD is
red sensitive and white light observations are at 600− 700 nm.
∗∗ Data either collected by myself or as part of a program where Iwas the principal inves-
tigator.
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5.3 Data Reduction and Analysis

5.3.1 SAAO 1.0 m

The photometric data taken at SAAO was reduced using their pipeline which performed:

a bias subtraction, flat-fielding and extraction of the brightness of the stars on the frame

usingDuPHOT. To start, the bias was measured from the overscan strip region and was

subtracted from the image. The overscan strip and other unwanted edges of the CCD

were then trimmed off. The science images were then corrected using the normalised

master flat field. The script then performed variable aperture photometry and PSF-fitting

photometry for each star in the field-of-view brighter than agiven threshold. Differential

photometry was conducted using the flux measurements of the target and best comparison

stars in the field. An example of a SAAO 1.0 m STE3 light curve isgiven in Figure 5.4,

along with its corresponding FT.

Figure 5.2: An example of a SAAO 1.0 m STE3 light curve of RE J0317−853 taken on
August 30, 2012 (left) and its corresponding Fourier transform (right). The FT peaks at
a frequency of 119.11825 cycles/day (a period of 725.330 s).The amplitude is given in
units of milli-modulation amplitude (mma), meaning 10 mma is equivalent to 1%.
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5.3.2 PROMPT

A standard photometric data reduction was carried out for the PROMPT data. Using

STARLINK packages, such asFIGARO, KAPPA andCONVERT, all of the frames were ini-

tially converted from FITS format to sdf (starlink data format) and then the edges of the

images were trimmed. A master bias frame and master dark frame were constructed by

taking the median of a number of appropriate images. The master bias frame was then

subtracted from the flat fields before they were combined and normalised to make the

master flat frame. Individual flat frames with counts higher than 40,000 counts were ex-

cluded. Since the dark frames were not taken with the same exposure time as the science

frames, the darks had to be scaled appropriately. First, themaster bias image was sub-

tracted from the master dark, which was then scaled to the same exposure time as the

science images. The master bias was then added back onto the “scaled” master dark. The

master dark frame (scaled to the appropriate exposure time)was subtracted from the sci-

ence frames which were then finally flat fielded (i.e. divided by the de-biased normalised

master flat frame). Where possible, the three sets of calibration frames were taken on the

same night as the science observations; however, this couldnot always be achieved, in

which case the calibration frames were taken from the nearest night to the observations.

Once the photometric data reduction was carried out, aperture photometry was performed

on the science frames usingAUTOPHOTOM (the same method as outlined in§3.2.2 for

the SAAO photometry of the hot DQ). The aperture size was set to ∼1.7 times the mean

seeing (FWHM) which was kept constant within an epoch but wasallowed to change

with the average seeing conditions from night-to-night. The typical aperture size was

6−7 pixels. It is worth noting that PROMPT drifts due to a tracking error in the mount of

0.4 arcmin/hour (Barlow et al. 2011). In addition, the telescope occasionally underwent a

“pier flip”, as the target moved through the meridian, part way through observing runs; as

a result, the star flux did not always fall on the same pixels onthe CCD. An example of the

PROMPT field-of-view is given in Figure 5.3 with the target and comparison stars marked.
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Figure 5.3: Finder chart for RE J0317−853 in the PROMPT field-of-view (10’×10’).
RE J0317 and its DA WD companion, LB 9802, have been marked along with four com-
parison stars.

Comparison stars C1, C2, C3 and C4 were selected for the differential photometry. Stars

were avoided that may drift out of the field-of-view during anobserving run and that were

not stable with high star flux standard deviations. An example of one of the PROMPT

light curves is shown in Figure 5.4, along with its corresponding FT.
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Figure 5.4: An example PROMPT light curve of RE J0317−853 taken on December
29, 2010 (left) and its corresponding FT (right). The FT peaks at a frequency of
119.01396 cycles/day (a period of 725.965 s).

5.3.3 ULTRACAM

The ULTRACAM data were reduced using the ULTRACAM pipeline software4 (Dhillon

et al. 2007). This followed the usual photometric data reduction procedure. The bias

frames were combined to create a master bias frame. Care was required to ensure the bias

frames were taken in the same operating mode, readout speed and binning as the science

images. The flat frames were bias subtracted and then combined and normalised to make

a master flat by taking the median. Individual flats with less than 5000 counts and more

than 47,000, 27,000 and 27,000 counts for frames taken inr ′, g′ andu′ respectively were

excluded. The bias subtraction and flat fielding of the science frames were performed

under the same routine as the aperture photometry, calledREDUCE. To start, the position

of the stars for the photometry were defined for each of the three wavebands. Three stars

were specified: the target, a comparison star and a referencestar for the seeing. The

reference star could change between epochs, depending on how the stars were aligned

on the CCDs, but the specified comparison star was kept consistent. In addition, a mask

was used in the photometry to limit the amount of unwanted fluxfrom the comparison

star to the target. This was especially important as the observations were taken in poor

seeing conditions, varying from 1.5” up to 4” for the poorestdata set. The seeing was

typically ∼2” for the ULTRACAM data. A variable aperture was set to 1.7×FWHM for

4The ULTRACAM software is available at: http://deneb.astro.warwick.ac.uk/
phsaap/software/ultracam/html/index.html
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Figure 5.5: Left: An example of the ULTRACAM data taken on the NTT of
RE J0317−853 in filtersu′, g′ andr ′ simultaneously. The optical variability dependence
on wavelength is clearly evident in these light curves. Ing′ andr ′ the light curve looks
nearly sinusoidal, while inu′ the light curve is double-peaked.Right: The corresponding
FTs for each of the wavebands.

the photometry and the star signal was extracted using Moffat profile fitting. The sky

background level was estimated using the clipped mean. Oncethe light curves were

obtained for each of the three stars, the differential flux was calculated as the target’s flux

divided by the sum of the comparison star flux and the reference star flux. Examples of

theu′, g′ andr ′ differential light curves and FTs obtained with ULTRACAM onthe NTT

are shown in Figure 5.5. The wavelength dependence of the optical variability is clearly

evident. Ther ′ light curve looks nearly sinusoidal and theg′ light curve has a flatter

minimum, while theu′ light curve is double-peaked on the spin period and the amplitude

is much less.
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5.3.4 Combined data sets

Once differential light curves were obtained for each of theruns, they were normalised

using a second-order parabola to remove any remaining atmospheric extinction effects.

The observation times were then corrected to a consistent format. The Julian Dates (JD)

obtained from the PROMPT data were modified from the time at the start of the exposure

to the mid-exposure time. This was not required for the data from SAAO or ULTRA-

CAM, as the mid-exposure JDs were given in the reduction processes. All time stamps

were then converted to Barycentric Julian Date (BJD) using an IDL script developed by

Eastman et al. (2010). Each of the individual light curves (listed in Table 5.1) were anal-

ysed using a floating-mean periodogram. The frequency measured at the minimumχ2 in

the periodogram was used to fit the light curves with a sine wave using MPFIT in IDL

(Markwardt 2009). The sine wave model is defined as,

y = Asin
(

2π
t
P
+ 2π

φ

P

)

, (5.13)

whereA is the semi-amplitude,P is the period in seconds,φ is the phase in seconds

(between zero andP with every cycle) andt is the time in seconds from the mid-point of

the run. Light curves taken at the same epoch (i.e. week/month) with the same instrument

were combined into one. As a result, light curves would consist of ∼9 hours of data

spread over a much longer baseline of a few days. This reducedthe uncertainty in the

time of maximum by the square root of the total observing time, since a better sine fit

was obtained over a longer period of time, compared with a single night of data. Figure

5.6 shows the semi-amplitude of the sine fits of the 22 combined light curves. As seen in

the Figure 5.6, the amplitude measurements are quite variable for the SAAO 1.0 m STE3

instrument, although the PROMPT and SAAO 1.0 m UCT amplitudes are consistent over

time. There are differences between the telescopes/instruments used (i.e. the data taken

with the SAAO UCT consistently has a semi-amplitude of∼90 mma, whereas the semi-

amplitude of the PROMPT light curves is less at∼72 mma). The differences in the semi-
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Figure 5.6: Semi-amplitudes of the best-fitting sinusoids to the light curves for each
epoch. The black filled circles indicate data taken at SAAO with the UCT CCD in white
light, the black unfilled circles are data taken at SAAO with the STE4/STE3 CCD in white
light, the blue triangles represent data from the PROMPT telescopes with no filter and the
red square is ULTRACAM data on the NTT taken in theg′ filter. The semi-amplitude is
given in units of milli-modulation amplitude mma (10 mma corresponds to 1%). Differ-
ences in semi-amplitude are evident between different instrument/telescope combinations,
although the semi-amplitude appears to be generally consistent for the same configuration
(although not the case for STE3/4 light curves).

amplitude may be due to the wavelength of the observed light curves, but also the time-

sampling of the light curves. SAAO UCT and ULTRACAM are high-speed photometers

and therefore collect more data across the phase than PROMPTand SAAO STE3/4. The

best-fitting period for each of epochs is shown in Figure 5.7 which are found to be very

consistent and to agree within∼0.01 s. The two exceptions are both single night light

curves, and not combined with other data sets taken over manynights.

5.4 The O – C Diagram

Following the O – C method described earlier in§5.1.2 (and detailed in Barlow et al.

2011; Sterken 2005; Kepler et al. 1991), an initial estimatefor the best-fitting period is

determined asP′ = 725.72776± 0.00015 s using a least-squares sine curve fit (using

MPFIT) to all of the 2010/2011 light curves taken with PROMPT.
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Figure 5.7: Periods of the best-fitting sinusoids to the light curves for each epoch. The
symbols were previously defined in Figure 5.6. The best-fitting period is consistent across
all of the epochs, although there is a miscellaneous point ata time of approximately
2456050 BJD with a period of 724.8 s. The dashed line represents the ephemeris best-
fitting period atP = 725.727684± 0.000002 s (see Table 5.3).

To determine the “Observed” times of maximum (O), the light curves for each epoch are

shifted to their respective mid-point (mean) time. A least-squares sine curve is then fit

to the data sets using Equation 5.13, where the period (in seconds), phase (in seconds)

and amplitude are free floating parameters. Formal 1σ errors are output from MPFIT

for each of these parameters. The time of maximum light is then calculated using,O =

Tref − φ + P/4, where the error in “O” is the sum in quadrature of the error in the phase

and period.

Using the estimate for the period, the corresponding cycle numbersE are calculated using

the linear ephemeris expression (T′0 + P′E, Eq. 5.4), assuming a constant periodP. The

“Observed” time of maximum light for the December 24, 2010 epoch (PROMPT light

curves) is used as the reference time of maximumT′0 for the ephemeris. Exceptional

care has been required to ensure the cycle numberE is correct over such long periods

of time. (When the appropriate cycle number of the epoch is lost, it is illustrated by a

sudden change in the O – C points of half the rotation period.)The “Calculated” times of

maximum are determined using the same ephemeris (Eq. 5.4) and cycle numbersE of the

observed epochs.
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Figure 5.8: The O – C diagram of RE J0317−853 constructed using the initial period
estimate. The negative slope indicates that the O – C diagramis calculated with a period
slightly longer then the true period. The dashed line is the best-fitting linear fit (Eq. 5.14),
which is used to determine the real period.

The resulting O – C diagram (using the initial period estimate) is shown in Figure 5.8,

where the data points are determined by subtracting the “Calculated” times of maximum

from the “Observed” times of maximum. The plot shows a changein the O – C of≈80 s

over the last 19 years. The negative slope indicates that theO – C diagram is constructed

with a period slightly longer then the true period. An uncertainty in the period of∆P =

0.0001s over 19 years (∼789,000 cycles) equates to≈80 s, corresponding to the∆(O−C)

observed in Figure 5.8.

To determine the real period, a straight line of the formO−C = a+ bE is fit to the O – C

diagram (Fig. 5.8), equivalent to,

O−C = (T0
max− T′0) + (P− P′)E, (5.14)

whereT0
max is the actual time of maximum,T′0 is the time of maximum that is used to

construct the O – C diagram,P is the real period andP′ is the initial estimate for the

period that is used to calculate the O – C diagram. Therefore,the actual period and time
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of maximum flux are determined from the following expressions, using the results from

the linear fit,

P = b+ P′ (5.15)

T0
max = a+ T′0. (5.16)

The O – C diagram is then re-calculated using the new period and time of maximum

estimates and is repeated until the fit could no longer be improved. The final O – C

diagram using the true period is shown in Figure 5.9 and the O –C values are given in

Table 5.2. The linear ephemeris for the time of maximum flux is,

2455556.7250473(67)BJD+ 0.00839962597(2)E. (5.17)

For completeness, a parabola (the dashed line in Fig. 5.10) as described by Equation 5.5

is fit to the O – C data points using the MPFIT non-linear least squares routine, where the

points are weighted by their estimated errors. Fitting the O– C expression (Eq. 5.5) yields

an estimate for the rate of period change (Ṗ). The residuals obtained from subtracting the

parabola from the O – C points are shown in the lower panel of Figure 5.10. The observed

rate of period change (Ṗ) from the parabolic fit is found to be (9.6± 1.4) × 10−14 s/s. A

determination for thėP term in the O – C expression, however, does not necessarily mean

it is significant. Following Pringle (1975), the test statistic is calculated asλ = 30.18

where,

λ =
σ2

1 − σ2
2

σ2
2

(n− 3), (5.18)

andσ1 andσ2 are the biased variances of the linear fit and the parabolic fitrespectively,

andn is the total number of data points. The null hypothesis (or linear fit) can be rejected

at the 99.9% confidence level, sinceF(1, 19) at 99.9% = 15.08, and therefore the parabolic

fit is significant. The best-fitting ephemeris parameters forthe times of light maximum

are given in Table 5.3.
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Figure 5.9: The O – C diagram of RE J0317−853. The symbols have been previously
defined in Figure 5.6. The best-fitting linear ephemeris gives a reducedχ2 of 5.92 (χ2 of
118.37 over 20 dof). There is some scatter in the O – C points.

Figure 5.10: Top panel: The O – C diagram of RE J0317−853 with the best-fitting
parabola (dashed line), which has a reducedχ2 of 3.87 (χ2 of 73.57 over 19 dof). The
symbols have been previously defined.Lower panel: The residual O – C points after
subtracting the parabola (dashed line).
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Table 5.2: Times of observed light maximum and corresponding O – C values. Observa-
tions taken at the same epoch have been combined into a singleepoch to reduce errors,
hence there are fewer epochs listed here in comparison to thecomplete observations log
in Table 5.1.

Time of maximum O – C O – C Error
(BJD) (s) (s)

2449667.0417293 1.7 2.5
2451048.6206244 3.0 1.2
2451130.4497558 0.9 0.7
2451425.3438068 -0.6 0.6
2451558.3266738 -1.6 0.6
2454037.5434237 -6.2 0.7
2454443.4049963 -2.3 0.6
2454778.5248709 -2.5 1.1
2455138.5496377 -2.6 0.7
2455444.6992214 -1.2 1.0
2455483.0770911 -3.1 0.6
2455544.1844330 2.4 0.7
2455556.7166655 1.5 0.7
2455572.1047881 2.2 0.7
2455583.9902305 -0.2 0.7
2455712.4205439 2.6 0.6
2456149.6546394 -0.5 0.7
2456176.0798737 0.5 0.6
2456214.9617481 1.0 0.6
2456242.4369212 0.7 0.6
2456270.9116877 3.7 0.6
2456298.3868271 0.5 0.6

Table 5.3: Ephemeris parameters for the times of light maximum from Equation 5.5.

Parameter Value Error Units Comments
T0 2455556.7250473±0.0000067 days time of maximum light
P 725.727684 ±0.000002 s period of photometric variability
Ṗ 9.6× 10−14 ±1.4× 10−14 s/s change in period
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5.5 Discussion

Here, possible mechanisms that could influence the arrival times of the maximum flux

are discussed; this includes the possible spin-down of an isolated MWD due to magnetic

dipole radiation, the reflex motion of a wide binary degenerate pair and the presence of

planetary companions.

5.5.1 Spin-down by magnetic dipole radiation

In the first instance, the rate of period change (Ṗ) was assumed to be the result of RE J0317

spinning down, possibly due to magnetic dipole radiation. Isolated neutron stars are

known to spin down by magnetic dipole radiation (Ostriker & Gunn 1969; Gunn & Os-

triker 1970). Magnetic dipole radiation occurs when the spin axis and the magnetic field

axis of the pulsar are misaligned, causing a magnetic dipolemoment and the emission

of electromagnetic dipole radiation. The energy of the radiation is equivalent to the rota-

tional kinetic energy of the neutron star. Consequently, the loss of rotational energy from

magnetic dipole radiation causes the pulsar to spin down. This effect has not yet been ob-

served for a MWD, but since RE J0317 has one of the highest magnetic field strengths for

a WD, it is one of the best candidates to attempt to detect spin-down via this mechanism.

Assuming magnetic dipole radiation is occurring in RE J0317, the minimum magnetic

field strength can be estimated for the periodP and period derivativėP using,

Bmin =

(

3c3I
8π2R6

)1/2

(PṖ)1/2, (5.19)

whereI is the moment of inertia given byI = 2/5MR2 in gcm2, andM andRare the mass

and radius of the WD respectively in units of grams and centimetres. This expression is in

cgs units, with the B-field given in units of Gauss. Using a mass and radius of 1.35M⊙ and

0.003R⊙ respectively for RE J0317 (Barstow et al. 1995), the expression can be simplified
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to,

Bmin = 7.53× 1014(PṖ)1/2. (5.20)

The estimates forP andṖ, as determined from the parabolic fit to the O – C points, are

then used to calculate the minimum B-field required for magnetic dipole radiation to cause

the amount of measured spin-down for the parameters of the star. A minimum B-field of

∼6200 MG is calculated. This estimate is very high and well above the range of field

strengths measured for RE J0317 with a maximum at 800 MG (Burleigh et al. 1999). No

magnetic field strength has ever been measured for a MWD larger than 1000 MG. There

is considerable uncertainty in the mass and radius estimates: Külebi et al. (2010) report

possible masses for RE J0317 of 1.28M⊙ to >1.46M⊙ and radii of 0.00293 – 0.00416R⊙

depending on the core composition model and temperature used. Even taking this uncer-

tainty into consideration, it does not account for the largeestimatedBmin.

The characteristic ageτ can be determined as a function of the periodP and the rate of

period changėP by,

τ ≡
P

2Ṗ
. (5.21)

The P andṖ values that are determined from the O – C fitting process give acharacter-

istic timescale of 120 Myr. This is roughly comparable to thecooling age of RE J0317

(∼300 Myr, Külebi et al. 2010), although it is on the young side.

By contrast, since all of the parameters in Equation 5.19 areknown, the expression can

be rearranged to calculate the expected value ofṖ given the measured magnetic field

strength. Using the measured range of magnetic field strengths 180− 800 MG (Burleigh

et al. 1999), the correspondinġP is found to span 7.9× 10−17 s/s up to 1.6× 10−15 s/s for

the respective B-field boundaries. This is 1 – 3 orders of magnitude smaller than the value

determined from the O – C diagram with Equation 5.5. TheṖ value derived for 800 MG

is comparable to thėP values expected from the WD core cooling (Ṗ ∼ 10−15 s/s, Winget

& Kepler 2008), which is essentially a measurement of the evolutionary timescale of the

WD. The Ṗ calculated for 180 MG would be undetectable as other mechanisms, such as
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WD cooling, would be more dominant. This illustrates that spin-down due to magnetic

dipole radiation will only ever be measurable for the highest field, isolated MWDs. Fur-

thermore, this B-field range yields characteristic timescales in the range of 7 – 146 Gyears.

The timescale derived for the lower field strength stars (at 180 MG) is longer than the age

of the Universe, further demonstrating that this effect would not be observable for the

majority of MWDs. For the higher field strength WDs (at 800 MG), the timescale is com-

parable to the cooling age of old WDs, although it is not compatible with the age of this

MWD. Consequently, from these discrepancies, magnetic dipole radiation has been ruled

out as the cause of thėP in the O – C diagram.

5.5.2 Reflex Motion

In the previous section, I discussed the possibility that the Ṗ obtained from the O – C

diagram was from the MWD spinning down as a result of magneticdipole radiation, but

concluded that it was an unlikely scenario. Since RE J0317 isin a wide binary with the

non-magnetic DA WD LB 9802, thėP could be caused by the degenerate companion to

the MWD.

Due to the close proximity between RE J0317 and the nearby WD LB 9802 on the pro-

jected sky, Barstow et al. (1995) assumed that the two stars were probably linked. The

common proper motion of the double-degenerate pair was later confirmed using Super-

COSMOS observations from the UK Schmidt Telescope (UKST) separated by a baseline

of ∼25 years (Farihi, Becklin & Zuckerman 2008). Külebi et al. (2010) measured a sep-

aration of 7” (equivalent to 210 AU at a distance of 30.05 pc) using HST observations.

Assuming a total mass of 2.02−2.31M⊙ and a circular orbit, Külebi et al. (2010) calculate

that the orbital period is approximately 2004 – 2143 years.

Using Equation 5.12, the expected upper limit on theṖ due to reflex motion is cal-

culated as (2.42 − 2.78) × 10−13 s/s using the mass of the MWD companion LB 9802
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Figure 5.11: The orbital inclination angle with the position angle in the orbit (i − θ). The
dark regions indicate angles where the theoreticalṖ matches the measuredṖ value within
uncertainties.Left: All possible angles are explored across the inclination andposition
angle. Right: The parameter space is constrained further using measurements for the
orbital velocity and tangential space velocity from Külebi et al. (2010).

(0.76−0.84M⊙), the separation between the two stars (ap= 210±2 AU) and the period of

RE J0317’s photometric variability. Assuming the measuredṖ is correct, the difference

between the upper limit and the measuredṖ can place constraints on the position angle

θ and inclination anglei of the binary system. From Equation 5.11, the cosθ sini term

required for the theoretical̇P and measureḋP to match within uncertainties is determined.

Figure 5.11 (left) shows thei − θ parameter space for an inclination angle between 0−90◦

and a position angle between 0− 360◦, where the black regions indicate the combinations

of i andθ that are required for the theoreticalṖ to be consistent with the measuredṖ. The

i−θ parameter space is constrained further in Figure 5.11 (right), where the orbital veloc-

ity (2.92− 3.12 km/s) and tangential space velocity (2.33± 0.12 km/s) from Külebi et al.

(2010) are used to calculate a range of position angles and therefore inclination angles.

For the theoretical̇P to be consistent with the measuredṖ, the possible position angles

and inclination angles areθ = 45− 57◦ andi = 24.7− 56.8◦ respectively.

Additionally, to establish whether the orbital motion of the pair would be detected in the

O – C analysis, simulations are conducted for a range of companion masses and orbital
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separations to the MWD, RE J0317. The same method is used hereas outlined in Mullally

et al. (2008) to place constraints on the parameter space of companions to which the

current data sampling is sensitive.

Figure 5.12 is a relief map of the companion mass – orbital separation parameter space

given the time sampling, where the dark shaded regions represent the highest sensitivity.

Assuming a circular orbit, the motion of RE J0317 and a companion about the centre of

mass can be described by a sinusoid in an O – C diagram, where the periodP of the

light curve is calculated using Equation 5.6 and the semi-amplitudeτ is determined by

Equation 5.10. These parameters are calculated for a given companion mass and orbital

separation. An O – C sinusoid is generated for a given companion massmp and orbital

separationap and sampled at the same times as in the O – C diagram, with the same O – C

uncertainties. Random Gaussian noise is added to the synthetic O – C points distributed

by the standard deviation of the actual O – C data. The light curve is then analysed using

a floating-mean periodogram and the power of the maximum peakis determined. Using

this information, the false alarm probability is then calculated using the same method

detailed in§2.4.2 on significance tests. In brief, the false alarm probability is determined

as the number of times noise fluctuations alone from 1000 fakeO – C plots cause a larger

signal in the periodogram than the signal from the original.This process is repeated

across the entire companion mass – orbital separation parameter space. The dark shaded

regions in Figure 5.12 indicate a false alarm probability of1% or less. The non-magnetic

WD companion LB 9802 lies within the parameter space that would be detected with the

current data sampling (represented by a white ring in Fig. 5.12). Consequently, it is

possible that thėP measured from the O – C diagram (Fig. 5.9) is due to the reflex motion

of RE J0317 with its non-magnetic WD companion.

As a result, this hypothesis is additionally tested by fitting the O – C data points with a

sinusoid representing the reflex motion expected in the O – C diagram between RE J0317

and LB 9802 orbiting about the centre of mass of the system. For a circular orbit (e= 0),

this effect can be modelled with a sine curve plus a constant.Figure 5.13 (top) shows
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Figure 5.12: Relief map of the companion mass – orbital separation parameter space
showing the regions where companions orbiting RE J0317−853 could be detected given
the O – C time sampling. The dark shaded regions represent thehighest sensitivity and
indicate a false alarm probability of 1% or less. The white ring (top-right) is the location
of the non-magnetic WD companion LB 9802 of 0.76M⊙ at a separation of 210 AU. The
dot-dashed lines indicate upper limits on an unresolved companion of 4− 6MJup from
Spitzerobservations (Farihi, Becklin & Zuckerman 2008). The filledred stars represent a
possible companion from the O – C data points ofM ≈ 5.6MJup at 1.64 AU and from the
O – C residuals from the parabolic fit ofM ≈ 7.9MJup at 0.69 AU (as explained further
in §5.5.3). The unfilled blue stars represent the possible companions ofM ≈ 2.3MJup at
2.52 AU andM ≈ 7.4MJup at 0.69 AU obtained from the residuals from fitting a circular
orbit and an eccentric orbit (e= 0.3) respectively for the orbital motion of the degenerate
WD pair.
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the best-fit orbital motion (fore = 0) to the data points from the O – C analysis. The

inset focuses on the data points. The residuals of the best-fit are shown in the lower

panel. Considering the length of the orbital period and the limited phase coverage of the

data points, the fit is unsurprisingly poor with a reducedχ2 of 10.92. The periodP and

semi-amplitudeτ of the orbital motion are calculated using Equation 5.6 and Equation

5.10 respectively using the orbital separation asap = 210 AU, RE J0317’s mass asM⋆ =

1.35M⊙ and the companion WD mass asmp = 0.76M⊙ (parameter values taken from

Barstow et al. 1995 and Külebi et al. 2010). For the final fit inFigure 5.13 (top), the

eccentricity, period and semi-amplitude are kept as fixed parameters, and only the y-offset

γ in the O – C and the phaseφ are allowed to float. When the period and semi-amplitude

are left as free floating parameters, they remain unchanged at their starting values and

the minimisation is not appropriately optimised. This is not surprising due to the large

number of free parameters in comparison to the total number of data points and the small

amount of coverage over the orbital period. With future observations of RE J0317, the

parameters in the model could be improved; possibly providing an useful independent

estimate for the total mass of the system and thus an accuratemass of the MWD, which

has been difficult to determine due to the magnetic nature of the star and because it is so

massive, at the limit of many models.

The orbital motion fit is also considered for a range of eccentricities. It is unlikely that the

orbit is circular, especially since the favoured hypothesis for the formation of RE J0317 is

a merger. For an eccentric orbit, the O – C data is modelled with the following expression,

O−C = γ + τ
1− e2

1+ ecos(2πt/P)
sin

(

2πt
P
+ φ

)

(5.22)

whereγ is the y-offset in the O – C in seconds,τ is the semi-amplitude in seconds (defined

in Eq. 5.10 in terms ofap, mp andM⋆), e is the eccentricity of the orbit,P is the orbital

period in years,t are the times of maximum flux for the O – C data points in years and

φ is the phase in years. If the eccentricity is set to zero, Equation 5.22 simplifies to

the expression for a circular orbit: a simple sine curve plusa constant. The best-fitting
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eccentric orbit occurs fore = 0.3 with a reducedχ2 of 6.74, as shown in Figure 5.13

(bottom). As with the circular orbit case, the period and semi-amplitude are kept fixed at

the approximations determined. The eccentrice = 0.3 case yields a more suitable fit to

the O – C points than the circular case and visually is more comparable to the parabolic fit

in Figure 5.10. The scatter in the residuals in both sets are pretty similar at approximately

a few seconds. However, it is also worth remembering that∼20 years of observations over

a potentially 2000 year orbit is a small fraction and the orbital motion fit parameters, such

as the orbital period and amplitude, are not well constrained. Nevertheless, the theoretical

Ṗ calculation due to a nearby companion (Eq. 5.11) and the companion mass – orbital

separation parameter space simulations (Fig. 5.12) demonstrate that the observeḋP from

the O – C diagram (Fig. 5.10) is most likely due to the orbital motion between RE J0317

and its WD companion LB 9802.
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Figure 5.13: Orbital motion fit of the double-degenerate wide binary on the O – C diagram
assuming a circular orbit (e = 0, top) and an eccentric orbit (e = 0.3, bottom). The red
circles are the O – C data points and in both plots the inset focuses on the data points with
the model. The lower panel for each figure is the residuals to the fit. The fit details are
printed on each figure and the parameters are explained in thetext.
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5.5.3 Planetary companion?

The data in the O – C diagram (Fig. 5.9) appear to exhibit some non-random scatter.

This has been investigated further to determine whether a period of variability exists in

the O – C data and if it is significant. The following subsections examine and discuss the

variations in: the O – C data points (Fig. 5.9), the O – C residuals from the best-fitting

parabolic fit (Fig. 5.10), the O – C residuals from a circular orbital motion fit of the two

WDs (Fig. 5.13,top) and the O – C residuals from an eccentric orbital motion fit ofthe

two WDs (Fig. 5.13,bottom).

Analysis of the O – C data points

The O – C data points are analysed for any periodicity using a Fourier transform and

floating-mean periodogram. Figure 5.14 shows the FT, floating-mean periodogram and

the corresponding sine curve model (i.e. assuming a circular orbit), using the frequency

at theχ2 minimum, with the O – C data (Fig. 5.14,bottom). The minimumχ2 in the

periodogram is taken at a frequency of 0.553729 cycles/year(a period of 1.806 years),

which is used to fit a sine curve to the O – C points, giving a semi-amplitude of 3.2 ±

0.3 s for the best-fit. Consequently, using Equations 5.6 and 5.10, a planetary companion

causing these fluctuations may have a minimum mass ofmp sini = 5.6MJup at an orbital

separation ofap = 1.64 AU. This sine fit to the O – C data points gives a reducedχ2 of

5.88. An estimate for the false alarm probability (FAP, method detailed in§2.4.2) yields

a value of 0.164; above the significance threshold atFAP ≤ 0.01. Further data over the

coming years could improve the FAP estimate to give a significant result. However, if

the periodicity is not real and is just a product of the windowfunction, the FAP will not

improve. An F-test indicates there is a significant difference between a constant fit and

the sine fit at a 90% confidence level.
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Figure 5.14:Top panel:FT of the O – C data points shown in Figure 5.9. The dashed
lines indicate theσ and 3σ noise levels.Middle panel:Floating-mean periodogram. The
χ2 minimum has a frequency at 0.553729 cycles/year (a period of1.806 years). Aliases
in the periodogram are also seen at 1 and 2 cycles/year. The dot-dashed lines on the
periodogram indicate a change inχ2 of 1, 4 and 9 from the global minimum (equivalent
to 1σ, 2σ and 3σ uncertainties respectively).Lower panel:The best-fitting sinusoid has
a period of 1.806 years and a semi-amplitude of 3.2 ± 0.3 s, with a reducedχ2 of 5.88.
Such fluctuations could be caused by a possible companion ofmp sini = 5.6MJup at a
separation ofap = 1.64 AU.
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Figure 5.15: Window function of the O – C data points. Aliasesin the real periodogram
are expected at| f ± fS| where f is the sinusoid frequency andfS is the frequency of the
window function feature.

The window function of the O – C diagram is shown in Figure 5.15. There is a peak

in the window function at 1 cycle/year, but there is also a lotof complicated structure at

frequencies around 0.5 cycles/year. Following the prescription in Dawson & Fabrycky

(2010) for identifying aliases in periodograms of radial velocity data, fake O – C data

points are generated with the same frequency, phase and amplitude as the peaks in the real

FT. The corresponding FTs for the noise-free O – C data are then compared with the real

FT, as shown in Figure 5.16, in particular focusing on similarities between the amplitude

and location of the peaks. Lomb (1976) simply remarked, “If there is a satisfactory match

between an observed spectrum and a noise-free spectrum of period P, thenP is the true

period.”. Furthermore, the data are not sufficient to determine the true period if several

candidate sinusoids cannot suitably reproduce the periodogram.

The FT of the noise-freeP = 1.806 years sinusoid (Fig. 5.16,fourth row) best reproduces

the peaks of the observed FT, as the amplitude of the sinusoidfrequency is comparable to

the real FT. However, not all of the peaks are as consistent with the real data, which could

simply be an effect of noise in the real O – C data on the FT. The real FT (Fig. 5.16,first

row) has aliases at frequencies∼1 cycle/year and∼2 cycles/year, where the latter alias

is particularly strong as it is also the length of the observing season (∼6 months). The

features at∼1.5 and∼2.5 cycles/year appear to be aliases of the possibly real frequency at

P =1.806 years. FTs of the noise-free sinusoids based on these periods do not reproduce

all of the dominant peaks found in the real FT or with the same amplitude. However, I am

reluctant to definitively claim whether the 1.806 year period is real or not as the noise-free



Chapter 5. Long Term Monitoring of RE J0317−853 175

FT does not quite reproduce the observed one.

Figure 5.16: The top row shows the FT of the O – C data points (also shown in Fig. 5.14).
The other rows show FTs of fake, noiseless sinusoids sampledat the same times as the
real data set (solid line), with the FT of the real data in greyfor reference. The numbers
in the top row indicate the frequencies used to create the fake sinusoids. The FT of the
sinusoid with a period of 1.806 years (P3) reproduces many ofthe real peaks in the FT,
apart from the aliasing peaks at frequencies around 1 and 2 cycles/year. However, none
of the FTs of the fake sinusoids resemble the FT of the real data, and therefore the data
are probably not sufficient to determine a true period.
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Analysis of the O – C residuals from the parabolic fit

The O – C residuals from the best-fitting parabolic fit shown inFigure 5.10 have also been

examined for variations. The corresponding FT and floating-mean periodogram are given

in Figure 5.17, where both periodograms show features at a frequency of 2.046900 cycles/year

(a period of 0.489 years). The best-fitting sinusoid to the O –C residuals using this pe-

riod (Fig. 5.17,bottom) has a semi-amplitude of 1.9 ± 0.2 s and gives a reducedχ2 of

3.23. Using Equations 5.6 and 5.10, a planetary companion would have a minimum mass

of mp sini = 7.8MJup and orbital separation ofap = 0.69 AU to cause the periodicity in

the fluctuations in the O – C residuals. There are no other minima in the floating-mean

periodogram within the 3σ uncertainties of the globalχ2 minimum, although there are a

number of peaks in the FT across the frequency range above the3σ noise level. There-

fore, the 0.489 year period is probably an alias due to the window function. An estimate

for the false alarm probability is 0.528, which is well abovethe significance threshold at

a FAP≤ 0.01. An F-test between a constant fit to the data and the sine fit reveals the null

hypothesis (constant fit) can be rejected at a 90% confidence level, indicating the O – C

residuals from the parabolic fit may be variable. However, more observations are required

to determine the periodic nature of the modulations. An analysis of the aliasing peaks in

the FT of the O – C residuals is shown in Figure 5.18, where FTs are calculated for noise-

free sinusoids sampled at the same times as the O – C data with periods corresponding

to peaks in the real FT (denoted by numbers in the top row of Fig. 5.18). None of the

selected periods reproduce the peaks in the real FT, suggesting the data are insufficient to

determine a true periodicity, and that the data are not variable on a period of 0.489 years.

Analysis of the residuals from the O – C orbital motion fit of the two WDs

In addition, this investigation has been extended to searchfor periodicities in the residu-

als from the best-fitting orbital motion models between the two white dwarfs, RE J0317

and LB 9802, shown in Figure 5.13. As before, the residuals are analysed using a FT

and floating-mean periodogram. Figures 5.19 and 5.20 show the FTs and floating-mean

periodograms of the residuals for both cases of eccentricities (e= 0 ande= 0.3) and the
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Figure 5.17: Top panel: FT of the O – C residuals from the parabolic fit in Figure
5.10. The dashed lines indicate theσ and 3σ noise levels. Middle panel: Floating-
mean periodogram. Theχ2 minimum has a frequency at 2.046900 cycles/year (a period
of 0.489 years). Aliases in the periodogram are also seen at 1and 2 cycles/year. The dot-
dashed lines indicate a change inχ2 of 1, 4 and 9 from the global minimum (equivalent to
1σ, 2σ and 3σ uncertainties respectively).Lower panel:The best-fitting sinusoid has a
period of 0.489 years and a semi-amplitude of 1.9±0.2 s, with a reducedχ2 of 3.23. Such
fluctuations could be caused by a possible companion ofmp sini = 7.9MJupat a separation
of ap = 0.69 AU.
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Figure 5.18: The top row shows the FT of the O – C residuals fromthe parabolic fit (also
shown in Fig. 5.17). The other rows show FTs of fake, noiseless sinusoids sampled at
the same times as the real data set (solid line), with the FT ofthe real data in grey for
reference. The numbers in the top row indicate the frequencies used to create the fake
sinusoids. None of the FTs of the noiseless sinusoids reproduce the FT of the real data,
implying a true period has not been detected.
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corresponding best-fitting sinusoids are plotted with the residuals, using the frequency at

the minimumχ2 in the periodogram. The eccentricity of the best-fitting planetary orbit is

kept fixed ate= 0.

The residuals from the circular orbit case (Fig. 5.19) have aminimum χ2 in the peri-

odogram at a frequency of 0.290630 cycles/year (a period of 3.44 years). A best-fitting

sine curve to the residuals with this period has a semi-amplitude of 2.0±0.2 s. This yields

a possible planetary companion with a minimum mass ofmp sini = 2.3MJup at a separa-

tion of ap = 2.52 AU to cause the fluctuations in the O – C residuals, giving a reduced

χ2 of 5.45. For the eccentric orbital motione = 0.3 case (Fig. 5.20), the periodogram of

the residuals has the minimumχ2 at a frequency at 2.046461 cycles/year. Therefore, the

best-fitting sinusoid has a period of 0.489 years and a semi-amplitude of 1.8±0.2 s, giving

a reducedχ2 of 3.42. These photometric modulations correspond to a possible companion

at ap = 0.69 AU with a minimum mass ofmp sini = 7.4MJup. Both periodograms in Fig-

ures 5.19 and 5.20 have features at approximately the same frequencies, illustrating the

effect of the window function (Fig. 5.15). Statistically, neither of these fits are significant

results with false alarm probabilities of 0.309 and 0.340 for e= 0 ande= 0.3 respectively.

Similarly, an F-test shows the sine fit in both cases is not a significantly better fit than a

constant fit at a level of 90%. An additional concern is the comparable size of the residu-

als’ uncertainties and the semi-amplitude of the best-fitting sine curve. If the uncertainties

are underestimated, which is entirely possible as they are only formal 1σ uncertainties,

then the periodic modulations may disappear (or at least be substantially harder to detect).

The eccentricity of the planetary orbit was also investigated, where it was allowed to float

free during the fitting process, however in all cases the fitting favoured a circular orbit.

Studies of planets orbiting main-sequence stars have shownthere is a vast range in orbital

eccentricities (Kane et al. 2012), and therefore it is plausible planetary systems orbiting

WDs would also have eccentric orbits.

Farihi, Becklin & Zuckerman (2008) used observations from the Spitzer Infrared Array

Camera (IRAC) to search for infrared excesses at 4.5µm to put constraints on planetary
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Figure 5.19:Top panel: FT of the residuals from the O – C circular orbital motion fit
of the two WDs in Figure 5.13 (top). The dashed lines indicate theσ and 3σ noise
levels. Middle panel: Floating-mean periodogram of the residuals from the circular fit.
The minimumχ2 occurs at a frequency of 0.290630 cycles/year (a period of 3.44 years).
Aliases in the periodogram are also seen at 1 and 2 cycles/year. The dot-dashed lines
indicate a change inχ2 of 1, 4 and 9 from the global minimum (equivalent to 1σ, 2σ and
3σ uncertainties respectively).Lower panel: The best-fitting sinusoid to the residuals
has a period of 3.44 years and a semi-amplitude of 2.0± 0.2 s, with a reducedχ2 of 5.45.
Such fluctuations may be caused by a companion ofmp sini = 2.3MJup at a separation of
ap = 2.52 AU.
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Figure 5.20:Top panel:FT of the residuals from the O – C eccentric (e = 0.3) orbital
motion fit of the two WDs in Figure 5.13 (bottom). The dashed lines indicate theσ
and 3σ noise levels.Middle panel: Floating-mean periodogram of the residuals from
an eccentrice = 0.3 fit, where the minimumχ2 has a frequency of 2.046461 cycles/year
(P = 0.489 years). The dot-dashed lines indicate a change inχ2 of 1, 4 and 9 from
the global minimum (equivalent to 1σ, 2σ and 3σ uncertainties respectively).Lower
panel: The best-fitting sinusoid has a period of 0.489 years with a semi-amplitude of
1.8 ± 0.2 s and reducedχ2 of 3.42. This may correspond to a planetary companion of
mp sini = 7.4MJup at ap = 0.69 AU.
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companions to WDs. They found no infrared excess in the spectral energy distribution of

RE J0317. Using evolutionary model predictions for the luminosity of substellar objects

at various ages, an unresolved upper limit is estimated as∼ 6MJup for a companion to

RE J0317, assuming an age of 450 Myr (the total evolutionary age of LB 9802). However,

uncertainties in the total age of RE J0317 suggest this mass limit could be smaller at

∼ 4MJup using an age estimate of 300 Myr (possible age of RE J0317 if itformed in a

merger, Külebi et al. 2010). This possible companion mass range has been marked on

Figure 5.12 with dot-dashed lines, which is also comparableto the companion masses

obtained from the O – C modulations. It is evident from Figure5.12 that a companion of

4−6MJupat a distance of&1 AU could be significantly detected in the O – C analysis with

the current data sampling, as it lies right within the detectable region. A concerted effort

was made during the 2012/13 observing season to obtain extensive, regular observations

over a six month period to determine whether the fluctuationsin the O – C points were

real with a significant detection. However, even with this additional data, the picture

remains unclear. With all this in mind, I believe a planetary-size companion to RE J0317

remains uncertain and that the scatter in the O – C points may be due to underestimated

uncertainties in the O – C data points.

Discussion

The fluctuations in the O – C diagram (shown in Fig. 5.14) may correspond to a planetary

companion with a minimum mass ofmp sini = 5.6MJup at an orbital separation ofap =

1.64 AU, while the O – C residuals to the parabolic fit (Fig. 5.17)indicate a possible

companion of massmp sini = 7.9MJup at ap = 0.69 AU. The periodicity analysis of the O

– C residuals of the orbital motion model between the two WDs (Fig. 5.19 & 5.20) are not

too dissimilar withmp sini = 2.3MJup atap = 2.52 AU for the WDs in a circular orbit and

mp sini = 7.4MJup at ap = 0.69 AU for the WDs in an eccentrice = 0.3 orbit. However,

would a planetary system orbiting RE J0317 survive the post main-sequence evolution or

possibly form as a second generation planet following a binary merger?

Several theoretical studies have discussed the survival ofplanetary systems during the
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post main-sequence evolution of their host star and have found that it is indeed possi-

ble (Burleigh et al. 2002; Debes & Sigurdsson 2002; Villaver& Livio 2007). If planets

avoid contact with the expanding envelope of the RGB and AGB stars, they are expected

to survive the post main-sequence evolution to the WD stage.Villaver & Livio (2007)

suggest the AGB phase will have the most impact on the orbit ofthe planet. They indi-

cate that gas giants of<15MJup, with initial orbits within the stellar envelope of a 1M⊙

main-sequence star during the AGB evolution, will probablyspiral-in, totally evaporate

and not survive. Furthermore, they predict this planetary mass limit for engulfment in-

side the AGB envelope extends dramatically up to∼120MJup for a 5M⊙ star. In contrast,

Casewell et al. (2012) detect a 25−30MJupbrown dwarf companion to the Praesepe white

dwarf WD 0837+185 in a 4.2 hour orbit (orbital separation∼ 0.006 AU). The mass of the

white dwarf’s progenitor star has been constrained to∼ 3.5M⊙, indicating the substellar

companion must have been engulfed by the star’s envelope at the end of the AGB phase

and survived. Therefore, this discovery demonstrates the uncertainties in the theoretical

model predictions. Those orbiting beyond the stellar envelope will expand to larger radii

due to the substantial mass-loss during the AGB evolution, where the planets are expected

to be found atr ≥ 30 AU around the most massive WDs. Several radial velocity surveys

of red giant stars have revealed planetary companions, indicating that planets can at least

survive to the RGB stage of the stellar evolution (e.g. Frinket al. 2002; Sato et al. 2003;

Hatzes et al. 2005; Lee et al. 2013). Furthermore, brown dwarf companions (30−60MJup)

have been discovered in close orbits to the WDs GD 1400, WD 0837+185, WD 0137-349

and NLTT 5306 with orbital periods of 10 h, 4.2 h, 2 h and 1.7 h respectively (Farihi &

Christopher 2004; Burleigh et al. 2011; Casewell et al. 2012; Maxted et al. 2006; Burleigh

et al. 2006; Steele et al. 2013), illustrating that companions of this mass can survive the

RGB/AGB evolution. Since RE J0317’s tentative planet is lowmass≤ 8 MJup and in a

close orbit.2 AU, it is still uncertain that it would have survived the post main-sequence

evolution of a single star to the WD stage.

Burleigh et al. (2002) proposed that nearby young and massive WDs could be directly im-
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aged in the infrared with 8-m class telescopes for planetarysystems (companions& 3MJup)

in wide orbits (& 5 AU). However, sadly, their direct imaging search yielded no planetary

companions to WDs (Hogan et al. 2009). Similarly, Faedi et al. (2011) found no planetary

transits to WDs in the WASP5 survey. In fact, no planet has yet been discovered around

an isolated WD. Silvotti et al. (2007) reported finding a∼ 3MJup planet around an extreme

horizontal branch star and Mullally et al. (2009) provided exciting evidence for a 2.4MJup

planet in a 5.7 year orbit around the pulsating WD GD 66, but have since found that the

other pulsation modes are not consistent, suggesting thereare other physical processes

likely occurring in the star, causing the variability in thetiming.

The discovery of debris discs around WDs has provided strongcircumstantial evidence

for the existence of planetary systems at these stars (e.g. Reach et al. 2005; Gänsicke

et al. 2006; Zuckerman et al. 2010). Elements heavier than hydrogen and helium in the

atmosphere of a WD should rapidly sink below the photosphere, due to high surface

gravities and limited radiative forces. This takes place onthe diffusion timescale (days

– months for H-rich DAZ WDs) and therefore metal-rich WDs must be polluted from

an external source. Surveys have revealed a growing number of metal-lined WDs with

infrared excesses and debris discs, showing similar compositions to Solar System aster-

oids (Gänsicke et al. 2008; Farihi et al. 2009; Dufour et al.2010b; Farihi et al. 2011a;

Klein et al. 2011; Zuckerman et al. 2011 and references therein). It is thought that the

heavy elements in most of the heavily polluted WDs originatefrom asteroids or minor

rocky planets, which become tidally disrupted into a disc orbiting the WD and ultimately

accrete onto the WD (Jura et al. 2009; Farihi et al. 2010; Melis et al. 2011; Debes et al.

2012). For example, the polluted white dwarf GD 362 has a large infrared excess emission

due to a close orbiting debris disc dominated by silicates. Its optical spectrum includes 15

heavy elements with comparable abundances to the Earth-Moon system (Zuckerman et al.

2007). In turn, this suggests that these WDs could have complex orbiting planetary sys-

tems. Debes & Sigurdsson (2002) investigated the stabilityof planetary systems around

5The UK Wide-Angle Search for Planets (WASP, Pollacco et al. 2006).
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WDs and found that systems comprising of two or more planets could become unstable

due to the mass-loss from the star. Instabilities may cause close encounters: where planets

could collide, a planet could be ejected, or planets could acquire highly eccentric orbits,

and therefore such interactions and perturbations are believed to be the origin of debris

discs around WDs.

Livio et al. (2005) suggested that dusty discs could form around massive WDs created

from the merger of two WDs which could explain the presence ofany gas giant planets

at close-in orbits around massive WDs. Their hypothesis suggests that when two WDs

merge, the less massive WD totally dissipates and forms a disc around the more massive

WD. The disc then expands, cools and accretes onto the remaining WD. The disc could

be composed of CO-rich or He-rich material (Wickramasingheet al. 2010) and the disc

dynamics are thought to be similar to protostellar discs (Livio et al. 2005). Dust and rocks

form and clump to create a rocky core when the temperature is cool enough in the outer

regions of the disc; similar to the formation of planets around millisecond pulsars (Hansen

et al. 2009; Currie & Hansen 2007). Fischer & Valenti (2005) found that the probability

of a star hosting a planet dramatically increases with the metallicity of the star, therefore

the formation of planets could be highly efficient in dust discs around WDs. Wickra-

masinghe et al. (2010) highlight that not only should the WD be massive but also have a

high magnetic field, created during the common envelope of the merger. As mentioned

previously, the merger hypothesis is a possible evolutionary scenario for the formation of

RE J0317, therefore a planet could have formed as a second generation planet following a

binary merger. Wickramasinghe et al. (2010) speculate thatthe MWD GD 356 may have

a rocky planet with a metallic core that formed in a circumstellar disc as the result of a

merger of two WDs.

However, this scenario does present some difficulties. RE J0317 is hotTeff > 30, 000 K,

and so any metals present should be detectable in its spectrum due to radiative levitation

(Chayer et al. 1995). No metal lines are found in its optical spectra, although the pres-

ence of a strong magnetic field does add an additional complication.Spitzerobservations
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confirm that RE J0317 does not have a dust disc or an infrared excess (Farihi, Becklin &

Zuckerman 2008), which does not support the argument that a second generation planet

could have formed in a disc around the star. On the other hand,a planet could form and

the disc could dissipate on timescales up to∼ 107 years, all within the cooling age of

RE J0317 (∼300 Myr), leaving behind a possible planetary companion with no disc sur-

rounding the WD. Livio et al. (2005) estimate the radius of a dust disc resulting from a

WD merger extends out to∼ 1 AU with a mass of∼ 0.007M⊙ (∼ 7.3MJup). Therefore,

low-mass planets (. 8MJup), like those tentatively suggested in this work, may be capable

of forming in a disc following a double-degenerate merger. However, if the disc only

extends to a radius of∼ 1 AU, then it may be difficult to form planets at larger radii, po-

tentially limiting the possibility of a second generation planet in orbit around RE J0317.

If RE J0317 did form in a merger, the progenitor would have undergone possibly two

common envelope phases. Given the uncertainties in the merger physics involved at these

stages, such as the size of the envelopes and the tidal forcesinvolved, it is unknown how

the surrounding planets would be impacted. Consequently, the expectation that planets in

1 − 5 AU orbits will be destroyed cannot be concluded, and furthermore, a planet could

perhaps migrate inwards to a close-in orbit. In conclusion,there is strong evidence for the

possibility that a planet in orbit around RE J0317 could haveformed as a second genera-

tion planet in a disc following the merger of two WDs. It is also plausible, however, that

a planet from the main-sequence may survive to the WD stage, given the uncertainties in

the common envelope phases of the evolution.
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5.6 Modelling the light curve

While analysing the light curves as part of the O – C investigation, I noticed that the

photometric light curves for RE J0317 are not sinusoidal, but have a “pointy” maximum

and a “flattened” minimum (see the ULTRACAM light curves in Fig. 5.5). In an attempt

to improve upon the light curve fitting using a sinusoid, the light curve was modelled using

a surface spot model as described in Wynn & King (1992). The script was developed

by Graham Wynn and produces a synthetic light curve based on the inclination angle,

magnetic axis angle and spot size on the surface of a star.

5.6.1 Setting up the model

Using the basic disc-less model developed by King & Shaviv (1984) and Wynn & King

(1992) for X-ray light curves of accreting magnetic cataclysmic variables (CVs), known

as polars (B∼10− 80 MG) and intermediate polars (B∼1 − 10 MG, Chanmugam 1992),

it was adapted (and re-written in IDL) to simulate the light curve of a rotating isolated

MWD with a spot on the stellar surface. The shape of the light curve depends on the

fraction of the spot (or spots) visible to the observer as thestar rotates. The geometry of

the MWD is shown in Figure 5.21. The light curve of the rotating star can be produced

solely as a function of the inclination anglei to the observer’s line of sight, the angle to

the magnetic axism from the spin axis and the angle of half of the spotβ.

The spot covers a portion of the sphere and therefore as the star rotates, different regions

are observed at different angles by the observer. Consequently, the fraction of the spot

visible to the observer is determined by dividing the spot into smaller sections of equal

size (as shown in Fig. 5.22), where each section could be treated as a spot at a single

angle to the line of sight. The total flux from the spot, at any given rotational phase, is

then simply calculated as the sum of all of the visible sections to the observer.
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Figure 5.21: The geometry of the magnetic white dwarf with two opposite circular spots
(or pole caps) at the magnetic axis anglem (upper pole) andπ −m (lower pole), as given
by Wynn & King (1992), from the spin axis to the magnetic pole.The inclination angle
i from the observer’s line of sight to the spin axis and the angle of half of the spotβ are
also marked.

Assuming the spot is flat and circular, it is divided inton rings, each of which are divided

further into sectors of equal area. The area of each ring is calculated as,

Aring = π(d + ∆d)2 − πd2
= 2πd∆d+ π(∆d)2, (5.23)

whered is the radius to the inner edge of the ring and∆d is the width of the rings, as

shown in Figure 5.22. The radius to thejth ring is given asd = ( j − 1)∆d with an area of

A j = 2π( j − 1)(∆d)2
+ π(∆d)2. (5.24)

The area of each sector is required to be equal (i.e. the area of the first ringπ(∆d)2) and

therefore the total number of sectors within the outer radius of the j ringd = ( j−1)∆d+∆d

is defined as,

Nj =
π(( j − 1)∆d + ∆d)2

π(∆d)2
= j2. (5.25)
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Figure 5.22: The spot is divided into sectors of equal area, each equivalent to the area of
the first ringπ(∆d)2, where∆d is the width of the rings andd is the radius to the inner
edge of the ring.

Hence, if a spot is divided inton rings, each of equal width∆d, there will be a total of

n2 sectors, all with an area ofπ(∆d)2. The sectors of the spot visible at each spin phase

are determined by transforming the coordinates of the spot to a coordinate system aligned

with the observer’s line of sight (shown in Fig. 5.23), wherer is the angular distance from

the magnetic pole,θ is the azimuthal position angle of the spot and the radius of the WD

is defined as unity. This is achieved using four coordinate transformations.

To start, the spherical coordinates describing the position of the spot on the surface are

converted to cartesian coordinates aligned with the magnetic axis (xm, ym, zm),

zm = cosr

xm = sinr cosθ (5.26)

ym = sinr sinθ.

The magnetic axis coordinates are then transformed to the rotational axis coordinates (xr,
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Figure 5.23: The orientation of the spot on the surface of thewhite dwarf. The sector
spherical coordinates (R, r, θ) are transformed to cartesian coordinates aligned with the
magnetic axis (xm, ym, zm).

yr, zr) by rotating it by the magnetic anglemabout they axis.

zr = zm cosm− xm sinm

xr = xm cosm+ zm sinm (5.27)

yr = ym

To then change the coordinate system to the line of sight phase, the spin axis is rotated by

the phase difference between the magnetic axis and the line of sight about thez axis.

zφ = zr

xφ = yr sin∆φ − xr cos∆φ (5.28)

yφ = −yr cos∆φ − xr sin∆φ

The final transformation step involves rotating the coordinates to the observer’s line of

sight, where the system is rotated by the inclination anglei about they axis. The resulting
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zo axis is then aligned along the observer’s line of sight.

zo = zφ cosi + xφ sini

xo = xφ cosi − zφ sini (5.29)

yo = yφ

This procedure is carried out for each sector within the spot, which is divided into 100

rings, where the width∆d is calculated as the half-angle of the spotβ divided by the 100

rings. The visibility of each sector in the spot is determined by whether the coordinatezo

is positive or negative. The sector is visible at a given phase if zo > 0, aszo = cosη where

η < 90◦ and is the angle from the sector to the line of sight. Conversely, if η > 90◦, the

zo coordinate would be negative, implying it is not visible at that rotational phase. As a

result, this is used to calculate the fraction of the spot visible at a given phase.

In the model, the spot is defined as a “dark” spot. As the spot comes into view with ro-

tation, the overall brightness of the star reduces, similarto spots observed on the surface

of the Sun. Star spots in a convective atmosphere are caused by the inhibition of con-

vection by the magnetic field, and are cooler (and therefore darker) than the surrounding

atmosphere. This effect is observed in WD 1953-011, which photometrically varies sinu-

soidally by≈2% on a period of 1.44 days (Brinkworth et al. 2005). Using thesame model,

they predicted the variation was due to a spot covering∼10% of the surface (Maxted et al.

2000; Brinkworth et al. 2005).

To start, the initial model assumes the spot is a constant effective temperature, where

each of the sectors in the spot (of equal area) are defined as having the same luminosity.

Alternative models are also investigated where the brightness of the spot is allowed to vary

linearly or exponentially from the centre of the spot to the outer edge. The faintest (and

coolest) sector of the spot is specified at the centre of the spot and with increasingn rings

to the edge of the spot, the luminosity increases. The linearand exponential variation in

brightness withn rings is defined asj/n and 1− e−2 j/n respectively (for thejth ring).
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5.6.2 Finding the best system parameters

To find the best spot model to describe the observed light curve of RE J0317, the appropri-

ate parameters for anglesi, m andβ are determined. The parameter space is investigated

by generating model light curves with inclination anglesi ranging between 0◦ and 90◦, for

magnetic axis anglesmbetween 0◦ and 90◦ and half-spot anglesβ between 0◦ and 90◦. Es-

timates for valuesi andm were reported in Burleigh et al. (1999) asi = 56◦ andm= 29◦,

where the phase-resolved spectra of RE J0317 was modelled using an offset dipole model

and a more general method involving the expansion into spherical harmonics.

For a given magnetic axis, half-spot angle and inclination,the corresponding model light

curve is calculated and theχ2 value of the model light curve in comparison to a real opti-

cal RE J0317 light curve is determined. Theχ2 values are then plotted as a contour plot

as a function of the physical parameters. Figure 5.24 shows the contour plots of log(χ2)

with magnetic axis anglem and the half-spot angleβ for a range of inclination anglesi

for the one spot model of constant luminosity. The dark regions on the greyscale indicate

a smallχ2 value and therefore a better fit, while the lighter regions represent poor fits.

The white crosses indicate the location in the parameter space of the minimumχ2 for that

inclination. In addition to determining theχ2, a K-S test (as explained in§2.6.3) of the

fit is calculated to compare the model light curve and the observed light curve. For the

same one spot model of constant luminosity, the K-S test statistic contour plot is given in

Figure 5.25 and similarly the location of the minimum K-S test statistics in the parameter

space are marked on the contour plots. The K-S test statisticis calculated using the IDL

routineKSTWO, which finds the maximum deviation between the cumulative distribution

of the data and the light curve model, where a smaller value indicates less of a difference

between the data and the model. I find the “best” parameter regions are fairly consistent

between the minimumχ2 contour plots and the minimum K-S test statistic contour plots.

This is repeated for three other scenarios: two spots of constant luminosity, two spots

with linearly changing luminosity and two spots with exponentially changing luminosity.
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These contour plots can be found in Appendix B.1. Obviously,there are endless com-

binations that could be explored. For example, the positionof the spot could be offset

asymmetrically from the magnetic pole axis. This is not explored as there would have

been many possibilities. The minimumχ2 and K-S test statistic (as marked in the contour

plots Fig. 5.24 and 5.25) are then plotted as a function of inclination, magnetic axis and

half-spot angle in Figures 5.26, 5.27 and 5.28 respectivelyfor the four cases investigated

(one spot of constant luminosity, and two spots of constant luminosity, linearly changing

luminosity and exponentially changing luminosity). Figures 5.26 and 5.27 of the best fit

values with the inclination and magnetic axis angle appear the same since the location of

the spot is defined at an angle ofi +m and therefore the model light curves are the same.

Investigating thei, mandβ parameter space for the best solution reveals that the minima in

the statistical tests differed between the four models depending on the number of spots and

how the luminosity of the spot is defined. Unfortunately, andperhaps unsurprisingly, there

is a considerable amount of degeneracy and in no case is therean obvious minimum in

the parameter space. As a result, this made it difficult to constrain the system parameters

to find the best solution. For example, in Figure 5.28, the minimum χ2 values decrease

up to a spot half angle of 20− 30◦, but then the minimumχ2 stays fairly constant with

β = 30− 90◦. Similarly, the minimumχ2 and K-S test statistic values for the inclination

angle and magnetic axis angle are also inconclusive, and optimal parameters have not

been determined unambiguously.
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Figure 5.24: Contour plots of log(χ2) with magnetic axis anglemand half spot angleβ for
a range of inclination anglesi. Here, the model consists of one spot of constant luminosity.
The white crosses indicate the location of the minimumχ2 value for that inclination.
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Figure 5.25: Contour plots of the K-S test statistic for the one spot model of constant
luminosity. The white crosses indicate the location of the minimum K-S test statistic for
that inclination.
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Figure 5.26: Minimumχ2 and K-S test statistic as a function ofm andβ with inclination
i.
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Figure 5.27: Minimumχ2 and K-S test statistic as a function ofi andβ with magnetic
axism.
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Figure 5.28: Minimumχ2 and K-S test statistic as a function ofi andm with spot half
angleβ.
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Since the more complicated models for describing the spot (i.e. where the luminosity of

the spot changes from the centre of the spot to the outer edge)do not yield better fits to

the photometric variability, the simplest model is chosen for the light curves of one spot

on the star of constant luminosity. For the one spot model of constant luminosity, the

combination of parameters that statistically appears to give the “best” fits (the lowestχ2

values) have been selected. Four examples are shown in Figure 5.29, where the model

generated for a given set of parameters is shown with the datain a phase folded light

curve and in a light curve as a function of the period cycles. These models clearly show

that despite the difference in the input angles, the model light curves look very similar in

all cases, demonstrating the degeneracies in accurately trying to determine the parameters

of the system. However, the scatter in the photometry in the light curve will not help

efforts to find the precise parameters. For the first two models in Figure 5.29, the spot is

positioned at the same location (i +m) and sinceβ is set to the same value in both of these

examples, they result in the same model light curve. The bottom two models in Figure

5.29 have very similari, m andβ values, but not precisely the same. However, there is

no observable difference between the model light curves. The final parameters chosen for

the model light curve are:i = 5◦, m= 70◦ andβ = 25◦.

As mentioned previously, Burleigh et al. (1999) determinedi andm as 56◦ and 29◦ re-

spectively (|i + m| = 85◦). These quantities fori andm differ from those used in Figure

5.29 (top), although the position of the spot (|i +m|) is not too dissimilar. In any case, the

light curve model is overly simplified: physically it is not adark spot on the surface of the

MWD causing the photometric variations, nor would a spot-like feature have a constant

luminosity. It is strictly a geometric representation of the photometric variability observed

for RE J0317 and therefore has its limitations. RE J0317’s photometric modulations are

likely caused by magnetic dichroism (the effect of a strong changing magnetic field on the

opacity of the star as it rotates, Ferrario et al. 1997a). Modelling in Burleigh et al. (1999)

suggests the magnetic field varies between 180 MG and 800 MG across the surface with

rotation. Finally, the amplitude of the variability is known to change with wavelength,
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which is not accounted for in this geometric model. Of course, physically, the inclina-

tion and magnetic axis angles would remain the same regardless of the wavelength of the

observations of the MWD, although the corresponding model light curve may no longer

appropriately fit the observed light curves at different wavelengths.

5.7 Conclusions

An O – C analysis is conducted for RE J0317 using time-series optical observations taken

over a nearly 20 year period. The best-fitting period of RE J0317’s photometric variability

is determined as 725.727684± 0.000002 s, along with a significant measurement for the

rate of period changėP at (9.6±1.4)×10−14 s/s. ThisṖ value is most likely due to the or-

bital motion between RE J0317 and its wide binary WD companion. The reflex motion of

RE J0317 around the centre of mass with its white dwarf companion dominates thėP and

if the magnetic white dwarf is spinning down due to magnetic dipole radiation it will only

cause a very small effect, undetectable within the uncertainties. In addition, the seemingly

non-random scatter in the O – C data points is studied for any periodicity. A periodogram

analysis does not reveal a significant periodic signal and thus a determination for a mass

and orbital separation of a possible planetary companion toRE J0317, although there may

be tentative evidence for a companion with a minimum mass of 5.6MJup at a separation

of 1.64 AU in a 1.81 year circular orbit. Further observations in the coming years may

help to determine whether this is a real periodicity or an alias associated with the com-

plex window function. I have discussed whether such a planetcould even exist around a

white dwarf and have concluded that it is unlikely that the planet survived the post main-

sequence evolution of a single star and settled in a close∼2 AU orbit, suggesting that it

may have formed as a second generation planet in a dust disc around RE J0317 following

the merger of two white dwarfs. Finally, a model of a spot on the surface of a star is

used to investigate the geometry of the system and the resulting photometric variability

that would be viewed from an observer based on three angles describing the system (the



Chapter 5. Long Term Monitoring of RE J0317−853 201

inclination, magnetic axis angle and the half-spot angle).Since the model is purely ge-

ometric, the possible angles that may cause the observed photometric variability are not

constrained unambiguously.
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Figure 5.29: Observed light curves and models with the best-fitting parameters for one
dark spot of constant luminosity.



6
Conclusions and Future Work

This chapter reviews the work presented in this thesis. The main conclusions from each

chapter are summarised and the overall context is discussed. The photometric variability

of magnetic white dwarfs is the common theme of this work, with the aim of determining

their rotation periods on both short (minutes – days) and long timescales (months – years)

to build a more comprehensive picture of the distribution ofmagnetic white dwarf spin

periods, along with how their intrinsic physical properties relate to one another. This is

extended to investigate whether the spin period of the magnetic white dwarf RE J0317-

853 evolves due to magnetic dipole radiation, or from the presence of a stellar or planetary

companion. To finish, some future projects are outlined thatmaterialised from this work,

such as searching for photometric variations in certain types of magnetic white dwarfs,

like those with carbon-dominated atmospheres (hot DQs) or with metal-rich optical spec-

tra (DAZs/DZs).

203
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6.1 Conclusions

This work focuses on the photometric variability of MWDs. A search for photometric ro-

tation periods in a variety of types of MWDs has been conducted on both short timescales

(minutes – days, Chapter 2 and 3) and long timescales (months– years, Chapter 4), while

a MWD rapid rotator (RE J0317-853) has been monitored over nearly 20 years to deter-

mine whether any changes occur in its spin period (Chapter 5).

In Chapter 2, a sample of 77 MWDs is studied for photometric variability on a timescale

of minutes to a week. Periods of variability are determined for 12 MWDs in the sample,

while modulations with poorly constrained periods are detected for a further 13 stars.

The spin periods are consistent with previously known rotation periods for WDs, most

of which are a few hours to days. Photometric variability is measured in four hot, low-

field MWDs, caused by an unknown mechanism. Correlations arefound between the spin

period, magnetic field strength and effective temperature,suggesting hotter MWDs spin

faster and have stronger magnetic fields. This could possibly indicate that MWDs form

in mergers, where they may be expected to generate higher field strengths and be born

with shorter periods and then spin down with age. The comparison between the magnetic

field strength and mass for the rotating MWDs reveals two possible populations: low-field

(< 1 MG), low mass (0.5−0.7M⊙) and high-field (> 1 MG), high mass (> 0.8M⊙) MWDs,

which could potentially provide insight into the progenitors of these stars.

One of the variable MWDs, SDSS J0005-1002, identified in the variability survey is dis-

cussed in further detail in Chapter 3, along with additionaldata and a more thorough

analysis. This particular star is a carbon-dominated atmosphere, hot DQ MWD, which

exhibits long period modulations on 2.110± 0.045 days, with a peak-to-peak amplitude

of ∼11%. Previously, only modulations on short timescales (up to ∼ 1000 s) have been

detected in hot DQ WDs, leading to the conclusion that they are non-radial pulsators.

However, no pulsation modes have periods of days, and therefore SDSS 0005-1002 is

mostly likely a rotator, and not a pulsator. No evidence is found for modulations in this
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star on short timescales (. 3 hours) at an amplitude of.±0.5%.

Photometric variations on long timescales (months – years)have also been investigated

for 10 bright, isolated MWDs previously studied by Brinkworth et al. (2013). These

were found to be photometrically stable over a week, but showed modulations between

observing seasons. No significant photometric variabilityis identified in the new light

curves, although G 240-72 may exhibit variations on a timescale of months, in agreement

with findings from Brinkworth et al. (2013). The survey is limited by the quality of the

data in its ability to detect low-level amplitude (< few %) photometric variability on long

timescales.

Finally, in Chapter 5, results are presented from a monitoring campaign over nearly 20

years which observed the massive, rapidly rotating, highlymagnetic WD, RE J0317-853,

to search for changes in the star’s spin period using an O – C analysis. The best-fitting

period for RE J0317-853 is determined as 725.727684± 0.000002 s, along with a rate of

period change aṫP = (9.6 ± 1.4) × 10−14 s/s. ThisṖ estimate is consistent with thėP

expected, given the mass of the common proper motion WD to RE J0317-853 and the

orbital separation between these two WDs, assuming a position angle in the orbitθ =

45−57◦ and orbital inclinationi = 24.7−56.8◦, implying the two WDs are indeed related

in a wide binary. ThėP is much larger than expected for magnetic dipole radiation.Spin

down by magnetic dipole radiation will not be observed in themajority of MWDs, as most

do not have magnetic field strengths large enough for spin-down to be detectable within

the cooling age of the WD. The O – C residuals appear to show a non-random scatter,

but a periodicity analysis does not reveal any significant periodic signals. However, the

possibility of a planetary-size companion to RE J0317-853 causing the fluctuations in the

O – C residuals is discussed in more detail, including whether a planet could survive the

post main-sequence evolution or if it could have perhaps formed in a dust disc as a second

generation planet following a binary merger.
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On the origin & evolution of MWDs

MWDs probably form through either a single star evolution, where the magnetic field is

a fossil remnant from the main-sequence progenitor star, orfrom binary mergers, where

the magnetism is generated in a dynamo-like process in the common envelope phase.

Therefore, it is possible that no relationships exist between the spin period and magnetic

field strength for MWDs. However, correlations between spinperiod and temperature and

field strength are detected in this work. Stars that evolve from a single star evolution are

thought to rotate more slowly as strong magnetic fields causemagnetic braking, resulting

in slow rotators. In contrast, those from a binary merger origin may exhibit the opposite

behaviour, where MWDs with stronger field strengths rotate faster as a result of getting

spun up during the common envelope evolution. On the other hand, Garcı́a-Berro et al.

(2012) suggest that if MWDs form via double-degenerate mergers, then MWDs may have

a variety of spin periods, since the angle between the spin axis and the magnetic axis

could yield both slow rotators (if the axes are not aligned, causing the star to spin down

rapidly due to magnetic dipole radiation) or rapid rotators(if the axes are near alignment).

The trend in Figure 2.16 of increased spin period with decreasing magnetic field strength

may simply be a coincidence due to small number statistics orit may actually indicate a

physical property of the data. This will only be deciphered with a larger sample of known

rotation periods for MWDs and possibly if MWDs can be separated by their plausible

formation mechanism.

An increasing number of hot, low-field MWDs are showing photometric fluctuations with

rotation (four from Chapter 2, and two from Brinkworth et al.2013). These stars, in par-

ticular, need to be studied in more detail to better understand the mechanisms that cause

photometric variability in all MWDs. The current understanding is that cool MWDs, with

partially convective atmospheres, are capable of forming surface star spots, while hotter

MWDs with radiative atmospheres are not. But this may not be the case. Effects from

magnetic dichroism may be more influential at weaker field strengths than previously

thought. On the other hand, in the case of BOKS 53856, the hot,weakly magnetic WD
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discovered in theKeplerfield (Holberg & Howell 2011), there has been some suggestion

that the photometric variability is caused by the surrounding circumstellar gas accreting

onto the magnetic poles on the surface of the MWD, possibly from the tidal disruption of

an asteroid or minor planet.

6.2 Future Work

6.2.1 Time-resolved spectroscopy of LHS 2534

The photometric variability survey of MWDs in Chapter 2 reveals modulations of>5%

over 5 days in observations taken in ther ′-band for a metal-rich cool DZ MWD, LHS 2534

(or SDSS J1214−0234, Fig. 6.1). Unfortunately, a well-constrained periodof variability

is not determined from the data collected, but possible periods are determined as 10.7 h,

19.1 h or 3.8 d. Observations from the Catalina Sky Survey (Drake et al. 2009) have

also not constrained the period further, indicating possible periods at 5.8 d or 1.2 d, but

both have high false alarm probabilities. Visually, a period of >5 days seems reasonable,

although given the data sampling there could be solutions onshorter periods.

LHS 2534 is a cool (Teff = 6000 K), helium atmosphere DZ WD, with a weak magnetic

field strength of∼ 2 MG (Reid et al. 2001), which causes Zeeman splitting in the Na I

and MgI lines. Metal-lines in WD spectra are evidence for accretionfrom an external

source, since elements heavier than H and He in the WD atmosphere should sink below

the photosphere on the diffusion timescale (days – months).Consequently, this MWD

must have accreted material at some point in its history. Forexample, a tentative spin

period of 28–33 days was estimated by Farihi et al. (2011b) for a magnetic DAZ WD

(G 77-50) from changes in the radial velocity measurements from multi-epoch spectra.

They postulated that the magnetic field was perhaps generated in a common envelope, in

the presence of differential rotation and convection, due to an inner giant planet merging
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with the WD’s progenitor star during the post main-sequenceevolution (similar to Tout

et al. 2008 for binary star mergers). Material was then accreted onto the star from a disc

formed from a tidally disrupted minor planet or asteroid.

Figure 6.1: Light curve of LHS 2534 showing photometric variability over∼ 5 days with
a peak-to-peak amplitude of>5%. This DZ MWD was observed with the 2.5 m INT in
La Palma in March 2012 in ther ′-band as part of the survey to search for photometric
fluctuations in MWDs (Chapter 2).

Similarly, phase-resolved spectroscopy over the rotationperiod of LHS 2534 could de-

termine whether metal abundances change as the MWD rotates and whether the accre-

tion was confined to the magnetic poles of the star. Since the spin period is not well-

constrained, approximately ten spectra could be taken at intervals over a month to ad-

equately cover all predicted periods and unambiguously determine the rotation period.

Similar to Farihi et al. (2011b), this would be achieved by measuring changes in the

radial velocity of the stationary components of the Zeeman split lines. Searching for

variations in the metal line strengths with phase could indicate whether the metals are

uniformly distributed across the surface or concentrated at the magnetic poles, where they

might be expected to have been accreted. Furthermore, sincemetal abundances in DZs

and DAZs are normally calculated assuming a homogeneous distribution across the star’s

surface, this assumption could be tested, where abundance and mass estimates could be

revised accordingly. Finally, the magnetic field distribution and strength across the whole

star could be investigated and mapped by modelling changes in the Zeeman splitting.
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Field distributions of rotating MWDs have shown they are usually highly inhomogeneous

(Külebi et al. 2009).

6.2.2 Photometric variability of hot DQ WDs & DZ/DAZ MWDs

Following the discovery of photometric variations over days in a hot DQ (Chapter 3) and

a metal-rich cool DZ MWD, a proposal was submitted to observea sample of these stars

with the INT in La Palma to identify further examples. We wereawarded 7 nights in

April 2013 to observe 12 hot DQs (including 9 new candidates from the SDSS DR7) and

19 DZ/DAZ MWDs for photometric variability on both short (minutes – hours) and long

timescales (days).

Hot DQ White Dwarfs

SDSS J0005-1002 is the only hot DQ WD that has been tested for variability on long

timescales of days and therefore all hot DQ WDs should be monitored for long period

modulations as an indicator of rotation and magnetism. Spinperiods on the order of days

is consistent with the general WD population. Photometric fluctuations are expected in

∼40% of MWDs, potentially indicating the presence of a previously unknown magnetic

field. As suggested in Chapter 3, the photometric variability in some hot DQs, which

exhibit single mode pulsations, may be rapid rotators rather than pulsators, while a hot DQ

could also display both pulsations on short timescales and variations on long timescales

due to rotation.

DZ/DAZ Magnetic White Dwarfs

The metals in the atmospheres of these WDs are thought to be accreted from asteroidal

material. Some DAZs have debris discs, while DZs do not, since the material is long last-

ing in their helium atmospheres and their discs dissipated long ago (Farihi et al. 2010).

Spin periods of DZ/DAZ MWDs would allow time-resolved spectroscopy to be carried

out, to investigate how the metal lines vary across the surface with rotation, as outlined
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in §6.2.1. Since there is evidence of planetary debris at some magnetic DZs and DAZs, it

is possible they formed from the merger with a giant planet (as suggested by Farihi et al.

2011b). Furthermore, by determining rotation periods due to photometric variability for

many metal-rich MWDs, their rotation rates and correlations with magnetic field strength,

temperature, mass and cooling age can be investigated to ascertain whether they are con-

sistent with known merger products, which would further theargument that they formed

from a merger/tidal disruption event.

6.2.3 Continual monitoring of RE J0317−853

As suggested in Chapter 5, observations of RE J0317-853 needto be continued over the

following years. Figure 5.13 of RE J0317-853’s O – C data, with a model of the orbital

motion, illustrates that observations over∼ 10 years could help to constrain the eccen-

tricity of the orbit and the orbital period. A dynamical estimate for the orbital period

could help constrain the total mass of the binary system, providing a model-independent

estimate for the (uncertain) mass of the MWD RE J0317-853. Furthermore, observations

over future years could yield a more accurateṖ measurement, perhaps strengthening the

evidence for the rate of period change (Ṗ) being caused by the reflex motion of the double-

degenerate pair.

Intensive monitoring over another observing season (mid-August to January) could pro-

vide sufficient data for the O – C analysis to determine whether the fluctuations on 1.806

years (Fig. 5.14, or 0.49 years for the O – C residuals to the parabolic fit in Fig. 5.17)

are significant or not. DedicatedSpitzerIRAC observations over the rotation period of

RE J0317-853 could improve the upper limit on an unresolved planetary companion,

and therefore, in conjunction with the timing results, the tentative planetary companion

could be either confirmed or ruled out. The periodicity analysis of the O – C data points

(P ≈ 1.806 years) in Figure 5.14 indicate that observations over the upcoming 2013/2014

observing season should occur in a minimum of the O – C sinusoid, if the periodic signal
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is real and correct. Therefore, another concerted observing campaign at SAAO between

August 2013 and January 2014 may help to determine whether this periodicity in the O –

C data points is physical.

If this is confirmed as a bona fide planet orbiting RE J0317-853it would be the first

planet detected around a WD. The presence of an actual planetorbiting a WD would

place constraints on the size and distance of planets orbiting WDs and the survival of

planetary systems through the host stars’ post main-sequence evolution. With theoretical

models, the formation mechanism of the planet and WD could befurther explored and,

for example, possibly determine whether the massive, highly magnetic WD formed via a

merger and if the tentative planet formed as a result of the merger or if it was orbiting one

of the stars in the binary prior to merging.

6.3 Summary

In conclusion, this thesis has presented results from photometric variability surveys of

MWDs to determine rotation periods on both short (minutes – days) and long timescales

(months – years), to better understand the distribution of spin periods of isolated MWDs.

Periods of variability measured range between hours and a few days, consistent with pre-

viously reported rotation periods. The relationships between their physical properties and

rotation can provide hints into the formation mechanism of MWDs and the origin of the

magnetic fields. The spin period evolution of the MWD RE J0317-853 has also been ex-

amined using nearly 20 years of observations. A rate of period change is detected which

is consistent with the rate of period change expected from the orbital motion between

RE J0317-853 and its non-magnetic white dwarf companion LB 9802, assuming a posi-

tion angle in the orbit ofθ = 45− 57◦ and inclination angle ofi = 24.7 − 56.8◦. It is

shown that spin-down from magnetic dipole radiation will only effect the MWDs with the

strongest magnetic fields and therefore will not be detectable in the majority of the known
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rotating MWDs. Finally, the possibility of planets surviving the post main-sequence evo-

lution to the WD stage is discussed, since there is tentativeevidence for the presence of a

planetary companion orbiting RE J0317-853 in the O – C data.
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Chapter 2: Photometric Variability and

Rotation in Magnetic White Dwarfs

A.1 Variable MWDs with well-determined periods

Figure A.1: SDSS J0005-1002 – light curve taken in r′ filter in October 2009, floating-
mean periodogram and light curve folded onP = 2.13± 0.05 d.

Figure A.2: G 158-45 – light curve taken in V filter in October 2009, floating-mean
periodogram and light curve folded onP = 44.43± 0.12 min.

213



Appendix A. Chapter 2: Photometric Variability and Rotation in MWDs 214

Figure A.3: MWD 0159-032 – light curve taken in V filter in October 2009, floating-mean
periodogram and light curve folded onP = 5.82± 0.01 h.

Figure A.4: LHS 5064 – light curve taken in V filter in October 2009, floating-mean
periodogram and light curve folded onP = 7.72+0.58

−0.42 d.

Figure A.5: LHS 1734 – light curve taken in V filter in October 2009, floating-mean
periodogram and light curve folded onP = 2.61± 1.29 d.

Figure A.6: LB 8915 – light curve taken in V filter in October 2009, floating-mean peri-
odogram and light curve folded onP = 5.694± 0.006 h.
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Figure A.7: G 195-19 – light curve taken in V filter of all of thedata, floating-mean
periodogram and light curve folded onP = 1.2285± 0.002 d.

Figure A.8: PG 1015+015 – light curve taken in V filter in March2012, floating-mean
periodogram and light curve folded onP = 98.84+0.14

−0.07 min.

Figure A.9: LHS 2273 – light curve taken in V filter in March 2009, floating-mean peri-
odogram and light curve folded onP = 40.14± 0.60 min.

Figure A.10: SDSS J1250+1549 – light curve taken in i′-band in May 2010, floating-mean
periodogram and light curve folded onP = 1.55± 0.06 h.
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Figure A.11: SDSS J1348+3810 – light curve taken in r′ filter in March 2012, floating-
mean periodogram and light curve folded onP = 40.02+1.14

−0.02 min.

Figure A.12: SDSS J2218-0000 – light curve taken in r′ filter of all of the data, floating-
mean periodogram and light curve folded onP = 3.493± 0.004 h.

Figure A.13: SDSS J2218-0000 – light curve taken in r′ filter in October 2009, floating-
mean periodogram and light curve folded onP = 3.487± 0.007 h.

Figure A.14: SDSS J2218-0000 – light curve taken in r′ filter in July 2011, floating-mean
periodogram and light curve folded onP = 3.497± 0.008 h.
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Figure A.15: SDSS J2257+0755 – light curve taken in r′ filter of all of the data, floating-
mean periodogram and light curve folded onP = 22.56± 0.42 min.

Figure A.16: SDSS J2257+0755 – light curve taken in r′ filter in October 2009, floating-
mean periodogram and light curve folded onP = 35.25± 0.02 min.

Figure A.17: SDSS J2257+0755 – light curve taken in r′ filter in July 2011, floating-mean
periodogram and light curve folded onP = 22.34± 0.53 min.
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A.2 Variable MWDs with poorly constrained periods

Figure A.18: LHS 1038 – light curve taken in V filter in July 2011, close-up of light curve
and floating-mean periodogram, with a possible period ofP = 3.438± 0.004 h.

Figure A.19: SDSS 0017+0041 – light curve taken in r′ filter in July 2011, close-up of
light curve and floating-mean periodogram, with a possible period betweenP = 1.28−
19.44 h.

Figure A.20: SDSS J0142+1315 – light curve taken in r′ filter in July 2011, close-up of
the light curve and floating-mean periodogram, with a possible period ofP = 9.69± 2.68
h.

Figure A.21: KPD 0253+5052 – light curve taken in V filter in July 2011, close-up of
light curve and floating-mean periodogram, with a possible period ofP = 1.05± 0.46 d.
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Figure A.22: SDSS J0318+4226 – light curve taken in r′ filter in July 2011, close-up of
light curve and floating-mean periodogram, with a possible period ofP = 15.04± 0.09 h.

Figure A.23: SDSS J1035+2126 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 1.3− 4.1 d.

Figure A.24: SDSS J1214-0234 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 10.7 h – 4.0 d.

Figure A.25: SDSS J1333+0016 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 3.7 h – 2.1 d.
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Figure A.26: SDSS J1508+3945 – light curve taken in r′ filter in July 2011 and the
floating-mean periodogram, with a possible period betweenP = 16.7− 53 min.

Figure A.27: SDSS J1604+4908 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 18.2 h – 3.5 d.

Figure A.28: SDSS J1647+3709 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 84− 190 min.

Figure A.29: SDSS J2046-0710 – light curve taken in r′ filter in July 2011, a close-up
on a region of the light curve and the floating-mean periodogram, with a possible period
betweenP = 1.8− 7.7 h.
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Figure A.30: SDSS J2323-0046 – light curve taken in r′ filter of all of the data and
floating-mean periodogram, with a possible period betweenP = 14.3 h – 3.0 d.

Figure A.31: SDSS J2323-0046 – light curve taken in r′ filter in October 2009, a close-up
of the light curve and floating-mean periodogram, with a possible period ofP = 4.59±
0.75 h.

Figure A.32: SDSS J2323-0046 – light curve taken in r′ filter in July 2011, a close-up of
the light curve and floating-mean periodogram, with a possible period betweenP = 5.1 h
– 1.2 d.
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A.3 MWDs where no variability is found

Figure A.33: SDSS J0211+2115 – light curve taken in r′ filter in October 2009, a close-up
of the light curve and floating-mean periodogram.

Figure A.34: HE 0330-0002 – light curve taken in r′ filter in October 2009, a close-up of
the light curve and floating-mean periodogram.

Figure A.35: G 99-37 – light curve of all of the data and floating-mean periodogram.

Figure A.36: G 99-37 – light curve taken in V filter in March 2009, a close-up of the light
curve and the floating-mean periodogram.
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Figure A.37: G 99-37 – light curve taken in V filter in October 2009, a close-up of the
light curve and the floating-mean periodogram.

Figure A.38: G 99-47 – light curve of all of the data and floating-mean periodogram.

Figure A.39: G 99-47 – light curve taken in V filter in March 2009 and the floating-mean
periodogram.

Figure A.40: G 99-47 – light curve taken in V filter in October 2009, a close-up of the
light curve and the floating-mean periodogram.

Figure A.41: G 234-4 – light curve of all of the data and floating-mean periodogram.
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Figure A.42: G 234-4 – light curve taken in V filter in March 2009, a close-up of the light
curve and floating-mean periodogram.

Figure A.43: G 234-4 – light curve taken in V filter in March 2010, a close-up of the light
curve and floating-mean periodogram.

Figure A.44: HE 1045-0908 – light curve taken in V filter in March 2009 and floating-
mean periodogram.

Figure A.45: SBS 1349+5434 – light curve taken in V filter in March 2009, a close-up of
the light curve and floating-mean periodogram.
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Figure A.46: PG 2329+267 – light curve taken in V filter in October 2009, a close-up of
the light curve and floating-mean periodogram.

Figure A.47: G 99-47 variable comparison star – all of the data, its floating-mean peri-
odogram and light curve folded onP = 108.57± 2.22 min.

Figure A.48: G 99-47 variable comparison star – light curve taken in V filter in March
2009, floating-mean periodogram and the light curve folded on P = 103± 4 min.

Figure A.49: G 99-47 variable comparison star – light curve taken in V filter in October
2009, its floating-mean periodogram and the light curve folded onP = 4.9± 0.6 h.
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B.1 Spot model analysis for RE J0317–853
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Figure B.1: Contour plots ofχ2 for the two dark spot model of constant luminosity.
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Figure B.2: Contour plots of the K-S test statistic for the two dark spot model of constant
luminosity.
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Figure B.3: Contour plots ofχ2 for the two dark spot model with a linearly changing
luminosity.



Appendix B. Chapter 4: Long Term Monitoring of RE J0317−853 240

Figure B.4: Contour plots of the K-S test statistic for the two dark spot model with a
linearly changing luminosity.
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Figure B.5: Contour plots ofχ2 for the two dark spot model with an exponentially chang-
ing luminosity.
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Figure B.6: Contour plots of K-S test statistic for the two dark spot model with an expo-
nentially changing luminosity.
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Figure B.7: Observed light curves and models with the best-fitting parameters for two
symmetric dark spots of constant luminosity.
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Figure B.8: Observed light curves and models with the best-fitting parameters for two
symmetric dark spots of linearly changing luminosity.
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Figure B.9: Observed light curves and models with the best-fitting parameters for two
symmetric dark spots of exponentially changing luminosity.
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Külebi B., Jordan S., Euchner F., Gänsicke B. T., Hirsch H., 2009,A&A, 506, 1341
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